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ABSTRACT

We present a theoretical model that computes the chemical evolution, thermal balance, and line emis-
sion from the collapsing gas of the envelopes that surround protostars. This is the first attempt to calcu-
late self-consistently the line spectrum from the infalling gas with a model that includes dynamics,
chemistry, heating and cooling, and radiative transfer. For the dynamics, we have adopted the Shu
“inside-out” spherical collapse of an isothermal cloud valid for r > r,, where the centrifugal radius r, ~
1014-10!% cm. A time-dependent chemical code follows the chemical composition of the envelope during
the collapse.

The main chemical result is that the inner regions (r < 10*3 ¢cm) have high H,O abundances caused by
the evaporation of H,O ice from grains when dust temperatures exceed ~100 K and by gas-phase
chemical reactions when gas temperatures exceed ~200 K. The gas is heated mainly by absorption of
(dust continuum) near-infrared (NIR) photons by H,O molecules in the inner regions, by compressional
heating in an intermediate zone, and by collisions of gas with warm dust grains in the outer regions
(r = 10'7 cm). The gas is cooled by H,O rotational lines in the inner regions, by the [O 1] 63 um fine-
structure line and CO rotational lines in the intermediate region, and by CO rotational lines in the outer
zones. The gas temperature roughly tracks the grain temperature for 10! cm < r < 10'7 cm, ranging
from about 300 K to 10 K.

We present the computed spectrum of a 1 M, protostar accreting at a rate of 107> My yr~ ' The
H,O lines and the [O 1] 63 um line will be easily detectable by the spectrometers on board the Infrared
Space Observatory (ISO). The [O 1] 63 um line and the mid J (J ~ 7-15) CO lines can be detected by
the Kuiper Airborne Observatory (KAO) or the Stratospheric Observatory For Infrared Astronomy
(SOFIA), and certain low-J CO lines can be detected by ground-based telescopes. We present also a
large number of other models in which we test the sensitivity of the spectrum to the variations in the
three main parameters of our model: the inner radius of spherically symmetric infall (e.g., the centrifugal
radius), the amount of H,O ice evaporated into the gas, and the mass accretion rate. We show how H,O
lines, CO lines, and the [O 1] 63 um line can be used to estimate these three parameters and how resolv-
ed line profiles will show the velocity signature of the collapse. Comparison between an infalling and
static envelope with similar density, chemical, and dust temperature structure shows that line fluxes
alone are not enough to unmistakably distinguish the two cases. Observable H,O masers may be pro-
duced in the innermost collapsing gas at r ~ 4 x 10!* cm.

Subject headings: circumstellar matter — line: formation — masers — stars: formation —

stars: pre-main-sequence

1. INTRODUCTION

Stars form by the collapse of molecular cloud cores. For
low-mass (M, < 4 M) stars, the luminosity of a protostar
is derived mainly from the gravitational energy of the infall-
ing gas. This accretion luminosity is absorbed by the cir-
cumstellar dust and reradiated as infrared continuum. Con-
siderable theoretical work has focused on the resulting con-
tinuum spectrum (see, for example, Adams & Shu 1985,
1986; Wolfire & Cassinelli 1986; Natta 1993; Whitney &
Hartmann 1993).

In this paper we present a theoretical model for the infra-
red and submillimeter line spectrum produced by the infall-
ing gas around low-mass protostars. We include chemistry,
thermal balance, radiative transfer, and a simple spherical
collapse model (Shu 1977) in order to calculate the time-
dependent gas temperature profile and line spectrum of the
infalling gas. We show how the line fluxes provide a unique
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diagnostic of the density, temperature, and chemical struc-
ture at characteristic distances of 10'4~10'6 ¢m. Line pro-
files and line widths diagnose collapse and velocity
structure, and, together with the line fluxes, the mass infall
rate. The derived mass infall rate can be compared to the
accretion luminosity in order to diagnose whether the mass
accretion flow inside r < 10'* cm is steady, or whether it is
time dependent, producing low-luminosity intervals inter-
spaced with FU Orionis outbursts as in some current
models (Bell & Lin 1994).

The adopted spherical collapse of Shu (1977) assumes
that cores begin the collapse to form a low-mass star from
an initial isothermal equilibrium state in which the gas
density n oc r~2. The collapse begins at the (singular) center
and moves outward at the sound speed, the so-called inside-
out collapse. The mass accretion rate M is constant in time
and depends only on the sound speed in the isothermal
core; typically M ~ 10”5 M yr~!. If this mass accretes
steadily onto a 1 M central star, the accretion luminosity
L, is ~60 Lg. This luminosity heats the dust grains to
temperatures >100 K at a characteristic distance of 10>
cm. The molecular hydrogen density of the infalling gas at
this distance is ~107 cm ™3,
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Terebey, Shu, & Cassen (1984) included rotation in the
collapse calculation. They showed that significant depar-
tures of spherical symmetry occur for r < r,, where r, is a
“centrifugal radius ” determined by the angular momentum
of the initial core. Inside r,, a rotationally supported
Keplerian disk is formed and spherical collapse no longer
applies. Typically, r, ~ 10'4-10'° cm, and therefore we
assume that the spherical free-fall collapse solution ceases at
an inner radius r; ~ r.. Galli & Shu (1993a, 1993b) have
shown that the presence of an ordered magnetic field
through the molecular core may alter the spherical infall at
distances r < 10'% cm, due to the interaction of the infalling
neutral gas with the trace amounts of charged particles tied
to the magnetic field. The bulk of the infall is thereby chan-
neled to a thick “pseudo disk ” whose plane is perpendicu-
lar to the average field direction. The disk is “pseudo” in
the sense that it is not rotationally supported, but simply a
flattened configuration. Once channeled to the equatorial
plane and incorporated into the “ pseudo disk,” the infalling
material continues to fall radially toward the central star
until it hits the Keplerian disk at r ~ r,. The model pro-
posed in this paper does not apply strictly to such an infall,
but it may provide a first approximation even in this case.

To date, solid observational evidence for collapse is scant.
Observational searches for velocity signatures have been
performed at millimeter wavelengths, using the low-
excitation transitions of trace molecules such as CO and CS
to probe the infall (e.g., Zhou 1992; Zhou et al. 1993; Zhou
1995; Choi et al. 1995). Zhou (1995) and Choi et al. (1995)
have arguably made the most convincing observation in the
source B335. However, these millimetric transitions tend to
be dominated by emission at distances greater than 106 cm
from the protostar, where the infall velocity (<1 km s~ ') is
comparable to turbulent and other macroscopic velocity
fields, making the unambiguous detection of infall difficult.

Another approach has been to compare continuum
observations with the continuum predicted by theoretical
infall models. In the Shu (1977) collapse, the infalling region
has a density profile n ~ r~32, Several authors (Butner et
al. 1991; Barsony & Chandler 1993; André, Ward-
Thompson, & Barsony 1993) have searched for evidence of
such density profiles using far-IR continuum measurements.
Although a few cases appear consistent with n ~ r~3/2, the
uncertainties in grain IR emissivities, for example, make it
difficult to definitively prove infall by this method.

This paper is the first attempt at self-consistently calcu-
lating the line spectrum from the infalling gas by including
dynamics, chemistry, heating and cooling, and radiative
transfer. However, several earlier theoretical papers have
analyzed some aspects of the problem. Gerola & Glassgold
(1978) followed the time-dependent chemistry of the col-
lapse of a massive cloud (M = 2.5 x 10* M). Tarafdar et
al. (1985) followed the time-dependent chemistry of the col-
lapse of an initially constant density diffuse cloud, focusing
on the hydrodynamics and the chemical evolution of the gas
atr 2 10'® cm. The gas temperature was not calculated but
estimated “empirically,” and no spectra were calculated.
Walker, Narayan, & Boss (1994) linked hydrodynamics and
radiative transfer to produce millimeter and submillimeter
line profiles from nonspherical, collapsing, rotating proto-
stellar systems.

In § 2 we describe our theoretical model, which includes
dynamics, chemistry, detailed radiative transfer, and energy
balance (heating and cooling). In § 3 we outline our compu-

tational method, and in §§ 4—6 we present the results, which
include the radial dependence of the chemical composition,
the heating and cooling, and the gas temperature as well as
the resultant emitted spectrum. Finally, in § 7 we compare
our estimated line fluxes with the available observed data.
Section 8 summarizes the main results of the paper.

2. THE MODEL

The computation of the line emission from a collapsing
envelope surrounding a protostar involves the simultaneous
solution of several problems: the dynamical evolution of the
envelope, the chemical evolution of the infalling gas, the
radiative transfer in the cooling lines, and the thermal
balance of the gas and dust as the central object increases in
mass and luminosity. In this work we use a modular
approach to the problem, partially separating these four
parts and checking a posteriori the self-consistency of the
results.

2.1. The Structure and Dynamics
of the Protostellar Envelope

2.1.1. Gasdynamics and Core Evolution
We assume that the initial state of the envelope is
described by an isothermal sphere in hydrostatic equi-

librium (Shu 1977). The molecular hydrogen number
density distribution ny,(r) is then given by

2

a _
nHz(r) = 2nﬂmH G r 2
—63x 10— Vr2em®, @)
e 035kms~t) " ** ’

where a is the sound speed, my is the hydrogen mass, u
is the mean molecular mass in amu units, equal to 2.8, r is
the distance from the center, r,5 = r/10'° cm, and G is the
gravitational constant.

At t = 0, the equilibrium is perturbed and the collapse
starts from inside out, propagating with the sound speed
(Shu 1977). In the inner collapsing regions, the density is
described by the free-fall solution:

1 M\ _,
=— | — —3/2
Palr) 4 pumy <2Gt) r

=22 x 107<M

57'15

1/2
) cm™3. (2)

The free-fall velocity is given by

T\ 1/2 /2
ur) = <2Gth) =5. 15( - Sts) kms™', (3)
1

5

where M is the mass accretion rate, related to the sound
speed by

a’ a 3 L
M=0975—==10"5———) Mgoyr''. 4
0975 =10 <o.35 km s-l) oy . (4
M _5is M in units of 1075 M yr™?, and ts is the time t in
units of 10° yr.

The protostellar envelope therefore includes both the free
fall region (eq. [2]) and the outer static region (eq [1]). The
interface of these two regions moves outward in time at
roughly the sound speed. We use the complete solution for
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the inside-out collapse given by Shu (1977). Moreover, in
the standard model we assume that during the collapse the
core accretes its mass M, at a constant rate M (Stahler,
Shu, & Taam 1980). The gravitational energy of the col-
lapsed mass is released radiatively as material falls onto the
core radius R, (which is a function of M, and M: Stahler
1988), so that the luminosity L,, of the central object is

GM M M,)\.. _
L* = R:: = 22<M—;)M_5 R121 L@ Py (5)
where R;, = R,/10'? cm. We also run a model with a lower
value of L, corresponding to accumulation of mass in the
disk. In addition, the mass accretion rate onto the protostar
may be somewhat less than the infall accretion rate if a

strong protostellar wind is launched from the disk at
R >R,.

2.1.2. The Dust Model

As material accretes onto a protostar, most of the result-
ant luminosity is absorbed by the dust in the envelope. We
adopted the Adams & Shu (1985) model for the dust tem-
perature profile of the envelope. In this model, the dust
temperature T is given by the combination of two terms
that account for the optically thick and thin parts of the
envelope, respectively:

T(1)* = @T,ris/%* + (BT,ris%)*, (6
where
. M —-1/6 L 1/3

- 13 % ot 4

T,=164M_s) <Mo) <L0> K, ()
1/5
T, = 47.0<h> K. (8)
Lo

The two coefficients « and f have been tabulated by
Adams & Shu (1985) for different mass accretion rates and
masses of the core, as best fits to the results of their radiative
transfer computations. The values for our standard model
(Ly=65 Lo, M, =1 Mg, and M_5 = 1) are a« = 0.623
and f = 1.45.

In order to calculate the IR continuum radiation field
from the dust and to calculate the dust extinction for the
emergent line emission from the gas, it is necessary to
specify the wavelength-dependent dust opacity. For A < 20
um, we adopted the dust opacity curve by Koornneef (1983)
(see also Draine 1988), while for 4 > 20 um we used the dust
opacity from Adams & Shu (1985).

2.2. Chemistry
2.2.1. Time-dependent Chemical Model

Our standard case adopts for the initial conditions the
equilibrium chemical abundances at t = 0 at the boundary
of the envelope (r ~ 10'7 cm, ny, ~ 10* cm™3), which we
assumed valid at all radii (i.e., density). This is equivalent to
assuming that the chemical composition remained
unchanged during the first phase of the condensation of the
matter into a singular sphere or, in other words, that the
timescale of the condensation was much shorter than the
chemical timescale. The other extreme is that the conden-
sation timescale is much longer than the chemical one (for
example, if the contraction is driven by the ambipolar diffu-
sion; Lizano & Shu 1989), so that one should start from a
situation of chemical equilibrium at each radius (density) of
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the initially isothermal envelope. Fortunately, we have
found that the results are quite independent of the initial
conditions as long as we start with the same abundances of
the initially dominant species H,, CO, O, and O,. In either
of the two initial conditions described above, the abun-
dances (relative to hydrogen nuclei) are the following
radius-independent values: x(H,) = 0.5 (fully molecular),
x(CO) =3 x 1074 (all C in CO), x(O,) = 8 x 10~ (most
remaining O in O,) and x(O) = 4 x 10~ °. The equilibrium
abundances of O and O, are very insensitive to density. In
the initial stages of the collapse, ion-molecule chemistry is
sufficiently rapid to drive the minor species into equilibrium
relative to the major species. However, as the collapse pro-
ceeds and the gas and dust reach temperatures larger than
about 100 K (the so-called hot core phase), H,O rapidly
becomes a major species, the gas-phase chemistry does not
have time to adjust to equilibrium, and time-dependent
chemistry is required (Brown et al. 1989; Charnley, Tielens,
& Millar 1992).

Hence, we solve the time-dependent equations for the
chemical composition, taking into account that the chemi-
cal species fall continuously from the outer to the inner
regions of the envelope.

2.2.2. The Chemical Network

In this work, our first aim is to compute the gas tem-
perature profile and the emission spectrum of the dominant
coolants such as O, CO, and H,O. Thus, the main purpose
of the chemical network is to compute the abundance of
these three species. Our network, detailed in Appendix A,
included a total of 44 species, most being oxygen- and/or
carbon-bearing molecules, and 182 gas-phase reactions. We
include polycyclic aromatic hydrocarbons (PAHs) and their
ions in the chemistry in order to follow the charge balance
of the dense gas.

The gas-phase elemental abundances per H nuclei are
reported in Table 1. Values are those given by Jenkins, Jura,
& Loewenstein (1983) for { Oph, for which the carbon
abundance is their upper limit, equal to the value in the
Orion Nebula (Peimbert 1982).

2.2.3. H,O Formation

Since H,O is a key molecule in the cooling of the gas, we
will consider its formation processes in some detail. At low
temperatures H,O is formed mainly through standard ion
molecule chemistry by the dissociative recombination of the
H,0" ion, whose formation can be traced to the cosmic-ray
ionization of H,.

At dust temperatures above about 100 K, icy grain
mantles evaporate, injecting a large amount of water into
the gas phase. IR observations of objects embedded in or

TABLE 1

ADOPTED GAS-PHASE ELEMENTAL
ABUNDANCES (WITH RESPECT

10 H NUCLEI)
Element Abundance

He ccovvvviviiniinnnnn 0.1

[0 J PN 50E—4
Coreriiiiieieenn, 30E-4
) PN 8.0E—7
S 8.0E—6
Mg.oviiiiieiianennnn 1.3E—6
Feoviiiiiiiiiinen, 2.5E—-17
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located behind molecular clouds show that typically about
10% of the elemental oxygen is in the form of H,O ice
(Tielens 1993). Hence, in our standard model we assume
that 10% of the elemental oxygen is injected into the gas
phase as H,O when the dust temperature reaches 100 K,
the sublimation temperature of H,O ice at the low pres-
sures of the envelopes.

Finally, when the gas temperature exceeds about 200 K,
reactions with sizable activation barriers start to be effi-
cient, and H,O formation is dominated by the reaction
sequence: O + H, - OH + H;H, + OH - H,0 + H.

2.3. Radiative Transfer and Level Population Calculation

The gas is cooled primarily by the [O 1] fine-structure
lines and the CO and H,O rotational lines. In order to
calculate the gas cooling, we solve the equations of sta-
tistical equilibrium for the level populations:

Niev

nu Z (Aul + Bul Jul + Cul + Rul)
=1

Niev

= 121 n(Ay + By Ju + Cu + Ry, (9)

Niev

Z nl = nx ’ (10)
=1

where A, is the spontaneous transition rate (4,, = 0 when
u <), B, and B,, are the stimulated emission and absorp-
tion coefficients, J,, is the mean intensity of the radiation
field at frequency v,,;, C,, is the collisional rate, and R,; is an
extra term associated with the NIR photons pumping rate
from level u to level I, that we will discuss in detail below.
These equations form a highly nonlinear system because the
radiation field J,, has contributions both from dust and
from the line emission in the gas.

2.3.1. Radiative Transfer in Presence of Warm Dust

The treatment of the radiative transfer simplifies greatly
in the escape probability formalism (Takahashi, Hollen-
bach, & Silk 1983):

nu z (Aul €ul + Bul J,ul + Cul + Rul)
[]
= Z nl(Alu €lu + Blu J;u + Clu + Rlu) ’ (11)
]

where

;u = J:ll = (Eul - "ul)B(T:i) H (12)

is the photon background at the frequency of the u to I
transition and is due only to the dust, B(T}) is the blackbody
function at the dust temperature T},

ka ky

Stk ot k) (13)
is the escape probability from line absorption, and
1
Nu = m kﬂ ’ (14)

is the escape probability from dust absorption. Here k; and
k, are the line and dust absorption coefficients, respectively:

he
L= 8mAv (nlBlu - nuBul) > (15)
th
kd = Kd 2nH2 ’ (16)
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where Avy, is the thermal velocity width and K is the dust
cross section per hydrogen nuclei. Finally, k,, is the integral
over the solid angle dQ, given by the following expression:

= fidﬂ 1 —exp [—(k; + k;)AL]
“ ) ALy, ‘

AL,, is the size of the line-trapping region, which in the case
of accelerated inflow is equal to
-1
) ; (18)

in the direction that forms the angle arccos(u) with the
radial outward direction (Castor 1970). To take into
account the finite dimension of the envelope, the actual
value of AL, is the minimum between the value given by
equation (18) and 4r[1 — (r/R.,,)'/*]. In the static region,
the line-trapping length has been approximated by its
density-weighted minimum value ALy, =r(1 —r/R.,,),
where R.,, is the radius of the envelope.

The escape probability formalism is not strictly appli-
cable to the case of an accelerating infall velocity field
because the hypothesis of local radiation trapping fails:
each point of the envelope is radiatively coupled with a
surface, and the problem should be solved iteratively to find
the self-consistent solution of the coupled regions (Grachev
& Grinin 1975; Marti & Noerdlinger 1977; Rybicki &
Hummer 1978). On the other hand, the exact solution of the
radiative transfer in this case would be prohibitive. Our first
goal is the computation of the gas temperature profile and,
for this purpose, the approximation of neglecting the radi-
ative coupling between different regions of the envelope
does not affect the results significantly, since in practice the
hot coupled region does not subtend a large solid angle to
the cold coupled region (see also Rybicki & Hummer 1978
for a discussion of the error associated with this
approximation).

2.3.2. NIR Photon Pumping

At each radius r, CO and H,O molecules can be excited
both by the IR continuum due to the warm dust at the same
radius r and by the hot dust closer to the center at ryy (see
Appendix B), whose NIR photons pump vibrationally and
redistribute the molecules rotationally. The lifetime in the
vibrationally excited states is so short that the molecules
decay essentially instantaneously to rotational levels of
v = 0. The net result of the NIR pumps is a redistribution of
the v = 0 rotational levels, which we characterize by rota-
tional excitation and de-excitation rates R,, and R, into
and out of level u (see egs. [9] and [11]).

The importance of this pumping depends on the inner
dust temperature Tyg, on the dilution factor W, that
accounts for the solid angle filled by the hot surface, and on
the extinction Ty between r and ryR. In our model we take
into account numerically the contribution from regions at
distances less than the dust evaporation radius (where the
dust temperature is higher than 1600 K) for which 7y is
less than or equal to 5. Note that for the calculation of the
NIR pumping, we include the emission by very warm dust,
which lies inside r;. Appendix B provides details of the
pumping calculation.

2.3.3. Atomic and Molecular Data
We consider the [O 1] fine-structure lines and the CO and

a7

3

v
ALﬂl = 2Avth<; 1 - 5 l,l2
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H,O pure rotational lines. The [O 1] data are taken from
Launay & Roueff (1977).

For CO, we consider the first 50 rotational levels of the
ground and first vibrational state. For temperatures greater
than about 25 K, we follow Hollenbach & McKee (1979)
and McKee et al. (1982) for the analytical formulation of the
CO collision de-excitation coefficients. For lower tem-
peratures, we use the collision de-excitation coefficients
given by Flower & Launay (1985) for the first 11 levels.

For H,O, we consider the first 45 levels of the ground and
of the v, = 1595.0 cm ! vibrational state of ortho and para
water. We assumed a ratio of 3:1 between ortho and para
water. The spontaneous emission coefficients and the level
energies were taken from the HITRAN database (Rothman
et al. 1987), version of 1992 February. The collisional coeffi-
cients for the pure rotational transitions are from Green,
Maluendes, & McLean (1993).

2.4. Energy Balance

Various processes contribute to the heating and cooling
of the gas: (i) compression of the collapsing gas, (i) gas-
grain collisions that transfer the energy from the dust to the
gas (if the dust is warmer) or vice versa, and (iii) absorption
of dust continuum photons, followed by collisional de-
excitation. Cooling is dominated by fine-structure line emis-
sion of [O 1] and rotational line emission by CO and H, O.

2.4.1. Cooling and Heating by Line Emission and Absorption
The net cooling rate A for a given species is given by

A= Z hvul(nl Clu —n, Cul) . (19)
u,l

Using equation (9) for the statistical equilibrium of the level
population, equation (19) can be rewritten as

A= Zl hvul Aul €y nu<1 - S_“’) + Zl hvul("’u Rul - m Rlu) s

(20)

where S,; is the source function. The first sum represents the
line emission, while the second sum represents the (negative)
cooling due to the energy input from the NIR photon
absorption. To clarify this equation, we define A, as the
cooling rate when the NIR radiation field is zero. Then the
following relation holds:

A=A, — Z kv (m Ry, — n,Ry)
u,l

+Z hvul Aul €4 Anu<1 - S_ul> ’ (21)
u,l ul

where An, is the variation of the level population caused by
the NIR photon absorption. Equation (21) can be inter-
preted easily: the efficiency of gas cooling is reduced by the
presence of the hot inner dust, and the second and third
terms together represent the heating (negative cooling)
resulting from the NIR photon absorption. The second
term describes the rotational energy in v = 0 excited by the
NIR radiation field, and the third term corrects this
“heating” term for the energy emitted by radiative decay;
that is, only those pumping events that are followed by
collisional de-excitation from level u to I lead to heating of
the gas. The remainder is merely redistributed in frequency
from the NIR to the frequency of the u — [ transition. If this
heating term is greater than the cooling rate, the molecule
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acts as a heat source, coupling the gas to the high-
temperature (NIR) radiation field produced by the hotter
material near the star.

In general, however, this effect does not lead to a net
heating by CO or H,O but results in a decrease of the
cooling efficiency of the molecule. The heating rate from this
NIR photon pumping can thus be expressed as

I'vw = Z;, hv (m Ry, — n,R,)

=Y hvyAgea Anu<1 — —"’) . (22)
u,l Sul
In the thermal balance, we will consider A, as the cooling
term and 'y as a heating term.

Appendix B shows how the NIR heating can be solved
analytically with some simplifying assumptions for the case
of the CO molecule in rotational LTE. In the limit of
Tur > Teo, the heating becomes

Lo = 8ngo A, Wye™ ™Re ™ B/MINRE, | 23

where A, ~ 18.9 s~ ! is the spontaneous decay rate from
v = 1to v = 0 (Chackerian & Tipping 1983), E,/k ~ 3126 K
and Ey/k =27 K, and W, is the dilution factor given in
Appendix B in equation (30).

The term that describes the line emission (the first term in
eq. [20]) can itself become a negative term if J' > S (see
Takahashi et al. 1983), e.g.,in the presence of a strong FIR
continuum. The rotational transitions in this case absorb
FIR photons from the dust, and subsequent collisional de-
excitation heats the gas. This case can operate only when
the local dust is warmer than the gas.

Finally, the flux in a given line from a source at distance d
is given by

Fu=7s f W Ay €u nu(l - ;—) dmdr.  (4)

2.4.2. Heating by Gas Compression and Dust-Gas Collisions

Because we anticipate that the gas temperature gradient
is coupled with the shallow grain temperature gradient,
most of the compressional heating will be radiated away. In
this simplifying limit, we can add a “ compressional heating
term” to the balance of gas heating and cooling. This
heating term is given by

5

comp — 5

dn,
dr

where T,,, is the gas temperature and v is the velocity of the
gas in that point. Substituting the density gradient power
law that holds in the collapsing region, equation (25)
becomes

I kT,

gas

, 25)

15 v

1_‘comp = T k’Tgas ; nHz ’ (26)

Gas-grain collisions tend to minimize the dust and gas

temperature differences, being a source of heating when the

dust temperature is higher than the gas temperature and

vice versa. Following Hollenbach & McKee (1979), the
energy exchange rate between the dust and the gas is

8kT,
Ly =ny,ny a'd( nmgﬂs

H2

) - Te @
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where n, and ¢, are the dust density and grain cross section,
respectively, and o ~0.2-1.0) is the accommodation coeffi-
cient (Burke & Hollenbach 1983; Takahashi et al. 1983).

3. COMPUTATIONAL METHOD AND MODEL PARAMETERS

3.1. Computational Method

Figure 1 shows a schematic diagram of the elements of
the computation and their interrelation. The computation
of the line spectrum requires, at each instant of time, know-
ledge of the radial dependences of the gas and dust tem-
perature, the infall velocity, the dust radiation field, and the
abundances of the chemical species. Obviously, the chemi-
cal abundances depend on the gas temperature because of
the temperature sensitivity of the chemical rates, and at the
same time the gas temperature depends on the abundances
of the dominant coolants. Note that the chemical composi-
tion depends also on the dust temperature, since H,O
evaporates from the grains into the gas when the dust tem-
perature reaches 100 K. The heating rate depends mainly
on the dust temperature, which controls gas-grain col-
lisional heating and NIR pump heating, and the free-fall
velocity, which controls the compressional heating. The
NIR pump heating is affected also by the chemical composi-
tion, which determines the abundances of NIR absorbers.

The first great simplification to the problem is the separa-
tion of the dynamical and thermal evolution of the system.
Although in principle they are tied together, we adopted the
“simple” dynamical solution of spherical isothermal col-
lapse and separated the two problems. In addition, the dust
opacity and temperature are taken from the solution of
existing models in literature (Adams & Shu 1985) and are
computed separately.

With this simplification, the behavior of the infalling gas
reduces to the problem of solving the time-dependent chem-
istry and the thermal balance at each point of the envelope
as a function of time. To minimize computational complex-
ity, we followed an iterative procedure. First we solve the
time-dependent chemistry to obtain chemical abundances
assuming the gas temperature to be equal to the dust tem-
perature. Then, using the derived chemical abundances, we
compute the cooling and heating rates from § 2.4 and calcu-
late the gas temperature from the thermal balance. Finally,
we recompute the chemical abundances with the new gas
temperature profile and check that the abundances and
energy line spectra do not change appreciably. One such
iteration generally suffices. After running a number of
models, we found a posteriori that the abundances of the
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dominant coolants O, CO, and H,O can be estimated ana-
lytically at each point (see § 4.2 below). Therefore, utilizing
the analytic estimates, even the single iteration is not neces-
sary, and one can “separate” the chemical and thermal
evolution of the system as well.

The time-dependent equations for the chemical composi-
tion of the envelope are solved using the Gear (1971) algo-
rithm for the solution of “stiff” coupled differential
equations. We have checked the chemical code by running
various cases until steady state is achieved and comparing
the results against previously calculated steady state results.

3.2. The Adopted Parameters for the Models
3.2.1. The Standard Case

Our model depends primarily on three key parameters:
the mass accretion rate, the inner radius r; ~ r,, and the
amount of water evaporated from the grain mantles when
the dust is warm. We considered some reasonable values for
our standard model, but we also ran several cases in order
to study the dependence of our results on these parameters.

Our standard model studies the collapse of 1 M, proto-
star accreting material from its envelope at a rate of 1073
M, yr~?; this value corresponds to a sound speed of 0.35
km s~ . The luminosity of the source increases almost lin-
early with time (eq. [5]); at the end of the collapse (M, =
1 M), it reaches a value of 65 L. We taker; = 3 x 104
cm (~20 AU), since the spherical approximation probably
breaks down closer to the center, at which the presence of a
centrifugal disk plays a major role in the collapse (Terebey
et al. 1984). In the standard case, we evaporate water ice
when the grain temperature reaches 100 K, injecting into
the gas phase an abundance 6 x 10~° of H,O, i.e., 10% of
the cosmic elemental oxygen. The gas-phase elements are
otherwise given as in Table 1, and the initial abundances of
species are given in Table 2. We follow the time evolution of
the infalling envelope and present the results of the compu-
tation at different times.

3.2.2. The Other Cases

We have run 17 other cases with the aim of probing the
sensitivity of the computed line fluxes to the parameters of
the model. To make the comparison and the interpretation
as simple as possible, in the spirit of an “observational
approach,” we considered sources with two different (late-
time) luminosities: a moderate-luminosity source, 20 L,
and a relatively brighter source of 65 L. Observationally,
the luminosity of the source is determined readily from the
measured IR continuum. For each case, we fixed the lumi-
nosity at one of these two values and varied the three key
parameters: the inner radius r;, the amount of water ice on
grains, and the mass accretion rate. Table 3 summarizes the
adopted parameters for all the cases studied.

The value of r;, i.e., the radius at which angular momen-
tum converts spherical accretion into a centrifugal disk,
depends on the initial angular momentum of the core
(Terebey et al. 1984). We varied r; from 3 x 10'4 ¢m to
1 x 10'* cm and 3 x 10! cm. Our goal is to determine
which observable lines are insensitive to r; and can therefore
constrain the other two parameters of the model, and con-
versely, which lines depend strongly on it and can provide
probes of the warm component in the inner region
(r <3 x 10'*cm).

We also varied the fraction of evaporated ice in the warm
regions in which the dust temperature is greater than 100 K
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TABLE 2
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INITIAL FRACTIONAL ABUNDANCES
(WrtH REsPEcT TO H NUCLEI)

Species Abundance
4.1(-5)
1.0(—1)
1.7(—9)
3.9(-5)
4.2(-7)
8.0(—6)
1.3(—6)
2.5(-17)
0.5
8.5(—13)
1.2(—8)
14(—11)
3.0(—4)
8.0(—5)
38(—7)
50(—11)
1.9(-7)
6.3(—10)
1.1(—10)
1.0(—11)
CF i 4.2(—11)
OF i 2.6(—15)
Sit i 4.5(—11)
St s 2.5(—10)
Mg*oiiiiieenes 9.0(—11)
Fet oo, 7.0(—11)
)5 NN 6.0(—14)
CHY ceeviiiiiienene, 3.1(-17)
OH™ ...oiiiniinnnen 1.0(—14)
(60 RPN 2.5(—15)
70 RPN 1.1(-17)
Hy i, 1.1(—10)
CH,, .ccocvvnnnnenenn. 9.0(—17)
H,0" (oo 1.9(—14)
SiHS coviiiiiiienenns 7.5(—13)
HCO™ ...cceennenennen 7.8(—9)
HOSi* ..ooiiinenenns 2.5(—12)
CHY cevvveieneenennen 1.4(—12)
HO" oo 8.0(—10)
> (N 4.9(—18)
PAH........covvennene 9.1(—8)
PAH ....cvevinenene 8.8(—9)
PAH* ....ccieiennene. 2.5(—12)
PAHH" ............... 3.5(—11)

Note—a(b) = a x 10°.

TABLE 3
PARAMETER VALUES FOR EACH MODEL

Model L(L,) MMg) rf{cm) H,0/Oxygen MMy yr™Y)

1...... 65 1.00 3E14 0.10 1E-5
2 ...... 65 1.00 1E14 0.10 1E-5
3. 65 1.00 3E13 0.10 1E-5
4...... 65 1.29 3E14 0.10 SE—6
5...... 65 324 3E14 0.10 2E—6
6...... 65 1.00 3E14 0.00 1E-5
7.t 65 1.00 3E14 0.01 1E-5
8 ...... 65 1.00 3E14 0.30 1E-5
9 ...... 20 0.16 3E14 0.10 1E-5
10 ...... 20 0.16 1E14 0.10 1E-5
1 ...... 20 0.16 3E13 0.10 1E-5
12 ...... 20 0.20 3E14 0.10 S5E—6
13 ...... 20 1.00 3E14 0.10 2E—6
14 ...... 20 0.16 3E14 0.00 1E-5
15 ...... 20 0.16 3E14 0.01 1E-5
16 ...... 20 0.16 3E14 0.30 1E-5
17 ...... 20 1.00 3E14 0.10 1E-5
18%...... 65 1.00 3E14 0.10 0

® Static envelope.

from 30% of the cosmic oxygen abundance to no evapo-
ration at all. This is a poorly known parameter, and our
goal is to identify observable lines that will measure the
evaporated ice content.

The last key parameter is the mass accretion rate: we ran
cases of 2 x 107 My yr™!, 5x 1075 My, yr™!, and
1 x 1073 M, yr~ 1. The first value of the accretion rate may
approximate the collapse better in cold clouds such as the
Taurus Auriga complex. We notice that to keep the source
luminosity fixed, the central mass of the object is different in
each case, as the luminosity depends on both the mass ac-
cretion rate and the central mass.

We also ran a case of “interrupted ” mass accretion. This
model has the same mass accretion rate outside r; as the
standard model, but we assume that this mass accumulates
or is lost in a wind at a relatively large distance (r > R,)
from the star, so that the accretion luminosity is lower than
the standard case. We adopted L, = 20 Lo, ie., a lumi-
nosity more than 3 times lower than M, M, and R, would
predict via equation (5). Steady accretion has been chal-
lenged by Lin & Pringle (1990) and Bell & Lin (1994), who
argue that mass may build up atr ~ 10'2-10'3 cm and then
be released onto the star in short (~ 100 yr) bursts that give
rise to the FU Orionis phenomena. In this case, much of the
life of the protostar is spent with high outer (r 2 10'® cm)
accretion rates but low luminosity. This may explain why so
few embedded sources are observed with luminosities
greater than few solar luminosities.

Finally, we ran the case of a static envelope surrounding
a 65 L, source. In this case the density profile, chemical
composition, and dust temperature profile are chosen to be
very similar to the infalling envelope of our standard case.
The goal is to find differences in the two line spectra (static
vs. infalling) that can be attributed to the velocity field of the
envelope.

4. THE CHEMICAL STRUCTURE OF THE ENVELOPE

4.1. The Standard Case

In Figure 2 we show the radial profile of the dust tem-
perature profile (§ 2.1.2) (recall that the gas temperature is
initially assumed to be equal to the dust temperature in the
calculation of the chemical abundances), the H, density,
and the fractional abundances of some important molecules
at different times as a function of r. We discuss below the
chemistry of these molecules.

4.1.1. Charge Carriers and Degree of Ionization

PAH" is the dominant negative charge carrier across the
entire envelope; electrons are a factor 3—300 lower in abun-
dance (Fig. 2b). PAH ™ is formed by electron attachment to
PAHs and destroyed by collisions with PAHH*, which is
the dominant ion in the inner regions, and with H;O* and
HCO™ in the outer regions, in which they dominate the
positive ion balance.

PAHH" results from the proton exchange of HCO™* with
PAH. HCO™" and H,O" are formed through a chain of
reactions initiated by the cosmic-ray ionization of molecu-
lar hydrogen and followed by ion-molecule reactions that
tend to protonate various species (see Appendix A).

The degree of ionization (i.e., the PAH™ and the domi-
nant positive ion abundance) scales, as expected, with ng,'/2,
since cosmic-ray ionization per unit volume scales with
ny, (charge creation) while charge destruction scales
with n}, x3,y- (mutual neutralization by PAH* collisions
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FIG. 2—The dust temperature, H, density profile, and fractional abundances of species with respect to H nuclei for a protostar accreting at 1075 M,
yr~! (after Shu 1977 and Adams & Shu 1985) at the start of the collapse (solid line) and at 10* yr (dashed line), 5 x 10* yr (dotted line), and 10° yr (dash-dotted

line) from the start of the collapse.

with ions). However, the electron abundance scales as

-1
X, = 44 x 10-{%) el 28)
In Figure 2b, the ng,' dependence of x, can be seen easily.
Note that the abundances of HCO* and H;O ™ can exceed
x, because the negative charge is carried by PAH™. The
jump in H;O is caused by the evaporation of ice from the
grains, which injects H,O into the gas and leads to H;O*

production (H,O + Hf - H,0* + H,). The drop in
HCO™ is caused by proton transfer with H,O, which
becomes suddenly more abundant when ice evaporates.

4.1.2. Molecular Abundances

At the beginning of the evolution, almost all the oxygen is
in CO, O,, and O, with percentages of 60%, 32%, and 8%,
respectively. The CO and O, abundances are quite constant
in the envelope and do not vary appreciably with time.
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In the initial stages of the collapse, standard ion-molecule
chemistry regulates the abundance of OH and H,O (see
§ 2.2.4). OH and H,O are destroyed by reactions with C*
forming CO* and HCO™*, which lead to CO. OH is also
destroyed by reaction with O to form O,.

At later stages in the innermost regions, the oxygen
budget changes significantly when H,O ice evaporates at
T, > 100 K. At somewhat higher temperatures (T, > 200
K), the reaction O + H, initiates the conversion of atomic
oxygen into H,O. Figure 2 shows a rapid drop in the O
abundance in the inner regions signifying this conversion.
The large amount of injected water is slowly redistributed
into OH through reaction with H followed by dissociative
electron recombination of H;O* with PAH™ on a time-
scale >10° yr [see rise in x(OH) with time in Fig. 2]. Ini-
tially this OH is converted into O, via the reaction of OH
with O; at later times (>5 x 10* yr), the gas temperature is
so high that the OH + H, reaction, which reforms H,O,
dominates over OH + O. The destruction of O, by He™*
and C™* occurs on too slow a timescale (~3 x 107 yr), com-
pared to a collapse timescale of 10° yr, to convert an appre-
ciable amount of O, into O and eventually H,O in the
dense, warm gas. In summary, the oxygen-bearing mol-
ecules serve as a chemical memory of the important pro-
cesses taking place during collapse. H,O largely reflects the
evaporation of icy grain mantles at r ~ 10'> cm and warm

gas-phase chemistry in the innermost regions r < 3 x 104
cm.

4.2. The Other Cases

The results of our model suggests a simple analytic para-
digm for the abundances of the important coolants O, CO,
and H,O. Essentially all gas-phase carbon is in CO (an
abundance of 3 x 10™* in our models). The atomic oxygen
abundance is constant (4 x 1075 in our models) for gas
temperatures less than 200 K and extremely small at higher
temperatures. The H,O abundance is low and constant
(1.5 x 1077 in our models) for T; < 100 K and T, < 200
K. When T, > 100 K, an amount of gas-phase H,O equal to
the H,O ice content is added to the H,O abundance. When
T.s > 200 K, the abundance of H,O increases by about
1.5 x 1073, due to the partial conversion of O to H,O.

5. THE THERMAL STRUCTURE OF THE ENVELOPE

5.1. The Standard Case

In Figure 3 we plot the gas and dust temperature profiles.
The contributions to the cooling of the gas across the
envelope include [O 1] fine-structure line emission, CO and
H,O cooling by rotational line emission in absence of the
NIR photon absorption, i.e., the A, term of equation (21),
and cooling by collisions of the gas with the dust, when the
gas is warmer than the dust. The contributions to the
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FIG. 3.—Gas and dust temperature profiles and the heating and cooling rates of a protostar accreting at 10~> M, yr~* at 10* yr (left), 5 x 10* yr (middle),
and 10° yr (right) from the start of the collapse. Contributions to the gas heating feature the gas compression from the collapse (solid line), gas-grain collisions
(dash-dotted line), H,O (dotted line), and CO (dashed line) NIR photopumping heating, as described in the text. Gas cooling is dominated by the H,O (dotted
line) and CO (dashed line) rotational line emission and the [O 1] 63 um fine-structure line emission (solid line).
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heating include compressional heating, heating by the gas-
grain collisions, when the gas is colder than the dust, and
NIR photopump heating via CO and H,O computed
according to equation (22). Of special note is how closely
T, tracks T;. We discuss separately the inner, intermediate,
and outer regions.

5.1.1. Inner Region

The inner region is defined as the region in which the dust
temperature exceeds 100 K, so that a large amount of water
vapor is released by icy grain mantles. The inner region is
roughly at

r 53 x 10'% (L,/65 Ly)'* cm
=2 x 10'5(t5)2(M _ )RM? cm .

The gas and dust temperatures differ about 35%, i.e., they
are relatively well coupled; the coupling is better at smaller
radii. At early times, gas cooling in this region is dominated
by H,O rotational line emission, while heating is mainly
due to compression of infalling gas. At later times
(t > 5 x 10* yr), the thermal balance in this region is deter-
mined by the thermostating action of water vapor in the
presence of an NIR field. In a sense, H,O provides most of
the heating and cooling of the gas at later times. In other
words, the gas temperature adjusts until the H,O cooling
exceeds slightly the NIR “heating,” so that the net cooling
can offset the additional compressional heating.

CO molecules are a net source of heating to the gas
because NIR pump heating by dust continuum photons
overcomes cooling by rotational transitions. The drop in

Vol. 471

[O 1] cooling in the innermost region is caused by the con-
version of atomic oxygen into molecular oxygen and water.

5.1.2. Intermediate Region

The intermediate region is defined by 3 x 103 em Sr S
10'® cm, where T,, ~ T; ~ 50-100 K. In this zone, most of
the H,O is frozen out on grains and cooling is dominated
by [O 1] 63 um and CO rotational lines. CO and H,O NIR
photopumping in this region is relatively negligible, and
heating is dominated by compression of infalling gas. The
inner/intermediate transition is marked by a jump of the gas
temperature as both [O 1] and CO are less efficient in
cooling the gas than H,O. Gas and dust temperatures differ
by about 25%.

5.1.3. Outer Region

At distances greater than about 10 cm at which the gas
temperature drops below 50 K, CO cooling dominates.
Heating is dominated by gas-grain collisions, although
compressional heating still contributes to gas heating in the
collapsing region.

5.2. The Other Cases

We discuss separately how the heating, cooling, and the
gas temperature profile depend on inner radius, H,O ice
abundance, and mass infall rate.

5.2.1. Inner Radius

The temperature profiles with small inner radius r; = 3
x 10'3 cm for both 20 L, (M, = 0.16 M, model 11) and
65 Lo (M, =1 M, model 3) are compared in Figure 4. In
the inner regions the gas is always colder than the dust, with
the percentage difference increasing slightly going outward.
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FIG. 4—Gas and dust temperature profiles starting at 7 = 3 x 103 cm of 0.16 M, protostar (20 L, left) and 1 M, protostar (65 L, right) accreting at

1073 Mg yr~t.
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Fic. 5—Gas and dust temperature profiles of the various models we considered for a 65 L, source and summarized in Table 3. Top left: Gas temperature
profiles for different amounts of evaporated H,O from grains (dotted line, no ice evaporation; dashed line, x;.(H,0) = 5 x 10~¢; dashed-dotted line,
X;e(H,0) = 5 x 10~°; standard model; long-dashed line, x;(H,0) = 1.5 x 10~*; solid line represents the dust temperature profile). Top right: Dust and gas
temperature profiles for different mass accretion rates (sohd and dashed lines, dust and gas temperature for M = 107° M yr ~1 ie., standard model;
long-dashed lines, dust and gas temperature for M = 5 x 10™® M, yr™!; dotted lines, dust and gas temperature for M = 2 x 10~° M yr~1). Bottom left:

Dust (solid line) and gas temperature profiles of our standard (collapsmg envelope) model (dashed line) and the static envelope model (dotted line) described in

the text. Bottom right: Dust and gas temperature profiles for the three models describing a 20 L, source: model 17, the “low-luminosity ” case discussed in
text 1 Mg and M = 107% M yr~* and accretion luminosity reduced ad hoc by a factor of 3 (solid and dashed lines); model 13,1 My and M =2 x 107 My

-1 (long-dashed lines); model 9,0.16 Mg and M = 10~ M yr™ ! (dotted lines).

The difference between the gas and dust temperature is protostar). Despite this difference, the main result is that the
larger for the highest luminosity. This is primarily due to gas temperature in both cases is roughly equal to the dust
the enhanced (optically thick) H,O cooling in the 65 L temperature, and the more luminous model has slightly
model, caused by the larger velocity fields (more massive warmer gas. A smaller inner radius results in a higher

© American Astronomical Society ¢ Provided by the NASA Astrophysics Data System


http://adsabs.harvard.edu/abs/1996ApJ...471..400C

412 CECCARELLI, HOLLENBACH, & TIELENS

maximum temperature for the spherical infall region com-
pared with the standard model.

5.2.2. Ice Evaporation from Grains

The effect of changing the amount of water evaporated
from icy mantles of grains when T; > 100 K is shown in the
top left panel of Figure 5 for a 65 L, protostar. Only the
inner region is affected by the change. In general, for lower
amounts of ice evaporated, the gas temperature is higher
because cooling decreases and the gas can become even
warmer than the dust. For no evaporation at all (model 6),
the gas is warmer than the dust in almost the entire inner
region until the gas temperature exceeds 200 K and water is
copiously formed by neutral gas phase reactions. The stan-
dard model represents a minimum in the gas temperature
achieved as the ice abundance is varied. A factor of 3
increase (model 8) in the amount of water evaporated with
respect to the standard model actually results in slightly
warmer gas, as the increased number of water molecules
does not increase the cooling rate significantly (most of the
rotational cooling lines are optically thick) but does
increase the rate of gas heating by NIR photopumping.

5.2.3. Mass Accretion Rate

The top right panel of Figure 5 shows the dust and gas
temperature profiles for three values of M and L, = 65 L.
The dust temperature can be understood by noting that in
all three cases the Planck opacity of the dust at r 2 r; ~
3 x 10'* cm is less than unity. Therefore, the dust is heated
by the IR emission from the “dust photosphere” atr <r,.
Thecase M =1 x 107 5M yr~ ' (M = 1 M, model 1) has
considerably higher densities and opacities in the infall than
the M=2x10"% My yr~! (M =324 M, model 5).
Therefore, the former has a larger, cooler photosphere,
which radiates 65 L, at longer wavelengths. At r >r;,
outside the photosphere, the dust is therefore cooler
because of the reduced cross section for absorbing long-
wavelength photons. The optically thicker envelope has
warmer dust far inside the photosphere but cooler dust far
outside the photosphere than its lower opacity counterpart.

In all cases, gas cooling in the outer region is dominated
by the optically thick rotational line emission of CO; the
main source of heating is compression for r = 3 x 10! cm
(except for the very outer part in the standard model in
which gas-grain collisions heat the gas more). In this region,
both cooling and heating depend on the velocity field, so
that the gas temperature is relatively independent of it and
is roughly equal in all cases. In the inner parts, H,O photo-
pumping becomes important. The gas temperature tends to
follow the dust temperature and hence tends to increase
with decreasing M. However, for the lowest M (and fixed
luminosity), the increase in infall velocity causes such an
increase in gas cooling that this trend reverses for M < 5
x 107 Mgyr~ L

5.2.4. Static Envelope

We compare the gas temperature profile of the static
envelope model (model 18) with our standard model in the
bottom left panel of Figure 5. The static envelope has a
slightly warmer inner region because of higher line optical
depths and therefore reduced cooling capacity of the gas.
The main coolant is still the optically thick water rotational
line emission, but the cooling rate is a factor 2.5 lower than
in the standard model. The difference in the two gas tem-
perature profiles decreases going outward, where the optical
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depths in cooling lines become more comparable in the two
models.

5.2.5. Low-Luminosity Model

Model 17 represents an “interrupted accretion” case in
which the accretion luminosity is reduced ad hoc to 0.3 of
the standard model, although the central mass and all the
other parameters are maintained equal. Physically, this
model corresponds to an epoch in which the disk is accret-
ing mass at a significantly higher rate than the central pro-
tostar, either because the disk mass is increasing or because
a wind lifts material from the disk before it accretes onto the
protostellar surface. Our “low-luminosity” model 17 has
L=20Ly,M=1x10"°Mgyr ',and M, =1 M. We
compare this model with two models of equal luminosity in
which the infall accretion rate is steady or “uninterrupted.”
Model 13 has a lower accretion rate, and model 9 has a
smaller central mass. We show the dust and gas tem-
perature profiles of the three models in the bottom right
panel of Figure 5.

Model 13 has the same central mass and luminosity (1
Mg, 20 L) but has a lower accretion rate M = 2 x 107
M, yr~! consistent with uninterrupted flow. The gas tem-
perature is similar in the outer region for models 13 and 17.
The two temperature profiles start to differ when H,O mol-
ecules become the main source of heating and cooling (T; >
100 K). Gas with the lowest accretion rate becomes the
warmest, as the dust temperature is warmer (see § 5.2.3).
The gas temperature in model 13 becomes 25% warmer
than the (high accretion) low-luminosity model 17.

Model 9 on the other hand, has the same accretion rate
and luminosity as our low-luminosity model 17, but it has a
central mass of 0.16 M, consistent with uninterrupted ac-
cretion. The lower central mass results in lower infall veloci-
ties, which increase the opacity in the cooling transitions
and decrease the cooling efficiency. The net result is that
model 9 has slightly (about 20%) warmer gas than model
17.

6. PREDICTED SPECTRA AND DIAGNOSTIC OF INFALL

6.1. The Spectrum of the Standard Model

In Figure 6 we show the (standard model) computed
spectrum between 20 um and 200 um at a spectral resolving
power of 10, approximately the resolution of the spectrom-
eters on ISO. Fluxes are evaluated for a source at a distance
of 160 pc. Table 4 reports the computed fluxes of the bright-
est [O 1], CO, and H,O lines. In Table 4 we evaluate the
distance r,,, at which the maximum contribution to the
luminosity or observed flux in a line is produced. This is the
value of r that gives the maximum of r(dF/dr), where F is
given by equation (24).

6.1.1. [O1] Lines

[O 1] 63 um is the brightest line. The [O 1] flux-to-total
FIR continuum flux ratio is about 3 x 10~>, much lower
than the values typical of photodissociation regions (PDRs)
(1072 to 10~ 3) or shocked regions (10~! to 10~2). In con-
trast to PDRs and low-velocity shocks, [O 1] 63 um from
infalling envelopes is the main coolant of the gas in a rela-
tively small zone of the emitting region, and the gas heating
mechanisms are quite different (in shocks and PDRs, the
gas is in general considerably hotter than the dust). The plot
of r(dFy,e/dr) for [O 1] 63 pum is shown in Figure 7 as
function of radius at different times. At all times the emis-
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F1G. 6.—Line plus continuum spectrum between 20 ym and 200 ym of
1 M, protostar accreting at 10~° M yr™! at 105 yr from the start of the
collapse (our standard case), obtained with a resolution equal to 10*. The
continuum was obtained running the Wolfire & Cassinelli (1986) model.

sion originates in a region between about 2 x 10'° c¢m to
2 x 10'® cm. The inner radius is set by the sharp decrease of
the atomic oxygen abundance in the warm gas close to the
protostar, while beyond about 2 x 101® cm the gas tem-
perature is too low to excite the line (T;,s < 30 K). [O 1] 63
um is (moderately) optically thick: the escape probability is
about 0.4 (t > 5 x 10* yr). The line luminosity depends
weakly on the evolutionary time of the source, ie., on its
luminosity for 12.5 Ly < L, <65 Ly and fixed M. The
optically thin [O 1] 145 um lme is much less intense, ranging
from 0.02 (at 10° yr) to 0.1 (at 10* yr) times the [O 1] 63 um
line intensity.
6.1.2. CO Lines

The individual CO line luminosities peak at intermediate
J transitions (Fig. 8) and are weaker than the [O 1] 63 um
line. The brightest lines are around the J = 8 — 7 transition,
and most of these transitions are unobservable from the
ground. The J = 6 —» 5 at 691 GHz lies in an atmospheric
window and can be observed; we show the r(dFy,./dr) of
this line in Figure 7 as a function of radius at different times.
Most of the optically thick J = 6 — 5 emission originates
from the outer envelope. At 10° yr, it peaks at 6 x 106 cm,
where ny, =9 x 10* cm™3, T,,, = 14 K, and v =0.2 km

s~ 1. Note that although CO J 6 — 5 is locally optically
thlck the observer still “sees” the inner regions because of
the velocity shifts. Beyond the peak distance, the emission
drops because of the dropping gas temperature.

The ratio of the CO total line luminosity-to-dust contin-
uum luminosity is small, of order of 10™4, and it reaches a
maximum at 10* yr (L, = 12 L) when itis 3 x 10™*. Sen-
sitive spectrometers with high spectral and spatial
resolution are needed to detect the lines above the contin-
uum. The proposed SOFIA will have such spectrometers.
Unfortunately, CO lines in the ISO wavelength range are
very weak and difficult to observe.

6.1.3. H,O Lines

H, O lines are numerous and bright and should be detect-
able by the ISO spectrometers. The brightest lines lie
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between 179 um and 25 um; the gas temperatures at r > r;
are too small to excite the high energy levels that produce
shorter wavelength transitions. Most lines are optically
thick with escape probabilities less than 10~3 from their
emitting regions. Of the 24 diagnostic lines listed in Table 4,
only two lines (44, >4, 4 and 5,, »4, ,) have escape
probability larger than 0.1 at their emission peaks.
Although the self-absorption optical depths are high and
the escape probabilities are low, some of the higher excita-
tion lines and the lines produced in the lower density
regions are from subthermally populated levels. Therefore,
these lines are “effectively thin,” in the sense that most col-
lisional excitations ultimately result in the production of an
escaping photon, after many self-absorbing scatterings.
H, O lines originate mostly in the regions in which water is
very abundant, i.e., at radii less than about 4 x 10!° cm,
and hence they have line widths of several km s~ . Figure 7
shows the r(dFy;,./dr) profile of some of the brightest lines.
Finally, the 61 65,3 at 22 GHz has a population
inversion in the inner region: we show the r(dF,./dr) in
Figure 7 as a function of time. It originates from
r ~ 4 x 10'* cm, where water is abundant and warm, yet
where the densities and radiation fields are sufficiently low
to allow non-LTE level populations. The path lengths of
greatest coherence, or the direction of maser beaming, is at
= % (see eq. [18]), or about 35° from the radial direction.
We will discuss the water maser further in §§ 6.2.6 and 7.3.

6.2. Diagnosing Physical Conditions from Line Spectra

Table 5 reports the computed fluxes of the same lines as
Table 4for each model. In the following we discuss how to use
the line spectra to estimate the parameters of the model. We
also discuss the spectra produced by the static envelope and
the reduced luminosity models.

6.2.1. Inner Radius

Decreasing the inner radius increases the maximum tem-
perature of the emitting gas. Since the [O 1] and CO lines
originate in the intermediate/outer regions, their fluxes are
insensitive to this parameter. Water lines with upper level
energies larger than 1000 K depend strongly on the value of
r; for r; <3 x 10 cm. On the other hand, line fluxes of
transitions with upper level energy levels less than about
400 K do not vary significantly. All the lines listed in Table
5 are at relatively low energy levels and therefore do not
change appreciably when r; decreases from 1 x 10'* cm to
3 x 10!3 cm. Table 6 reports higher excitation lines, whose
flux (from 160 pc) is higher than 10~ !? ergs s~ ! cm ™2 when
r;is equal to 3 x 10'* cm and L, = 65 L. These lines are
particularly suitable for studying the hot component close
to the central star. The 16.232 um line flux (which rises by a
factor of 4 as r; varies from 1 x 10'*cmto 3 x 10'3 cm) and
the 22.639 um line flux (which rises by a factor of 20 as r;
varies from 3 x 10'* cm to 1 x 10'* c¢m) are optimal
choices to study r; when L, = 65 L. For lower luminosity
sources, the 22.639 um and 18.648 um lines provide observ-
able diagnostics. We note that these lines (FWHM ~ 40 km
s~ 1) can be velocity resolved by the ISO spectrometers and
hence can be probed for infall signature.

6.2.2. Ice Evaporation from Grains
In general, the [O 1] and CO line fluxes are not affected
by the ice content of grains. However, for a 65 L, source,

CO line fluxes from J,, > 16 are sensitive to H,O evapo-
ration from grains; with no evaporation, they increase more
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TABLE 4
LINE FLUXES FOR THE STANDARD MODEL
FLUX (ergs s ! cm™2)®
A T imax
(um) TRANSITION 1 x 10*yr  5x10*yr 1 x 105yr (cm)® €

O 1 Lines
145.601...... 3P, - %P, 2.1E-13 94E—14 S.8E—14 40E15 9.7E—1
63.101...... 3p, - 3P, 24E—12 3.6E—12 2.8E—12 4.0E15 3.6E—1

CO Lines
2600.76 ....... 1-0 1.7TE—14 22E—14 40E—14 1.0E17 1.3E—1
1300.38........ 251 6.5E—14 1.0E—13 1.3E—13 1.0E17 29E—1
866.921...... 352 9.6E—14 19E—13 1.7TE—13 1.0E17 92E—1
650.191...... 453 14E—13 29E—13 3.1E—13 79E16 14E-2
520.153...... 554 22E—13 49E—13 48E—13 79E16 72E-2
433461...... 65 32E-13 73E—-13 5.7JE—13 6.3E16 1.1E—-1
371.538...... 76 38E—13 9.6E—13 S5.7TE—13 5.0E16 23E—-1
325.095...... 87 39E-13 1.0E—12 54E—13 3.2E16 1.7E—-1
288.974...... 98 39E-13 84E—13 50E—13 2.5E16 30E-1
260.076...... 10-9 3.8E—13 6.5E—13 47E—13 1.6E16 23E-1
236.433...... 11-10 37E—13 53E—13 43E—13 1.3E16 35E-1
216.730...... 12-11 33E-13 3.6E—13 32E—-13 6.3E15 21E-1
200.059...... 13512 3.1IE—13 3.1E—13 29E—13 4.0E15 19E—-1
185.769...... 1413 2.5E—13 2.7E—13 2.5E—13 4.0E15 40E—1
173.384...... 15-14 19E—13 23E—13 20E—-13 4.0E15 73E—-1
162.548...... 16 - 15 1.5E—13 1.8E—13 1.6E—13 1.3E15 40E—1
152.986...... 17> 16 12E—-13 1.3E—13 13E-13 1.0E15 38E—1
144.487...... 18 17 10E—13 1.0E—13 1.1E—13 79E14 43E—1
136.882...... 19 -18 8.3E—14 8.6E—14 1.0E—13 6.3E14 46E—1
130.038...... 2019 69E—14 71E—14 8.0E—14 5.0E14 47E—1

H,O Lines
179.527...... 21210, 5.6E—13 25E—13 22E—-13 2.5E15 49E—5
113.538...... 4,230 1.8E—13 3.6E—13 S0E—13 2.5E15 1.6E—4
108.073...... 2,115, 3.6E—13 41E—13 5.6E—13 2.5E15 57E-5
100913...... 514243 1.1IE—13 29E—13 3.5E—13 1.0E15 19E-3
99.493...... Sos—44.4 13E—13 44E—13 S5.6E—13 1.6E15 4.5E—4
82.032...... 6,6~ 50,5 1.8E—13 42E—13 48E—13 1.0E15 71E—4
78.742...... 4,33, 2.1E—13 6.6E—13 8.1E—13 1.3E15 33E-4
75.381...... 3,121 30E—-13 8.1E—13 1.1IE—13 2.0E15 1.7TE—4
71.947...... 70,7616 22E—13 34E—13 38E—13 5.0E14 99E—4
67.269...... 330~ 303 27E—13 8.0E—13 9.2E—13 1.3E15 22E-2
66.438...... 3302, 2.8E—13 8.3E—13 9.7E—13 1.3E15 1.6E—4
65.166...... 6,554 25E—13 3.6E—13 3.7JE—13 5.0E14 1.2E-3
58.699...... 45,35, 3.5E—13 72E—13 79E—13 6.3E14 3.0E—4
54.507...... 552505 34E—-13 46E—13 45E—13 5.0E14 2.5E-2
49.391...... 634—5,3 32E—13 3.5E—13 34E—-13 40E14 1.5E-3
49.337...... 4,,-3;5, 41E—13 52E—13 52E—13 4.0E14 29E—4
47973...... 53,2243 43E—13 6.0E—13 6.2E—13 5.0E14 72E—4
45.112...... 523444 5.1E—13 9.0E—13 9.8E—13 5.0E14 1.7TE-3
43.894...... 5,143 37E—13 3.5E—13 32E-13 4.0E14 6.7TE—4
40.691...... 45,303 58E—13 1.2E—12 14E—12 5.0E14 6.1E—3
37984...... 4,,-4,, 57E—-13 6.9E—13 5.8E—13 4.0E14 3.7JE—-1
31.772...... 4,,-3;, 6.7E—13 8.7E—13 8.5E—13 40E14 7.8E—2
30.899...... 634505 53E—13 54E—13 46E—13 40E14 89E-3
25940...... Sa1—~%4a 5.6E—13 51E—13 43E—13 40E14 1.1IE—1

® 01, CO, and H,O0 line fluxes for a source of 1 M accreting at 107> My yr~! at various times
from the start of the collapse. The fluxes are computed for a source at 160 pc.

b

¢ € is the escape probability.

than a factor of 2 because of the sharp increase of the gas
temperature in the inner region (see § 5.2.2).

Many H,O lines are moderately sensitive to both r; and
the amount of water injected into the gas phase from the icy
grain mantles when the dust temperature reaches 100 K.
The 37.984 um line (upper level energy about 700 K), which
is effectively thin even in the dense inner regions, is very
sensitive to ice evaporation without being sensitive to other
parameters. The 31.772 um line (same upper level) is also
very sensitive to ice evaporation.

T max 1S the radius where most of the flux originates (see text).

6.2.3. Mass Accretion Rate

The [O 1] 63 um line flux depends on the mass accretion
rate, although not in a simple way. The [O 1] 63 um flux is
shown in Figure 9 as function of M for 65 L, and 20 L,
sources. For the parameter range studied, it is roughly con-
stant for mass accretion rates between 5 x 107 M yr™!
and 1 x 107% M yr~! almost independent of source lumi-
nosity. The line is moderately optically thick for mass accre-
tion rates higher than about 5 x 107 M yr~'. In these
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F1G. 8—CO spectrum of a protostar accreting at 10™5 M yr ! at 10*
yr (dotted line), 5 x 10* yr (dashed line), and 10° yr (solid line) from the start
of the collapse. Fluxes are normalized for a source at 160 pc distance.

cases the [O 1] 63 um line originates mostly atr = 2 x 103
cm, at which the gas temperature profiles are approximately
the same and are almost independent of the luminosity for
the range considered. However, the [O 1] 63 um flux drops
for smaller values of M, for which the density of the
envelope is low enough that the [O 1] 63 um line becomes
optically thin. The line now traces a region closer to the
center in which the temperature, velocity, and density pro-
files differ for different M.

Figure 10 shows the CO line spectra for different values
of the mass accretion rate. CO lines with 6 < J,, < 12 are
only moderately sensitive to the mass accretion rate (for
fixed luminosity) because they are optically thick, and the
peak emission arises from a region in which the gas tem-
perature is somewhat less than hv/k (for J,, =6, for
example, T < 33 K or r > 3 x 10'® cm). The radius of the
“line photosphere” is only moderately sensitive to mass
accretion rate for a given luminosity, since it depends as
much on temperature as it does on gas density. CO lines
would become optically thin for very low values of the mass
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TABLE 5
LINE FLUXES FOR OTHER MODELS
65 L 20 L 20L, 65Lg
A(um) 1 2 3 4 5 6 7 8 9 10 11 12 13 14 15 16 17 18
O 1 Lines
145.601...... 0.5 0.5 0.5 03 00 0.9 0.6 0.6 20 20 20 0.9 0.0 22 20 2.1 04 0.6
63.101...... 27. 28. 28. 24. 1.1 42 30. 32. 34. 34. 33, 33, 39 36. 34, 35. 22. 11.
CO Lines
2600.76 ....... 04 04 04 02 00 0.1 04 0.4 0.2 0.2 0.2 0.2 0.0 0.2 0.2 0.2 0.3 0.2
1300.38 ....... 1.3 1.3 1.3 06 03 0.7 1.2 1.2 0.7 0.7 0.7 0.6 0.2 0.7 0.7 0.7 09 0.8
866.921...... 1.7 1.8 1.7 1.6 09 1.8 1.6 1.7 1.1 1.1 1.1 1.1 0.6 1.1 1.1 1.1 1.3 1.1
650.191...... 31 31 31 30 1.6 33 30 31 1.6 1.6 1.6 2.0 1.2 1.6 1.6 1.6 2.3 1.3
520.153...... 4.8 4.8 4.8 43 20 49 4.7 49 2.7 2.7 2.7 34 1.7 2.7 2.7 2.7 35 22
433461...... 5.7 5.7 5.7 51 20 59 5.5 5.8 40 4.0 4.0 49 19 4.0 4.0 4.0 39 31
371.538...... 57 5.7 5.7 56 20 6.1 5.7 58 5.0 5.1 5.1 6.2 20 5.0 5.1 5.0 39 34
325.095...... 54 54 54 60 19 5.9 54 5.5 54 5.5 55 73 2.1 5.5 54 5.5 3.7 30
288.974...... 5.0 5.0 49 61 1.7 5.6 50 5.2 5.7 5.7 5.8 1.7 2.0 5.6 5.6 5.6 35 2.4
260.076...... 4.7 4.7 4.7 62 15 53 4.7 5.0 5.7 5.9 59 6.4 19 5.7 5.7 5.7 33 2.0
236.433...... 4.3 4.3 43 59 13 5.0 43 4.5 58 5.8 58 4.6 1.6 5.8 5.8 5.8 3.0 1.6
216.730...... 32 32 32 47 1.1 3.8 33 34 4.6 4.6 4.6 29 1.1 4.6 4.6 4.6 23 0.9
200.059...... 29 29 29 41 09 3.7 30 3.2 35 35 35 2.5 09 3.6 35 35 2.1 0.8
185.769...... 25 25 2.6 3.7 0.8 3.6 2.7 29 2.7 2.7 2.7 2.1 0.8 2.8 2.7 2.8 19 0.7
173.384...... 2.0 21 22 34 0.7 35 2.3 2.5 2.2 2.3 23 1.8 0.7 23 2.2 2.2 1.6 0.6
162.548...... 1.6 1.7 1.8 32 06 34 1.9 2.1 1.8 20 20 1.6 0.6 19 1.8 1.6 1.3 0.6
152.986...... 1.3 14 1.5 30 0.5 33 1.6 1.8 1.5 1.6 1.7 14 0.5 1.6 1.5 14 1.0 0.5
144.487...... 1.1 1.3 14 28 04 32 1.5 1.6 1.2 14 14 1.3 04 14 1.2 1.2 0.6 0.5
136.882...... 1.0 1.2 1.3 26 03 31 1.3 14 0.9 1.1 1.1 1.2 0.3 12 1.0 1.0 04 04
130.038...... 0.8 1.0 1.2 22 0.2 3.0 1.2 1.2 0.7 0.9 09 1.1 0.2 1.1 0.8 0.8 0.3 0.4
H,O Lines
179.527...... 2.2 2.3 29 6.6 3.1 14 2.8 3.0 74 74 74 3.5 19 74 74 74 1.6 1.3
113.538...... 5.0 54 56 15 19 1.2 35 6.5 22 2.3 24 49 2.8 1.7 22 2.5 1.8 1.7
108.073...... 5.6 6.0 63 18 33 14 4.5 71 40 4.1 42 54 39 35 4.0 43 22 19
100913...... 35 40 44 85 04 0.8 1.6 6.1 1.9 2.1 22 4.1 1.2 0.3 14 2.5 14 1.6
99.493...... 5.6 6.0 6.5 15. 1.2 1.2 3.0 8.4 22 24 25 59 23 10.9 2.1 2.7 22 22
82.032...... 4.8 6.0 6.5 10 04 14 24 9.0 3.0 34 35 6.3 1.3 0.5 22 40 2.1 24
78.742...... 8.1 9.0 99 19 1.5 1.8 4.1 13. 35 39 4.0 8.9 3.0 1.1 31 44 32 34
75.381...... 11. 12. 13. 30. 30 23 69 15. 42 4.6 48 11. 53 22 4.1 52 4.0 3.8
71.947...... 3.8 5.6 6.1 87 0.1 14 1.8 7.8 3.0 35 3.7 54 0.6 0.2 1.6 4.8 14 2.1
67.269...... 9.2 11. 12. 19. 0.8 19 39 16. 4.6 52 54 11, 24 0.5 3.7 6.0 38 42
66.438...... 9.7 12 13. 22. 1.5 22 4.6 16. 4.7 53 55 11 31 0.9 39 6.1 4.1 4.3
65.166...... 3.7 5.6 6.5 70 00 1.3 1.7 7.8 33 39 42 54 0.5 0.2 1.8 5.4 13 2.3
58.699...... 79 10. 12. 14. 0.5 2.1 34 15, 54 6.2 6.5 9.6 1.5 0.6 3.6 7.5 32 4.2
54.507...... 45 7.6 8.9 76 00 13 1.7 10. 44 53 5.7 7.0 0.5 0.0 21 73 1.6 31
49.391...... 34 7.0 8.9 72 0.0 1.1 1.5 8.0 33 4.5 49 5.6 04 0.2 1.9 6.3 0.9 2.6
49.337...... 52 9.0 11. 88 0.3 1.6 22 12 5.1 6.3 6.8 7.6 0.7 0.2 25 8.6 19 34
47973...... 6.2 10. 12. 13. 0.2 20 26 14 54 6.8 73 9.4 0.8 0.2 2.8 9.1 2.1 38
45.112...... 9.8 15. 17. 18. 0.3 31 42 21. 72 8.7 9.6 13. 14 04 42 11. 3.6 58
43.8%4...... 32 8.0 10. 54 0.1 1.0 1.3 8.5 38 54 6.3 5.7 0.3 0.0 1.7 1.5 0.8 2.7
40.691...... 14. 20. 23. 27. 0.5 4.1 59 27. 84 10. 11. 17 2.3 04 56 13, 5.1 7.5
37.984...... 58 11. 15. 60 00 1.0 14 17. 6.7 9.0 10. 11 0.2 0.0 21 12 1.8 49
31.772...... 85 19. 24. 15. 0.0 2.8 33 22 76 11. 13. 14. 0.5 0.0 39 14 2.7 6.1
30.899...... 46 15. 21. 85 00 1.5 1.5 15 49 8.2 10. 9.1 00 -02 25 11 0.9 4.5
25.940...... 43 18 26. 70 0.0 1.1 12 16. 42 94 13 94 -01 -01 25 11 0.8 4.6

Notes—Line fluxes, in units of 1073 ergs s ! cm ™2 of the 18 models described in the text and reported in Table 3. The first eight models refer to a 65
L, source in which we varied all the parameters of the model with fixed luminosity, while runs 9-16 refer to a 20 L, source. Model 17 represents a 1 M,
protostar at the end of the collapse in which the luminosity is 30% of the standard luminosity. Model 18 is the static envelope case (see text). Fluxes are

computed for a source at 160 pc. The fluxes are reported as 0.0 if they are less than 10~ 1* ergs s~

accretion rates (<107 My yr~!, not considered in this

work), and in that case, the lines would become much more
sensitive to this parameter. We expect that the CO isotope
lines are a better indicator of the mass accretion rate in the
high accretion rate range.

However, in infalling gas the line width of the CO lines
increases with J,,, since the higher transitions originate
from the (warmer) inner regions in which the infall velocities
are higher. Figure 11 shows how a measurement of the line
width versus J,, could demonstrate the presence of infall

lem™2,
and measure the central mass of the protostar. SOFIA or
the Far Infrared Space Telescope (FIRST) should have the
requested sensitivities and spectral resolution to perform
such studies.

On average, H,O lines are very weak for very low mass
accretion rates (M <2 x 107 My yr™!), while they are
very bright for M > 5 x 107¢ M, yr~ ! for both 65 L and
20 L, sources. The low fluxes for low M are due to the
decreased density of the envelope; although the lines are
optically thick, they are typically subthermally populated
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TABLE 6
FLUXES OF ADDITIONAL BRIGHT H,O LINES

r;=3 x 10 cm

r;=1x 10" cm r;=3x 103 cm

Aum) TRaNsTION 20L,  65L, 20L, 65Ly, 20L,  65Lg
34.549...... Tya— 635 0.2 0.4 0.7 0.6 12
32313...... 645616 0.2 0.5 038 0.7 13
23.895...... 8,57, —005  —005 0.2 04 0.6 13
23817...... 8,6—70, —005  —008 0.4 038 038 1.6
22639...... Ss0—4, 5 0.2 0.7 13 11 23
22620...... 6525, 4 001  —004 0.4 0.8 0.9 18
21.846...... 9,, 285  —01 —0.07 0.2 0.4 0.7 14
21.152...... 8s4a—7,5 —006  —002 0.1 0.1 0.6 11
20.662...... To3—616  —004  —008 04 1.0 10 21
19.727...... Ts, 6,5  —Ol1 —0.08 02 0.5 038 1.7
18.648...... 6615, —004  —002 03 03 09 12
17.630...... To1—654  —005  —0.02 02 0.2 08 14
16.232...... 9,58  —003  —001 0.1 0.4 08 12

Note—These lines are bright when the inner radius is 3 x 10!3 ¢cm. Fluxes are computed for a

source at 160 pc and are in units of 10~ *2 ergs s~

and therefore effectively thin into quite small radii com-
pared with the higher density cases. Therefore, the radius of
their effective photosphere is quite dependent on the mass
accretion rate. (Note that this does not apply to CO lines
that are in thermal equilibrium.) H,O lines with relatively
low upper levels are sensitive to the mass accretion rate but
relatively insensitive to either r; or the amount of water
evaporated from icy grains, since these lines in general
become effectively optically thick at critical distances that
lie beyond the evaporation region (r = 10! cm). Their
sensitivity to the mass accretion rate, however, is compli-
cated. For example, the 75.381 um line increases about a
factor of 3 as the mass accretion rate decreases from
1x1075 Mg yr~ ! to 5x107% My yr%, and then it
decreases by a factor of 4 as the mass accretion rates
decreases further to 2 x 107® My yr~!. The higher line
fluxes at M = 5 x 10~® M, yr~! compared with the 10~°
M, yr~ ! model are caused by the higher gas temperatures
in the former model; in this case, the increase of the gas

-2

temperatures overwhelms the decrease of the density and
the lines are brighter. The 78.742 um line is also sensitive to
the mass accretion rate and relatively insensitive to r; and
ice content. Although neither line increases monotonically
with increasing mass accretion rate, their flux divided by the
[O 1] 63 um flux is a good measure of M. We show the
75.381 um/63 pum and the 78.742 um/63 um ratios as func-
tions of the mass accretion rate in Figure 12.

Figure 13 summarizes the parameter dependence of the
six H,O lines discussed above. All six lines are plotted
against each parameter. The lines more suitable to estimate
the particular parameter are marked with a star in the plot.
However, we emphasize that these lines are only indicative
and that a full modeling of all the lines is necessary to pin
down the parameters.

6.2.4. Outflow versus Infall

Both observational and theoretical considerations indi-
cate that outflows may occur simultaneously with infalls

10721

0I(63um) Line Flux [erg s™'em™2)(d/160pc)~2

Mass Accretion Rate [Myr ']

Fic. 9—[O 1] 63 um line flux vs. the mass accretion rate for a 65 L, source (solid line) and for a 20 L, source (dashed line). Fluxes are normalized for a

source at 160 pc distance.
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CO Line Flux [erg s™'cm™2](d/160pc) 2

Fi1G. 10—CO spectra vs. J,, of a 65 L, source (left) and a 20 L, source (right) for different values of the mass accretion rate: 1075 M, yr™! (solid lines),
5 x 107® M yr~! (dashed lmes), and 2 x 1076 M yr~? (dotted line). Fluxes are normalized for a source at 160 pc distance.

(Shu et al. 1994a, 1994b). Therefore, warm shocked outflow range of possible preshock densities and velocities caused
gas might mimic or contaminate the spectrum from the by the turbulence and unknown geometries and clumpiness
warm infalling gas. The problem in identifying and remov- of the shocked gas. Nevertheless, we can make a few general
ing this contamination is that, whereas the infall spectrum is remarks. The warm infalling gas we have modeled is con-
defined quite uniquely by the tightly constrained density fined to regions close to the protostar and has relatively
and temperature structure of the infalling gas, the shock narrow line widths (<10 km s~') and unique line profiles
spectrum is relatively unconstrained because of the wide (e.g., Zhou et al. 1993, or see Fig. 11). Spatially resolved lines
T T T T T T T T LI T T T T T T T r T T T
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FiG. 11.—Infall velocity at the peak r,,,, of the CO line emission vs. J,, of a 65 L, source (left) and a 20 L, source (right) for different values of the central
mass: 3.2 M and 3.9 M, (dash-dotted lmes), 1.0 M, (solid lines), 0.20 M (dashed line), and 0.16 M, (dotted line).
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Fic. 12—H,0 (75 pm)/[O f] 63 um (solid lines) and H,O (78 um)/[O 1] 63 um (dashed lines) ratios vs. mass accretion rate of a 65 L, source (left) and a
20 L, source (right).
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Fic. 13.—Six H,O lines that can be used to estimate three key parameters of the model (see text). Optimum lines used to derive each parameter in the
graph are marked by a star. Lines at 16.232 ym and 22.639 um, with high upper level energy, are particularly sensitive to the inner radiusr;. Lines at 31.772
um and 37.984 um, with intermediate upper level energy, are appropriate to estimate the amount of water injected into the gas from the evaporation of grain
ice. Lines at 75.381 ym and 78.742 um can be used to estimate the mass accretion rate. Fluxes are normalized for a source at 160 pc distance.
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with line widths greater than virial (ie., gravitationally
unbound) therefore likely to be produced in outflows. In
addition, infalling gas has the characteristic that denser gas
is warmer. For shocks, the reverse tends to be true: as gas
cools in the postshock regions, it becomes denser. This may
be especially evident in the H,O spectrum. Comparing our
infall H,O spectra with the shock spectra of Kaufman &
Neufeld (1996), we find that the infall far-infrared (FIR)
spectra have brighter short-wavelength (A < 45 um) lines
(from levels excited in denser warmer gas) relative to the
longer wavelength lines than do the shock spectra.
6.2.5. Static Envelope

We have run a static envelope model with density and
grain temperature profiles identical to the standard (infall)
model, in order to find the strongest diagnostics of infall.
With sufficient spectral resolution, the CO line width corre-
lation shown in Figure 11 is clearly the strongest evidence.
Lacking spectral or spatial resolution, however, line flux
diagnostics are required. The largest difference in the line
fluxes of the standard case and the static envelope case
arises from H,O lines that originate in the inner regions, in
which the gas temperatures are higher in the static case (see
§ 5.2.4). Figure 14 shows the ratios between the flux
obtained in the standard (infall) case divided by the flux of
the static case for each line with flux (from 160 pc) larger
than 3 x 10713 ergs s~! cm ™2, i.e., the 23 lines of Table 4.
Because the ratios are not large (~2-3) and other param-
eters like ice evaporation can affect the H,O fluxes, it will
require careful modeling to find evidence for infall from line
fluxes alone.

6.2.6. Low-Luminosity Case

Model 17 represents a “low-luminosity” case in which
the accretion rate through the 10'4~10"6 cm infall region is
higher than the accretion rate onto the protostar. Therefore,
the accretion luminosity is low relative to the mass infall
rate outside r,. Because there are differences in the density
profile and minor differences in the temperature profile (see
§ 5.2.5), this case can be distinguished from models 9 and 13,
which have the same 20 L, luminosity but which have
steady accretion rates. The higher densities in model 17
compared to model 9 (with M =2 x 107% M, yr™1) is
diagnosed by the increased [O 1] and, to a lesser extent,
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F1G. 14—Ratio of H,O line fluxes of the static case to the fluxes of the
standard case vs. line wavelength.

H,O line luminosities. The higher temperatures and den-
sities in model 13 (with M, = 0.16 M) leads to stronger
H,O and [O 1] lines in general than in model 17.

6.2.7. H,0 22 GHz Maser

The 6, ¢ — 5, 5 transition, whose upper level energy is
about 600 K above the ground state, has a population
inversion and produces a flux (from 160 pc) of about 10~ 17
ergs s~! cm ™2 in the standard 65 L, case. Table 7 gives the
predicted flux, the region r,,,, in which the peak emission
originates, and the infall velocity at that point for each
model. Table 7 shows that the maser luminosity is much
higher for the 65 L, case than for the 20 L, case. It shows
also that for a fixed protostellar luminosity, the maser lumi-
nosity depends mainly on the mass accretion rate (i.e., the
gas density and temperature) and the water abundance. For
a fixed protostellar luminosity of either 20 or 65 L, the
maser luminosity peaks for M ~ 5 x 107 My yr~! (see
models 3-5 and models 11-13) due to the high gas tem-
peratures in the inner regions compared with higher mass
accretion rates and to the high gas densities in the inner

TABLE 7
H,O 22 GHz MASER LINE

Flux

Model (1078 ergs s™! cm™2)

Toax v
(10** cm) (kms™?)

11
11
11
23
<1073
0.02
0.03
320

\O 00 Co oo

- - - - - - N L
OV W W W ONOo 00

s
13
4

o N W

Note—Fluxes are computed for a source at 160 pc.
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regions compared with lower mass accretion rates. Models
8 and 16, which have the maximum ice evaporated, produce
the strongest masers for the two luminosities. The line
comes from rather close (7, ~ 4 x 10'* cm) to the central
object, and it traces a region in which the infall velocity is
about 8 km s™! (65 L) or 3 km s™! (20 L). The maser is
beamed in the direction u = (3)'/? = 0.82 (see eq. [18]), or
about 35° from the radial direction. Thus, the observer
should see two velocity components, one redshifted and one
blueshifted by 0.82 times the infall velocity at r,,. For
sources with L > 20 L, the masing fluxes are potentially
observable from large, ground-based telescopes.

7. OBSERVATIONAL CONSTRAINTS
7.1. [O1] 63 um Line

Few observations of the [O 1] 63 um line toward young
stellar objects (YSOs) have been reported. Cohen et al.
(1988) detected a signal of 5-15 x 107!% ergs s™! cm™?
from T Tau, L1551—1IRS 5, and DG Tau in a beam of
33"-44". Ceccarelli et al. (1996) reported a flux of about
6 x 10712 ergs s7! cm™2? toward VLA 1623, IRAS
16293 —2422, L1448C, and NGC 1333-IRAS 4. The line
widths have not been resolved, and the line fluxes have been
attributed to shock emission, mainly because of the pres-
ence of observed outflows from these sources. The origin of
this line emission is difficult to establish until higher spectral
resolution is available with, for example, SOFIA. Neverthe-
less, the observed fluxes are consistent with the predictions
of a number of our models, and therefore a significant part
of the observed fluxes could be due to the collapsing
envelopes surrounding these objects.

72. COJ =635 Line

Schuster et al. (1993) report observations of CO
J =6 -5 line emission from three T Tauri stars. They
observed a line flux of about 4-8 x 10714 ergs s~ cm ™2
with an FHWM of 5 km s~ in T Tau and HL Tau extend-
ing about 15” in diameter (=3 x 10'® c¢cm at 160 pc
distance) and 2 km s~ ! in GG Tau over a 25" region. The
lines show also a broader component in the blue wing,
probably originating in the wind shock. These stars are
known from their luminosities to have mass accretion rates
onto the protostellar surfaces lower than about 5 x 1077
Mg yr~! (Bertout & Basri 1989; Hartmann & Kenyon
1990), so our model is not directly applicable to these
sources unless the infall accretion onto the protostellar
disks is much higher.

We ran a model with a very low mass accretion rate,
M =5x10"7 M yr~*, and a source luminosity of 20 L,
in order to have a rough but more reliable comparison
between our model and these observations. Our model
gives CO J = 6 — 5 line emission peaked around 6 x 10'°
cm, with significant emission arising from larger radii, and
with a flux of 2.5 x 107 1% ergs s~! cm~2 at 160 pc. Both
predicted line flux and the spatial extent are consistent with
the observations. Therefore, a rough comparison seems to
attribute at least a part of the observed signal to the collaps-
ing envelope emission.

7.3. H,0 22 GHz Maser

A recent survey of H,O 22 GHz maser emission toward
42 sources with luminosities less than 120 L, was carried
out by Wilking et al. (1994). They found that all sources
with L > 25 L, display maser activity and that the emis-
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sion is variable in time. A total of 20 sources show maser
emission; the luminosity in the maser line ranges between
less than 10~ 1° to 10~ ¢ of the source luminosity, with most
at the lower end of the range. In our standard model, this
ratio is equal to 1071° With fixed luminosity, the ratio
increases for either a higher water abundance in the inner-
most region or for a somewhat lower mass accretion rate.
Small and variable departures in spherical symmetry could
produce asymmetric and variable beaming and explain the
time variability and the larger (apparent) isotropic lumi-
nosities observed in some cases.

Our parameter study is insufficient to probe the maser
emission fully, and that is not the main focus of this paper,
but we emphasize that the available data do not always
definitively indicate an outflow or shock origin. Spatial
maps and detailed spectra have been published only for a
few cases (Terebey, Vogel, & Myers 1992; Wootten 1989),
and they have been used to infer that the line originates in
low-velocity shocks (outflow). However, there are only three
mapped sources. In one case (IRAS 16293 —2422), the
highest velocity component (14 km s~ ') in the wing of an
emission spot (that also has the lowest brightness in the line)
is used to conclude that the velocities indicate outflow and
not infall. However, most of the maser emission comes from
gas at <4 km s~ ', fully consistent with collapsing gas.
Moreover, the highest velocity component may reflect the
binary nature of the source (Wootten 1989). In a second
source (IRAS 05417 +0907) Terebey et al. (1992) conclude
that the uncertainty in the relative positions does not allow
one to infer whether the gas is infalling or outflowing, Only
in the faintest of the three sources, YLW 16A (a more
evolved object with a weak outflow; André & Montmerle
1994; Saraceno et al. 1996), does the maser emission orig-
inate unambiguously in gravitationally unbound gas.

8. SUMMARY AND CONCLUSIONS

The main thrust of this paper has been to calculate the
evolution of the gas temperature and the line spectrum in a
spherical envelope of gas and dust infalling onto a moder-
ately luminous (20-65 L at t = 10° yr), low-mass (0.1-1
Mg, at 10° yr) protostar. We have focused on the regions
r ~ 10'5-10'# cm from the star. These regions are inside
regions generally studied at radio and millimeter wave-
lengths, but outside the centrifugal radius at which depar-
tures from spherical symmetry become important. These
regions have gas and dust temperatures of ~30-300 K and
infall velocities of ~1-10 km s~! at evolution times of 10°
yr. The main result is that the gas temperature follows the
dust temperature closely, rising with decreasing r.

Our model self-consistently includes the dynamics, chem-
istry, heating and cooling, and radiative transfer in the infall-
ing gas and dust. We have used the Shu (1977) “inside out”
collapse model and time-dependent chemistry including 44
species. Our thermal balance calculation featured coupling
of the gas to dust IR photons, collisional heat transfer of gas
and dust at different temperatures, compressional heating in
the infall, and radiative cooling primarily by [O 1] 63 um
and CO and H,O rotational transitions. An escape prob-
ability formalism was utilized to calculate emergent line
fluxes and local cooling rates.

We have found that the chemistry that determines the
abundances of the dominant coolants is particularly simple.
Essentially all gas-phase carbon remains incorporated in
CO in the infall. Gas-phase oxygen not incorporated in CO
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is mostly in O and O,, at a relatively constant ratio, until
the gas and dust fall close enough to the protostar to warm
the dust to about 100 K. At this point, H,O ice evaporates
from the grains and injects all of the ice mantle into the gas
phase. As infall proceeds further, the gas warms to greater
than 200 K and gas-phase reactions drive O and O, into
H,O.

In the inner regions (r < 3 x 10' cm), the gas is heated
by the (CO and H,0O) absorption of NIR photons from
warm dust located even closer to the protostar. The cooling
is mainly by H,O rotational lines. Masing of the 22 GHz
H,O line occurs in the inner regions. In the outer regions
(r > 10'%-10'7 cm), the gas is heated by collisions with
(warmer) dust grains and is cooled by CO rotational lines.
In the intermediate regions, the gas is heated mainly by
compressional heating and cooled by [O 1] 63 um and CO
rotational lines.

The infrared lines of [O 1], H,O, and CO are observable
and diagnostic of the physical conditions in the collapse.
The spectra probe several physical parameters: the mass
infall rate (at r ~ 10'4~10'° cm), the amount of H,O ice
present on the infalling grains, and the inner (centrifugal)
radius. Infall versus static envelopes are hardly distin-
guished by line fluxes only: however, we show that the line
widths of the CO rotational lines as a function of J provide
the best evidence for infall, that the [O 1] 63 um flux and the
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ratio of H,O (75.381 or 78.742 um) to [O 1] 63 um are
sensitive to the mass infall rate, that the H,O (37.984 and
31.772 um) lines probe the amount of H,O ice evaporated
from the grains, and that several high-excitation H,O lines
(e.g., 16.232, 18.648, and 22.639 um) probe the inner radius.

Recent and planned advances in infrared astronomy
make the detection of these spectral lines possible. The H,O
lines and the [O 1] 63 um line will be detectable by the
spectrometers on board ISO. The [O1] 63 um and the
mid-J (J ~ 7-15) CO lines can be detected and spectrally
resolved by SOFIA. Finally, a few mid-J CO lines (e.g.,
J = 6-5) can be detected by ground-based submillimeter
telescopes.
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and the University of California at Santa Cruz. Some of the
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APPENDIX A

CHEMISTRY

We considered the following 44 species: H, H*, He, He*, C, C*, O, O*, Sj, Si*, S, S*, Mg, Mg*, Fe, Fe*,H,, HY, CH,
OH, SiH, CO, 0,, SiO, CH,, H,0, CH*, OH*, CO*, Si0O*,Hf, CH;, H,0™, SiH;, HCO*, HOSi*,CH{,H,0*, ¢, H™,
PAH, PAH, PAH*, and PAHH". Our chemical network consists of 182 reactions between those species. We adopted the
reaction rates reported in Tielens & Hollenbach (1985), with the exceptions noted in Table 8.

PAHs, in neutral, anionic, and cationic form as well as protonated PAHs, PAHH", play a key role in the degree of
ionization of dense clouds (Omont 1986; Lepp & Dalgarno 1988). PAH ™ is formed by the attachment of electrons to neutral

TABLE 8

MOLECULAR IoNs CHARGE EXCHANGE REACTIONS

Reaction

a

Hf +Mg->Mg* +H, +H......
H; +Fe—->Fe" +H,+H..
CH* + Mg— Mg* + CH
CH" +Si—>Si* + CH .
CH* +S—-S*+CH..
CH™' + Fe » Fe* + CH
Ot +Fe—»Fe" +0...
OH*+S—->S*+OH .......
H,0* + Mg—->Mg* + H,0
H,0* +Si>Si* + H,0
H,0* +S->S* +H,0..
H,0" + Fe—»Fe* + H,0..
SiO* + Mg > Mg* + SiO ........
SiO* + Fe > Fe* + SiO ..........

1.0 x 107°
49 x 107°
3.6 x 1071°
2.0 x 1071°
47 x 1071°
2.6 x 1071°
29 x 107°
43 x 10710
22 x107°
30 x 107°
43 x 1071°
1.5 x 1071°
1.0 x 107°
10 x 10°°

Note.—We adopted the reaction rates reported in
Tielens & Hollenbach 1985 with the following excep-
tions: (1) We did not consider photodissociation reac-
tions and reactions of vibrationally excited hydrogen.
(2) We used the updated values to some reaction coef-
ficients following Hollenbach, Takahashi, & Tielens
1991 (their Table 1). (3) We added the reactions
reported in this table of molecular ion charge
exchange, where the rates are taken from Millar et al.
1991. (4) We updated rates of the reactions with an
activation barrier following Wagner & Graff 1987.
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PAHs, with a rate coefficient of 1.2 x 1077 N¥/* S(e) cm® s~ !, where N is the number of carbon atoms (Allamandola, Tielens,
& Barker 1989). In this work, we considered PAHs with 50 carbon atoms. The electron sticking coefficient S(e) depends on the
number of carbon atoms in the PAH, and S(e) ~ 1 for PAHs with 30 carbon atoms or larger (Tielens 1993). PAH™ is
neutralized by recombination with metal and molecular ions and has a rate coefficient of 8 x 10™® N¢/? (T,,,/10 K)~'/? cm?
s~! (Draine & Sutin 1987). PAH" is formed by charge exchange of neutral PAHs with atomic ions and has an estimated rate
coefficient of 5.5 x 107 1° N2 cm® s~ 1. PAHH" is formed by proton exchange of XH™* ions with neutral PAHs, i.e., by the
reactions

PAH + XH" - PAHH" + X,

with rate coefficients assumed to be 5.5 x 1071 N¢/? cm® s~ !. Both PAH" and PAHH™ are neutralized by recombination
with electrons or PAH ™ with rate coefficients of 5.9 x 107> N¢/? T,1> cm®s™" and 5.6 x 1077 T,}/? cm® s™ !, respectively.
Finally, we adopted a PAH abundance per H nucleus equal to 1 x 10~ 7, which is consistent with the fact that about 5% of
the IR emission is emitted in the IR emission features (Tielens 1993). The reactions involving PAHs are reported in Table 9.
Reaction rates in Tables 8 and 9 have the format
T > 3.1
k a( 300 K) cm®s™t.

For reactions involving neutral PAHs, rates have been estimated following Allamandola et al. (1989) using a polarizability of
1.5 x 1072* N, derived by fitting experimental measurements on small PAHs. We note that approximating PAHs by
infinitesimally thin, circular disks and using electrostatics leads to a somewhat different dependence of the reaction rate
coefficients on N (ie., oc N3/* rather than oc N¢/?), corresponding to a polarizability dependence of N3/, For N¢ = 50, the
two approximations differ by less than 10%. The theoretical rate coefficients are in reasonable agreement with experimental
studies on the charge exchange between C* and Xe* with benzene and naphthalene (Abouelaziz et al. 1993). Measured

TABLE 9
PAH REACTIONS

Reaction a b
PAH+e—>PAH ..ccooiiiiiiiiiiiiniennnens 8.5 x 1077 0
PAH " +H*>PAH+H ......covvvvininnen 1.0 x 1077 —-0.5
PAH™ + Het >PAH +He......ccvvvneenen. 1.0 x 1077 —-0.5
PAH  +C*S>PAH+C...coevevenininnenennn 1.0 x 1077 —0.5
PAH " +O" 5PAH + O ..ccocenininrinnenn. 1.0 x 1077 —05
PAH +Si" >PAH + Si..cooeveniniinennnn. 1.0 x 1077 —-05
PAH™ +S* SPAH +S..cciviiiiiiiininenenn. 1.0 x 1077 —-0.5
PAH™ +Mg* >PAH + Mg evvveeerennnnn. 10x10°7  —05
PAH™ +Fe* >PAH + Fe....ccevvvnvnnnnnn. 1.0 x 1077 —0.5
PAH  +H; >PAH+H+H ............... 1.0 x 1077 —-05
PAH™ +CH*->PAH+C+H.............. 1.0 x 1077 —0.5
PAH™ +OH*->PAH+O+H............. 1.0 x 1077 —0.5
PAH™ +CO*->PAH+C+O.............. 1.0 x 1077 —0.5
PAH™ +SiO* > PAH +Si+O.............. 1.0 x 1077 —0.5
PAH™ +Hf >PAH+H, + H .............. 10x10°7  —05
PAH™ +CH; -PAH+CH+H ........... 1.0 x 1077 —-0.5
PAH™ +CHf > PAH+H,+C ............ 1.0 x 1077 —-0.5
PAH™ +H,0*>PAH+OH+H.......... 1.0 x 1077 -0.5
PAH™ +H,0*->PAH+H, +O........... 1.0 x 1077 -0.5
PAH™ + SiH; - PAH +SiH+ H........... 1.0 x 1077 —-05
PAH- + HCO* ->PAH+CO+H ......... 1.0 x 1077 -0.
PAH™ + HOSi* - PAH + SiO + H......... 1.0 x 1077 —-05
PAH™ + HOSi* - PAH + OH + Si......... 1.0 x 1077 -0.5
PAH™ +CHf - PAH+CH,+H.......... 1.0 x 1077 —05
PAH™ + H;O0*->PAH+H,0+H ........ 1.0 x 1077 —-05
PAH™ +H,0*->PAH+OH+H.......... 1.0 x 1077 —-05
PAH + HCO* - PAHH' + CO............. 39 x 107° 0
PAH + H,0" > PAHH" + H,0 ............ 39 x 107° 0
PAH + Hf >PAHH* + H,......ccvrnnee.. 39 x 107° 0
PAH + CHf - PAHH" + CH, .............. 39 x 10~° 0
PAH+H"5>PAH " + H ..coovvveveenennnns 39 x 107° 0
PAH + He* > PAH" + He..oovvvnvnnnnnnnns 39 x 10~° 0
PAH+C*>PAH" +C..cvvvvvvinennnnens 39 x107° 0
PAH+O" >PAH" + O .ccovvvvinnnnennnns 39 x 107° 0
PAH 4+ Si* 5 PAH" +Si.ccvviiiiinininnnnnn. 39 x 107° 0
PAH + St 5> PAHY +S.iiiiiiiiiiiiiinennns 39 x 107° 0
PAH + Mg* > PAH" + Mg ...ccvnvvnennnnn 39 x 107° 0
PAH + Fe* > PAH* + Fe..ccoovvvnvnnnnnnnns 39 x 107° 0
PAH" + PAH™ - PAH + PAH.............. 32 x 1078 —-0.5
PAHH' + PAH- - PAH + PAH + H...... 32x 1078 —-0.5
PAHH* +e>PAH+H......ocovvvininnnnnn. 24 x 1075 —-05
PAH* +e—>PAH+H...cooovvviiiiinninannns 24 x 1075 -0.5
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electron recombination rates for small PAH cations (N¢ < 10) (Abouelaziz et al. 1993) are much smaller than the electron
capture rates adopted here. However, the efficiency with which the recombination energy is dispersed through the vibrational
modes of the PAH increases exponentially with N, and therefore the adopted recombination rate coefficients are likely
reasonable for N = 50.

APPENDIX B

NIR PHOTON PUMPING

B1l. EFFECT ON ROTATIONAL LEVELS OF CO AND H,0

The near-infrared pumping of the CO molecule (and in general a simple diatomic molecule) is derived using a five-level
system: three levels in the vibrational ground state v = 0 with rotational levels J — 2, J, and J + 2, the other two in v = 1 with
rotational levels J + 1 and J — 1. A molecule in state (0, J) at radius r can be excited by an NIR photon absorption to either
level(1,J — 1)or(1,J + 1)atarate BY:; ., I, ., yor BY:}_ I, , ;, where I, , ,isthe NIR mean intensity atr, given by

* o (2hv3 hv -1
Ijy1,5~ z { ZH = W, exp (— 1TNIR)I:CXP < L J) 1:| }a 29

INR=1 kTN]R

where v is the frequency of the transition from (1 J + 1) to (0, J), W, is the dilution factor, and Ty is the dust optical depth
from r to NR (<r), where the dust temperature is Tyz. The frequency v in first approximation can be written as v, + v, ;,
where hvV is the energy of the first vibrational level and hv$:?; ; is the energy of the pure rotational transition. The dilution

factor W, is given by
1 'R 2771/2) -1
NI

Therefore, the NIR mean intensity at r is the sum of the dust emission from r to a distance at which the dust optical depth is
equal to n, weighted for the dilution factor and dust extinction. The sum is carried out over steps of optical depth equal to
unity at the NIR wavelength. In practice, we integrate to values of n corresponding to the dust evaporation radius orton = 5,
whichever occurs first.

From the v1brat10na11y excited state the molecule can decay to (0 J+2),(0,J) or (0, J —2) at a rate given by the
spontaneous emission coefficient A}: ,+ 1. Or A0 ;4, or A}O ;or A}:® ,_,. Calling R, ;. , the net rate per molecule being
pumped from (0, J) to (0, J + 2) and f ; +b1 ,+, the fraction that decay from (1, J + 1)to (0, J + 2), it follows that

Ry 42= BJ,’J+1IJ+ 1,JfJ'+ 1,0+2 (31)

where

Ay ez + Bragialyizya (32)

1,0
friv e = 0.1 1,0 0.1 .
Ay g2 + BY gialyiaser + Apdy s+ BYY s 1500,

Substituting equations (32) and (29) into (31), we find

AL0 1+t -1
RJJ+2—g;Jr1 A.I+1 slr+1 J(l + bt tlreis ) > (33

AJ+1 J+2 1 + tJ+2,J+1

where
_ hvyiq,s -1
tyv1,0 = Wyexp (—tyw)| €xp | 77— ) — 1 . (34)
kT
Analogously, it holds that
gi-1 AJ 1,J L+t >_1
R, ;_,= A t 1+ 2 . 35
J,J—2 5 JlJJlJ( AJ 1]21+t1—2,1—2 ( )
Equations (33) and (35) can be generalized for H,O to

Ru,l = Z gn A,},?t" ufn,l > (36)

where

1+t,

fo = gL En) 67

A1 A+t
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B2. CO HEATING

A simplified approximated expression can be derived in the case of the CO molecule assuming LTE in the rotational levels.
In fact, in this case each NIR photon-induced transition from J to J + 2 or J + 2 to J is converted quickly to heating (cooling)
by the collisions that de-excite (excite) the population back to LTE. Each transition J + 2, J contributes to the net heating
with a term

r;= EJ+2,J(nJRJ,J+2 - nJ+2RJ+2,J) > (3%

where E; . , ; is the energy difference between J + 2 and J. Making the approximation that the energy of the v = 1 level
(E, ~ 3000 K) is greater than the energy of the J pure rotational level (strictly valid for J < 20) and that the spontaneous
emission coefficient from any v = 1 J rotational level to the corresponding v =0 J =J — 1 or J + 1 rotational level is
constant and equal to 4,, the R, ;. , and R, , ; rates can be simplified to

4,9

Rjji22 ) 2L ty+1,05 (39

J

A, 9

RJ+2,J'37 T 042 - (40)

J+2

Making the further approximation E, > kTyy, equation (38) can be rewritten as
2J +3

FJ — n] Ao VVde—ere—E,,/kTNmEo ﬁ [ —2Eo(J+1)/kTNRR __ e2Eo(J+2)/kTN1R—2Eo(2]+ 3)/cho] , (41)

where the excitation energy level of the J level is E; = E, J(J + 1). The total cooling from CO becomes

(2J + 3)?

T'co = AW,
co = NcoA, Wye 7

—1INIR, — Ev/kTNIR
e v/ EO z
J

¢~ Eol + DI/KTcof = 2Eo(J + L/KTNm

— @2EoU+ 2)/KTNR — 2E0(2J + 3)/kTco] | 42)

where Z is the partition function. The sum vanishes when Tyr = T¢q, i.€., When the gas and dust temperature are equal, as
expected, and for small differences in the temperatures the heating can be approximated by

oo =~ Neo 4, W,e"me_E”/"TN“Q(k

E 3
T:m) (KTm = KToo) 3, (27 + 3% o0+ D kman, 43)

In the other limit of T > T, the sum in equation (42) tends to 8, and the heating becomes

Foo = 8ngp 4, W,

e~ NRg~Ev/kTNRE - 44

Note that in the case of a continuous range of 7z and Ty for the source of the NIR pumping, such as in our case of infall, a
sum such as given in equation (29) is required to approximate the total heating.
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