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ABSTRACT

The evolution of D and 3He is considered in the framework of a consistent model for the chemical evolu-
tion of the Galaxy. The destruction of D in the course of galactic evolution is found to be modest, of the
order of a factor ~2; the good agreement found with the observed abundance of D in the presolar material
and in the interstellar medium makes possible to derive narrow constraints on the primordial D, or, equiva-
lently, on the allowed range of the baryon-to-photon ratio # according to standard big-bang nucleosynthesis.
Conversely, the evolution of *He remains one of the major problems in the field of chemical galactic evolu-
tion: results based on the predictions of updated stellar models are shown to lead to an overproduction of
3He by a factor ~5-7 at the time of formation of the Sun, and by a factor ~5-20 with respect to measured
abundances in galactic H 1 regions. Several possibilities to reduce this discrepancy are presented and dis-
cussed quantitatively; none of them is found to produce the desired result, with the exception of a hypotheti-
cal low-energy resonance in the cross section of the 3He(®*He, 2p)*He reaction, advocated also as a possible
solution to the solar neutrino puzzle. Otherwise, the observed underabundance of 3He in the presolar material
and in H 1 regions must be considered as evidencing local inhomogeneities in the interstellar medium, in
which 3He is strongly depleted by some unknown process.

Subject headings: elementary particles — galaxies: evolution — nuclear reactions, nucleosynthesis, abundances

1. INTRODUCTION

The standard hot big bang model of nucleosynthesis (SBBN)
is the one characterized by the lowest number of adjustable
parameters. Given the number of relativistic neutrino species
N, and the neutron lifetime 7,, the abundances of D, *“He,
67Li, °Be, and !%!!B in the primordial gas depend on one
cosmological parameter only, the baryon-to-photon ratio n =
ny/n,. Taking the cosmic background temperature T, = 2.726
K (Mather et al. 1993), the fraction of the critical density con-
tributed by baryons, ,, is related to n through

Q, = 1.46 x 10~ 2,0 h3¢ 1)

where #,, = 10!% and hs, is the Hubble constant in units of
50 km s~! Mpc~!. Recent experimental data have provided
stringent bounds on N, and 7,: N, =3.10 + 0.09 (see e.g,
Walker et al. 1991) and 7, =889.1 + 2.1 (see, e.g, Smith,
Kawano, & Malaney 1993). Thus, only the value of 1, has to
be determined experimentally. In practice, this is done by com-
paring the predicted abundances of D, »*He, and "Li from a
grid of SBBN models characterized by different #,, with the
corresponding values inferred from their abundances in the
present-day interstellar medium (ISM) and in the Sun (Yang et
al. 1984; Krauss & Romanelli 1990; Walker et al. 1991; Smith
et al. 1993). SBBN has been very successful in accounting for
the observed abundances of D, 3He, “He and "Li: the window
of consistency for 7, is bounded from below by the upper limit
on [D + 3He] (hereafter, primordial abundances will be indi-
cated with a subscript P) and from above by the upper limit to
“Hep (Smith et al. 1993). The value of 7,, may also be bounded
from above by the constraint set by the Li abundance in metal-
poor stars (Steigman 1991; Walker et al. 1991).
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The value of “He, is usually obtained by extrapolating to
zero metallicity the observed correlation of the abundance of
“He with the abundance of O or N in H 11 regions. The impor-
tance of an accurate determination of “He, cannot be over-
emphasized. A large amount of papers has been devoted to this
problem and the results have been summarized many times
(see, e.g., Yang et al. 1984; Pagel et al. 1992). On the other
hand, the abundance of D and 3He is known only at the time of
formation of the Sun (t = ty) and at the present epoch (¢t = t,);
therefore the determination of Dp and 3He, requires some
degree of theoretical modeling to evaluate the amount of D
destruction during galactic evolution (“astration”) and the
amount of 3He destruction/production by stellar processes.
Yang et al. (1984) derived an upper limit to (D + *He), using a
simple “one-cycle approximation” (OCA), subsequently
adopted by most workers in the field :

D + 3He D 1 /3He
(T )f(ﬁ>,+a<?>,’ @

where ¢ is any epoch (usually the time of formation of the Sun),
and g, is the mass fraction of 3He that survives processing
through a single generation of stars. Olive et al. (1990) and
Walker et al. (1991) went a step forward replacing the “one-
cycle” approximation with the “instantaneous recycling
approximation” (IRA), which accounts for continuous stellar
processing. Further progress can be achieved only with the use
of detailed models of chemical galactic evolution (CGE), as
recently shown by Steigman & Tosi (1992) and Vangioni-Flam,
Olive, & Prantzos (1994). In Table 1 we compare the con-
straints on 5, resulting from the abundances of D and *He at
the time of formation of the Sun and at the present epoch,
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TABLE 1
CONSTRAINTS ON 1,

Tracer Bounds Method Reference

(1074 ) PSR N0 <7 OCA 1
N0 < 852 OCA 2

N0 < 6.8 IRA 3

34<1n,,<56 CGE 4

38<1n,0<48 CGE 5

(D/H)g «eevenenenene. 42<1n,,<49 CGE 5
(D + *He)Hg...... Mo 24 OCA 1
N0 = 2.86 OCA 2

Mo =28 IRA 3

37<n,0<57 CGE 4

REFERENCES.—(1) Yang et al. 1984;(2) Smith et al. 1993;(3) Walker
et al. 1991; (4) Steigman & Tosi 1992; (5) this work.

obtained with these different approaches. The results obtained
in this paper are also given in Table 1. As it is clearly shown,
the most restrictive bounds on 1 follow from the results of CGE
models.

Recently, two groups (Songaila et al. 1994; Carswell et al.
1994) have reported the detection of a possible D feature in the
spectrum of a Lya absorption system at z = 3.32 in the line
of view of the quasar Q0014 + 813, indicating (D/H)p ~
2 x 10~ *. These important observations represent the first
attempt to determine directly the primordial abundance of this
element. If confirmed, these measurements imply a primordial
D abundance ~10 times larger than the one presently
observed in the solar system and the ISM, thus requiring a
severe depletion of this isotope during galactic evolution (see
discussion in Vangioni-Flam & Cassé 1995). It is important to
stress that such a high value of (D/H), poses a challenge to
galactic evolution models, as shown in Palla, Galli, & Silk
(1995), not to big bang nucleosynthesis; actually, if (D/H)p ~ 2
x 10~* the consistency between the primordial abundance of
“He inferred from observations of very metal poor H 1 regions
and the predictions of SBBN would improve significantly.
However, according to both observing groups, the possibility
that an errant hydrogen cloud with the appropriate velocity
shift might be responsible for the observed absorption feature
cannot be ruled out (see also Steigman 1994). Clearly, observ-
ations along different lines of views are needed to resolve this
fundamental ambiguity.

Our goal in this paper is to reexamine the problem afresh on
the basis of the most updated set of available observations and
with the help of a reliable model of galactic evolution. It is
worth noticing that in previous studies the evolution of *He
has been treated always in an incomplete way, neglecting any
stellar production of this isotope. We will see in § 5 that when
this assumption is relaxed, as indicated by current models of
stellar evolution, serious discrepancies arise between model
predictions and observations. The questions we would like to
answer here are (1) Is the production of 3He in low- and
intermediate-mass stars, as predicted by stellar evolutionary
models, consistent with observations? (2) Are the observed
abundances of D, 3He, and “He consistent with SBBN predic-
tions? and, if yes, (3) Which is the allowed range of values for
N10?

We will start by briefly reviewing the successes and failures
of models of galactic chemical evolution applied to the study of
the evolution of the light elements (§ 2). We will then discuss
the observed abundances of D and 3He in the ISM and in the

Sun (§ 3). The model of chemical galactic evolution is described
in § 4 and the results presented in § 5.

2. PREVIOUS WORK ON THE EVOLUTION OF D AND *He

Some of the problems raised in the pioneering works of
Truran & Cameron (1971), Talbot & Arnett (1973), Reeves et
al. (1973), Audouze & Tinsley (1974), Tinsley (1974) are today
still subjects of debate: for example, (1) Is 3He destroyed or
produced by a single stellar generation? (2) How much astra-
tion of D is allowed by chemical evolution models without
significant overproduction of *He?

The general conclusion reached on point (1) on the basis of
simple “closed box ” models with IRA was that the primordial
3He plus that resulting from D burning in stars can account for
the presolar 3He, leaving little room for any stellar contribu-
tion. The conflict between the prediction of stellar evolution
models and the observed abundance of 3He at the time of
formation of the solar system was made clear by Rood, Steig-
man, & Tinsley (1976), who found an overwhelming contribu-
tion to the enrichment of 3He in the ISM by low-mass stars in
the red giant phase. Using simple estimates, Rood et al. (1976)
showed that the abundance of *He in the ISM increases dra-
matically in the course of galactic evolution, reaching the pre-
solar value already after a few billion years. As possible
solutions to this problem, they suggested the presence of inho-
mogeneities in the ISM, or uncertainties in the observed pre-
solar abundance of *He (see also Tinsley 1977).

The problem of the D astration is more direct to analyze:
since D can only be destroyed in stars, one simply needs to
integrate its astration during galactic evolution. In practice,
results obtained by different authors have favored either the
case of a low astration (Dp/D,,, ~ 2-3), or large astration
(Dp/D,ow ~ 5-10 or larger). Vidal-Madjar & Gry (1984)
obtained an astration factor for D of the order of ~6, and
derived a primordial D mass fraction X,, < 8.6 x 1073
(corresponding to 5, > 3.5). Delbourgo-Salvador et al. (1985,
1986, 1987) raised the primordial D to X,, <3 x 107%
(corresponding to 7, > 1.2) by allowing a large astration
factor (~15). In contrast, Clayton (1985) estimated a D astra-
tion factor of ~2-3 from simple models with IRA. Steigman &
Tosi (1992) from numerical models found a similar result,
determining X, < 9 x 1073 (corresponding to 1, < 3.7).

The recent observations of a possibie high (D/H), have
provoked a revival of models of chemical galactic evolution
favoring a high D astration (see, e.g., Cassé & Vangioni-Flam
1994). It appears clear from the above discussion that some of :
the problems raised in the earlier investigations of the evolu-
tion of D and 3He are still unsolved today and that the situ-
ation is rather confused. But before discussing our approach in
detail, it is convenient to summarize the available observ-
ational constraints on the abundances of D and *He.

3. OBSERVED ABUNDANCES

The observational data on the abundance of the light ele-
ments in the ISM today and at the time of formation of the Sun
have been reviewed in many places (see especially Geiss &
Reeves 1972, 1981; Boesgaard & Steigman 1985; Geiss 1993).
In this section we extend and update their data set, including
the most recent observations, in order to provide the best con-
straints to the theoretical models.

It is often necessary to convert the observed number abun-
dances with respect to H, indicated as (N;/Ny), to mass frac-
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tions X; which are commonly used in models of galactic
evolution. The conversion formula is

N;
X; = Ai(N_H)X s 3)

where A; is the mass number for the species i (as customary, we
identify with X = X, and Y = X, the mass fraction of H and
He, respectively). The mass fractions of the light elements pro-
duced by SBBN according to Walker et al. (1991) are given in
Table 2. The abundance of “He given in Table 2 corresponds to
aneutron lifetime 7, = 889s.

3.1. Abundances of D and 3He at the Time
of the Formation of the Sun

The abundance of D and 3He at the time of the formation of
. the Sun are reviewed in Appendix A. The values adopted
~ throughout this paper, resulting from the discussion in Appen-
dix A, are

(g)@ =(2.52 + 0.49) x 1075, )
(3111—°>0 = (148 + 0.13) x 105, )
[Qilﬁ]@ = (4.08 + 0.36) x 1075 . (6)

In terms of mass fractions, assuming X 5 = 0.707 + 0.025 (see
Appendix A), we obtain

X,0 =(3.56 + 0.78) x 1075, 0
X0 = (3.14 + 0.35) x 1075 . ®)

3.2. Abundances of D and 3He in the ISM
The abundance of the light elements in the ISM has been
reviewed recently by, e.g., Wilson & Matteucci (1992) and
Wilson & Rood (1994). A recent reanalysis (McCullough 1991)
TABLE 2
PRIMORDIAL ABUNDANCES ACCORDING TO SBBN*

X Y X, X,
0780 0220 73(—4) 17(—4)
0767 0234  21(—4) 4.4(—5)
0765 0236  18(—4) 4.1(—5)
0764 0236  16(—4) 39(—5)
0763 0237  14—4) 375
0762 0238  12(—4) 3.6-9)
0762 0238  1.1(—4) 3.4(—9)
0761 0239 98(—5)  33(—9)
0760 0240  87(—5)  32(—9)
0759 0240 795  3.1(=9)
0759 0241  7.1(=5)  3.1(=5)
0758 0242  65(—5)  3.0(=5)
0758 0242  60(—5)  29(—5)
0758 0242  56(—5)  29(—5)
0757 0243  52(—5  2.8(—5)
0757 0243  48(=5  2.8(—9)
0756 0244  45—5 275
0754 0246  33(=5  2.5(—9)
0753 0247 2.6(=5 22(=5)
0752 0248 20(=5 22(-9)
0750 0249  1.6(-5  2.1(-5)
0750 0250 13(=5 2.0(—9)

* From Walker et al. 1991.
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of the D/H ratio obtained from satellite UV spectroscopy has
shown that the range

<§>0 =(15402) x 1075, o)

is consistent with all the data. This value is in agreement with
the (D/H) ratio measured along the line of sight toward
Capella, (D/H) = 1.65%3:97 x 1073 (Linsky et al. 1993). Taken
at face value, these results support the belief in a single (D/H)
value in the local ISM and provide a strong constraint on the
galactic evolution of D. We will assume in this paper that the
McCullough (1991) value is representative of the (D/H) ratio at
t=to.

Less clear is the current status of *He abundance determi-
nations. Singly ionized 3He has been detected in several H 1
regions via its hyperfine spin-flip emission at 3.46 cm (Rood,
Steigman, & Tinsley 1976; Rood, Bania, & Wilson 1984;
Bania, Rood, & Wilson 1987, Balser et al. 1994). The 3He
abundance can only be derived after modeling the properties
and geometry of the source. The most accurate values of
(®*He/H)gy are presented by Balser et al. (1994), who found
abundances in the range 3He/H ~ 1-4 x 10~ % with consider-
able source to source variation, and no clear dependence on
galactocentric distance. Future work will probably shed more
light on this rather unsettled situation. For instance, Lemoine
et al. (1993) have proposed a profile fitting method for deter-
mining the *He/*He isotopic ratio in the local ISM from mea-
surements of “He absorption lines in the far UV. Even though
the expected isotopic ratio may be very small (~10™%) the
method requires instrumental performances within the capa-
bilities of the planned Lyman-FUSE mission.

As a reference value at ¢ = t,, we will take in this paper the
average abundance in galactic H 1 regions determined by
Balser et al. (1994),

3
(E> — (242 + 1.45) x 1075 . (10)
H /o

4. A MODEL FOR THE EVOLUTION OF THE LIGHT ELEMENTS

4.1. Definitions and Equations

The numerical code we employ is described in detail in
Ferrini et al. (1992, hereafter FMPP). The equations for the
evolution of the abundance of the chemical species i are

X,
( d,thgh)= —UnXin—fon Xin + W, (11)
dlX; + ¢
W: _llldXi,d +fghXi,h+ u/;,‘d’ (12)

where the subscripts h and d refer to the halo and disk regions,
respectively. Here, y is the star formation rate, f the infall
parameter, g and c are the mass fractions in the gas and cloud
phases, respectively. The restitution rate W{(t) includes the con-
tribution of single stars at the end of normal main-sequence
evolution (MS), Type I supernovae (SN I) and type II super-
novae (SN II):

Wi(t) = W) + WiN'e) + W) (13)

for both disk and halo. These quantities are computed in the
framework of the matrix formalism introduced by Talbot &
Arnett (1976; henceforth TA). Let us briefly recall the essential
aspects of this approach.
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First, each star is assumed to be chemically homogeneous at
birth, having the same (average) composition of the ISM at the
instant of formation. At the end of the evolution, each star is
subdivided into one or more concentric mass shells, where
different nucleosynthesis processes have occurred. Particularly
relevant are the mass fractions associated to the quantities
q;(m), q4(m), qc(m), corresponding, respectively, to the zones
within which 3He has been burnt into “He and "Be, H into
“He, and *“He into C, O, and heavier species. Finally, the quan-
tity d(m) defines the mass fraction which remains as a stellar
remnant upon the death of the star [i.e., all the matter external
to d(m) is ejected in the ISM]. Clearly, the ordering is 0 <
d(m) < gdm) < g4(m) < g3(m) < 1.

The mass of the element i ejected by a star of mass m after a
time ©(m) from birth is assumed to be a linear combination of
the masses of elements j initially present in the star:

mfj = Z Qijm}n s (14)
J

where the matrix elements Q,; depend only on the mass of the
star (the dependence upon the initial metallicity of the star may
also be treated with this formalism; see Sandrelli 1993). The
restitution rate from MS stars results then

W@ = | Y Qum)X [t — <l )JYTt — <lm )1l .

m(t) Jj
(15)

This formalism has the advantage that the enrichment of the
ISM produced by stars of different masses can be expressed in
a compact way simply as a difference between mass fractions.
For example, the fraction (in mass) of the original H that is
transformed into “He and ejected is g, — qc, as matter inside
qc undergoes “He burning whereas matter outside g, does not
burn H; this automatically defines Q,; = q, — qc. The other
matrix elements Q,; can be determined in the same way.

We will consider in detail only the specifications given by
TA on the matrix elements relative to D and 3He, based mostly
on the numerical models of Bodenheimer (1966) and Iben
(1965, 19664, b, 1967a, b). We have partially reformulated the
production matrix Q;; for H, D, and *He in the light of the
recent theoretical results on the early phases of stellar evolu-
tion (Palla & Stahler 1993; D’Antona & Mazzitelli 1994) and
on the basis of updated calculation of the survival of 3He in the
post-main-sequence phase of evolution (Dearborn, Schramm,
& Steigman 1986). We maintain the nucleosynthesis prescrip-
tions adopted by FMPP on q,, qc, and on all the quantities
necessary to evaluate the evolution of elements more massive
than “He (for simplicity referred to as a single element Z). Our
detailed nucleosynthesis prescriptions are discussed here
below.

4.2. Stellar Nucleosynthesis of Hydrogen and Helium

Following TA, we assume that a fraction g4(m) of the initial
mass of H is processed through hydrogen burning, a fraction
ws is transformed into *He, and a fraction.1 — g, — w4 sur-
vives stellar processing and is ejected. Since all H inside g is
transformed into C, O and heavier species, the fraction of H
transformed into “He and ejected is equal to g, — gc. Hence, in
terms of Q;; matrix elements, we have Q;; =1 —q, — w;,
Q21 =0,03, = w3, Q41 =44 — 4c; Q21 = 4c — d.

Also, we assume that all the initial “He external to g is not
affected by stellar nucleosynthesis, and is ejected at the end of
the life of a star, whereas the initial *He internal to g, is entirely

GALACTIC EVOLUTION OF D AND °3He 539

converted into C, N, O, and more massive nuclei. Therefore,
014=024=034=0,04s=1—-qc,0z4 = gc — d.

The values of the quantities g,(m), qc(m), amd d(m) are the
same adopted by FMPP. Notice that, with the above defini-
tion, the sum of matrix elements along each column is equal to
1 — d, to comply with mass conservation.

4.3. Stellar Nucleosynthesis of Deuterium

Deuterium can be destroyed only in stars. The formation of
some D in supernova shocks (Colgate 1973), if at all possible, is
in any case irrelevant in the galactic context (Epstein,
Schramm, & Arnett 1974). However, the amount of actual
destruction of D in stars has been rather controversial. TA
assumed that in stars less massive than 2 M all D is converted
into heavier species whereas in stars more massive than 4 M
all D survives outside the mass fraction g,(m), and is com-
pletely burnt inside g5(m). Recently, however, Palla & Stahler
(1991, 1993) have shown that this prescription is incorrect,
because D is completely destroyed during the protostellar and
pre-main-sequence (PMS) phases in stars of all masses. More
precisely, in the mass range 2.4 M, < m < 8 M, for a rate of
accretion 1075 Mg yr~ %, or in the mass range 4.3 Mg <m <
15 Mg for a rate of accretion 107 My yr~!, PMS stars
possess very thin outer radiative layers containing unburnt D.
If the initial D is completely burnt to He, a mass equal to 3/2
of the initial mass of D is added to the initial mass of 3He.
Therefore, the initial (on the MS) mass of 3He is equal to
[m¥ + (3/2)m¥]. In terms of the matrix elements Q;;, this
means Q,, = 0 and Q3, = (3/2)(1 — g3). The burning of a mass
mi? of D to *He requires the destruction of a mass equal to $mip
of H, a fraction 1 — d(m) of which is ejected. Hence Q,, =

1 in
—2(1 — dm3.

4.4. Stellar Nucleosynthesis of *He: production

This isotope is both produced and destroyed in stars. In
TA’s formalism, the newly formed (and ejected) 3He is a frac-
tion wy(m) of the original H mass, its value being estimated on
the basis of Iben’s numerical results. The destruction of this
species occurs inside the mass fraction gs(m), so that the frac-
tion (in mass) of the original *He ejected back in the ISM is
given by 1 — g5. Since the accuracy of the prescriptions
adopted by TA has been largely improved, and given the
potential importance of this element as a test of cosmological
models, we examine here the processes of production of *He in
some detail.

First, 3He is produced in a star by the burning of the initial
D during the PMS phase. Second, it is also produced via the
p-p chain in the MS phase, during which new 3He is created in
any sufficiently cool H burning zone independently of the
initial D and 3He abundances. In fact, *He is produced in stars
via D(p, y)*He, which occurs at temperatures larger than ~ 10°
K, and destroyed via 3He(*He, 2p)*He or *He(*He, y)'Be in
layers with T > 7 x 10° K. Therefore, significant abundance of
3He in a stellar interior can be found only in a shell where the
temperature is high enough for D burning but low enough for
3He survival.

Indeed, the abundance profile of *He in MS stars of a few
solar mass exhibits a characteristic peaked shape (the peak
corresponding to a temperature of 7 x 10° K), with the
maximum located at a mass fraction of ~0.6 and half-width of
~0.2. The peak *He abundance is of the order of few 104
1073 by mass, depending on stellar mass and composition.
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TABLE 3
Mass FRACTION OF 3He IN THE EJECTA OF STARS OF VARIOUS MASSES

Iben® RST® vwe Straniero? Straniero® Stranierof
m/M Z =002 Z =002 Z =0.016 Z =0.02 Z =0.02 Z =002
1) 2 3 4 (%) ©6) (7
Lo 162(—3) 986(—4)  671(—4)  138(=3)  130(—4)  543(—6)
125...... 9.07(—4)  7.15(—4)
150 607(—4)  630(—4)  533(—4)
2, 2.96(—4)
225...... 247(—4) ...
25....... 1.58(—4)
3eeennn. 1.30(—4) .. 158(—4)  366(—5)  694—6)
35....... 592(—5)
S, 5.63(—5) 846(—5)  301(=S)  9.34(—6)
9. 1.74(—5)

2 From Iben 1965, 1966a, b; 1967a, b.
® From Rood et al. 1976.
¢ From Vassiliadis & Wood 1993.

¢ From Straniero 1994, private communication ; nonresonant case.
¢ From Straniero 1994, private communication; resonant case with E, = 10keV.
f From Straniero 1994, private communication, resonant case with E, = 3keV.

When the star rises the red giant branch (RGB) for the first
time, this freshly produced 3He is diluted over the region
covered by the convective envelope at its maximum inward
extent. The resulting surface 3He abundance in Iben’s “final ”
(after the first dredge-up) models is given in Table 3. For stars
of m>3 Mg, the “final” 3He surface abundance has been
computed by dividing the “final ” 3He mass shown in Table 4
of Iben (1967a) by the mass of the star covered by the convec-
tive envelope at its maximum extent. Even though the cross
section assumed by Iben for the *He(*He, 2p)*He reaction (the
primary reaction responsible for *He destruction) was smaller
by a factor ~5 than the one currently adopted, the corre-
sponding underestimate on the amount of *He production is
only a factor ~ 1.5. In fact, a global scaling of the cross section
affects more the position of the peak in the abundance profile
(which moves outward as the cross section increases) than the
amount of 3He production (Schatzman 1987).

Later on, Rood (1972) and Rood et al. (1976) explored the
dependence of the “final” 3He surface abundance in low-mass
stars of differing initial compositions, finding that this quantity
increases with the time the star takes to get to the base of the
RGB, which is a function of the star’s initial composition. The
values of X% computed by Rood et al. (1976) for m < 1.5 M
and Z = 0.02 are shown in column (3) of Table 3. Clearly,
Iben’s final abundances computed with the updated cross
section for the >He(*He, 2p)*He are in excess of Rood’s only by
a factor ~1.6 at worst, as predicted by Schatzman (1987).
Indeed, the peak abundance of *He in the closest of Iben’s
models to the present-day Sun is 4.20 x 1073 (Iben 1967),
lower only by a factor ~ 1.5 than more refined computations
for the standard solar models (3.01 x 10~ 3 in Turck-Chiéze et
al. 1986; 3.17 x 1073 in Lebreton & Dappen 1988;
3.22 x 1073 in Bahcall & Ulrich 1988; 2.86 x 1073 in Cox,
Guzik, & Kidman 1989).

The fate of He during the latest stages of stellar evolution
has been studied less extensively. According to Rood et al
(1976), “3He survives to the He-flash and presumably after,”
and the material ejected during RGB winds or in planetary
nebulae “should have at least half the 3He abundance as the
material from the first excursion up to the RGB.” Sackmann,
Smith, & Despain (1974) and Scalo, Despain, & Ulrich (1975)
have followed in detail the evolution of 3He in red giants of 1,

2,and 5 M during the phase of deep mixing, starting with the
value determined by Rood (1972) at the base of the RGB. Even
though their results show that X; eventually declines after
103-10* yr from the start of deep mixing, it is quite unlikely
that the star remains in this phase for long times. In particular,
at the time when H-burning releases an amount of energy
equal to the binding energy of the envelope, and, presumably, a
sudden, possibly violent, mass-loss episode occurs, the 3He
abundance is still very close to the value on the base of RGB.
An important clue is provided by the recent results of Vassil-
iadis & Wood (1993), in which the fate of *He is followed
through the first and second dredge-up and the thermal pulses
phase. The abundance of *He in the envelope after the thermal
pulses phase is listed in Table 3 for the case of solar metallicity.
The striking conclusion of Vassiliadis & Wood (1993) is the
confirmation of Rood et al.’s (1976) prediction, namely that the
abundance of 3He established in the outer envelope of stars in
the mass range 0.8 < m < 5 remains virtually unchanged even
after the thermal pulses phase. Thus, it appears that the He
enrichment of the ISM from stars of low and intermediate
mass is an unavoidable consequence of stellar evolution.

In this context, a particular relevance assumes the first detec-
tion of 3He in the ejecta of the planetary nebula NGC 3242,
recently reported by Rood, Bania, & Wilson (1992) and Bania,
Rood, & Wilson (1993), in which *He/H ~ 1.4 x 10~ 3 corre-
sponding to X3 ~ 3 x 107 3. The mass of the progenitor of
NGC 3242 being 10+ 0.2 M, (Stanghellini, private
communication), this value is in agreement with the abundance
predicted by Iben’s models for a 1 M, star. Figure 1 shows the
predicted surface abundance of *He according to the different
stellar models discussed before as function of the stellar mass in
the interval 0.5 < m < 10. Also shown is the *He abundance
observed in NGC 3242 according to Bania et al. (1993).

The net production of 3He in our model is expressed by the
function w,(m). If X5 (m) is the abundance of *He brought to
surface, then wy(m) results in

_ [X3"(m) — X3(m) — (3/2)X 3 (m)Jm®

wy(m) = X"m
_ X$(m) — Xisn;?,). — (3/2)X5(m) [1 —dm)]. (16)
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Fi6. 1.—Final surface abundance of 3He as function of the stellar mass
according to different authors. Circles: Iben (1965, 1966a, b, 1967a, b); thin
solid curves: Rood et al. (1976) for different metallicities (Z = 2 x 1072, upper;
2 x 1073, middle; 2 x 10™*, lower); dashed curve: analytical expression given
by Schatzman (1987); triangles: Vassiliadis & Wood (1993) for Z = 0.016
(filled symbols) and Z = 0.004 (open symbols). Also shown as the filled square is
the observed *He abundance in the planetary nebula NGC 3242 (Bania et al.
1993), with the uncertainty on X5' from Bania et al. (1993) and on the mass
from Stanghellini (1993, private communication).

4.5. Stellar Nucleosynthesis of *He: Destruction

The situation we have so far considered is valid for low-mass
stars (m smaller than ~2 M). Massive stars (m > 8 M)
destroy rather than produce 3He (Dearborn et al. 1986). Let
q,(m) be the mass fraction of a star processed at temperatures
larger than ~7 x 10° K and therefore depleted in *He. Since,
as we have already seen, in Iben’s MS stellar models the *He
distribution is peaked around a mass fraction equal to ~0.6
almost independently on stellar mass, TA adopted gi(m) =
max [0.6, d(m)] over the entire range of stellar masses (the
maximum is to comply with the ordering discussed above).
Dearborn et al. (1986) have run stellar models at selected
masses (8, 15, 25, 50, and 100 M ) specifically to compute the
fraction g5(m) of the stellar mass in which temperatures larger
than ~7 x 10 K are never achieved; their quantity gs(m) is
thus equivalent to our quantity 1 — g,(m). For stars of m < 8
M ,, lacking more detailed modeling, a good estimate of g,(m)
is the fraction of the initial mass which is outside the H burning
sheil. Our complete prescription on g;(m) is then g;(m) = q,(m)
if m <3 Mg, and g3(m) = 1 — g,5(m) at the masses considered
by Dearborn et al. (1986), and a linear interpolation in
between. The resulting curve is shown in Figure 2 where
we compare it with the prescriptions adopted by TA and
Truran & Cameron (1971). The complete matrix Q;; is shown
in Table 4.

5. RESULTS

5.1. The Evolution of D and 3He in the Standard Model

Starting from the predictions of SBBN, we are now able to
follow accurately the evolution of D and *He during the galac-

FiG. 2—The fraction g, of stellar mass inside which *He has been burnt to
“He or "Be, according to different authors. Short-dashed curve: Truran &
Cameron (1971); long-dashed curve: Talbot & Arnett (1973); triangles: Dear-
born et al. (1986); solid line: adopted in this work.

tic history. The calculations are based on a particular model
selected from our previously published studies (Ferrini & Galli
1988; Galli & Ferrini 1989; FMPP) that gives the best-fit to
the observational constraints for our Galaxy (age-metallicity
relation, G-dwarfs distribution, etc.). The adopted age of the
Galaxy is t, = 13 Gyr and the epoch of formation of the Sun is
to = 8.5 Gyr. For comparative purposes, we also present in
Appendix B a simplified, analytical model of the time evolution
of D and 3He.

The time evolution of (D/H) for various values of #,, is
shown in Figure 3; the number abundance of D with respect to
Hatt =ty and t = t, is listed in Table 5. Results for *He are
presented in Figure 4 and Table 6 for two cases. In one, stellar
production of 3He is computed on the basis of the analytical
expression for X3""(m) given by Schatzman (1987),

-2
_ m
X$(m) = 1.063 x 10 3(M—@>

an

which is ultimately based on the solar model described in
Schatzman & Maeder (1981). This simple expression rep-
resents a good fit to Iben and Vassiliadis & Wood (1993)
results for intermediate masses, and a reasonable average of
the two at lower masses. This case will be referred to as the

TABLE 4

MATRIX Q;;
H D 3He “He VA
H..... l—gq,—w, —i1-4 0 0 0
Do 0 0 0 0 0
He...... W, 31— qy) 1-gq; 0 0
“He...... 44 — 4c 393-99 dG—4dc 1-4c 0

Z ... gc—d 3gc— 9 gc—d  gc—d 1-d
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F1G. 3.—Evolution of the deuterium number abundance vs. time for differ-
ent values of n,,. The filled triangles give the observed presolar (t = 8.5 Gyr)
and ISM (t = 13 Gyr) abundances, together with their 1 ¢ uncertainties (data
sources are discussed in Appendix A).

“standard model.” In the other case, we assume no stellar
production of 3He and we simply take w4(m) = 0.

From the curves of Figure 3, we see that the astration of D is
in all cases relatively modest: the surviving D is less than the
primordial value by a factor ~1.5att =ty and ~2.5att = t,.
Our results are thus in agreement with Audouze & Tinsley
(1974), Vangioni-Flam & Audouze (1988) (their canonical
case), and Steigman & Tosi (1992) but deviate significantly
from those of Delbourgo-Salvador et al. (1985, 1986, 1987), and
Vangioni-Flam et al. (1994).

The abundance of D in the presolar material and in the ISM
sets stringent bounds on the value of n,,. If the values adopted
in this paper are taken at face value, then the bounds on 7,
from (D/H), and from (D/H), are 3.8 < #,, < 4.8 and 42 <
N10 < 4.9, respectively. The 1 ¢ uncertainty on the SBBN abun-
dances of D and 3He is of the order of 30%, according to the
analysis of Smith et al. (1993). Since in this range of the baryon-
to-photon ratio the relative error on #,9 is Anyo/fi0 =
0.5AX,p/X,p, these bounds should be fairly precise if other
sources of error are absent.

The run of the 3He abundance versus time of Figure 4
clearly shows the serious conflict with observations, unless
stellar production of this isotope is zero, i.e., w3 = 0. Even in

Time (Gyr)

FIG. 4—Evolution of the 3He number abundance vs. time for selected
values of #,,. The solid curves show the evolution in the standard model that
assumes production of 3He in stars, according to the prescription of Schatz-
man (1987). The dashed curves are for the case with no production of *He
w; = 0. The filled triangles give the observed presolar (t = 8.5 Gyr) and ISM
(t = 13 Gyr) abundances, together with their 1 o uncertainty (data sources are
discussed in Appendix A).

this favorable circumstance, however, it is not possible to
reproduce the solar value unless #7,, ~ 7, too high a value to
provide acceptable results for D (and “He). If stellar pro-
duction is taken into account, the overproduction of 3He is so
large that the initial abundance becomes unimportant. Thus,
the possibility that #,, could be of the order of 20 or larger, as
advocated by Schatzman (1987) on this basis, would not
resolve the discrepancy either.

Finally, in Figure 5 we show the time evolution of the sum
(D + 3He). Once again, consistency with observations can only
be obtained if there is no net stellar production of *He. In this
case, the slight overproduction of 3He at t =t shown in
Figure 4 is compensated by the effective decrease of D (cf. Fig.
3) such that their sum remains almost constant. Otherwise, the
enrichment of 3He is unavoidable. We are thus left with the
fundamental problem of finding an effective mechanism
capable of eliminating, or at least reducing, the inconsistency.
In the following sections, we will consider several effects that
are likely to influence the galactic evolution of 3He.

TABLE 6
TABLE 5, VALUES OF (*He/H) AT t =ty AND t = ¢,
VALUEs OF (D/H) AT t =t
AND t =t wy;=0 STANDARD MODEL
Nio to Lo 10 lo to to to

2., 8.68(—5) 5.73(—5) 2...... 6.35(—5) 9.12(—5) 1.23(—4) 2.56(—4)
3. 4.58(—5) 3.02(—5) 3...... 3.85(—5) 5.33(-5) 9.79(—5) 2.17(—4)
4...... 2.72(-5) 1.79(—5) 4...... 2.71(-5) 3.58(-5) 8.66(—5) 2.00(—4)
5...... 1.88(—5) 1.24(—5) Seennn. 2.14(—5) 2.74(-5) 8.10(—5) 1.92(—4)
6...... 1.38(—5) 9.12(—6) 6...... 1.80(—5) 2.23(-5) 7.76(—5) 1.87(—4)
T...... 1.09(—5) 7.24(—6) T...... 1.52(=95) 1.86(—5) 7.49(—5) 1.83(—4)
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FiG. 5.—Evolution of the (D + *He) number abundance vs. time for selec-
ted values of #,,. The solid curves show the evolution in the standard model
with stellar production of 3He. The dashed curves are for the case with no
production of 3He, w; = 0. The filled triangles give the observed presolar
(t = 8.5 Gyr) and ISM (¢t = 13 Gyr) abundances, together with their 1 ¢ uncer-
tainty (data sources are discussed in Appendix A).

5.2. Infall

A key feature of the FMPP model of galactic chemical evo-
lution is the role played by “infall,” interpreted as the physical
coupling between the halo and the disk zones of the solar
cylinder. Indeed, the disk is treated here as a purely secondary
structure, formed by the accumulation of gas released from
(and partially processed by) the halo. Since different authors
have very different views on the nature and relevance (if any) of
infall in models of chemical galactic evolution, it is necessary to
understand its effects on the evolution of the light elements. To
this goal, we have run a modified standard model in which
material infalling on the disk is taken as 3He-free, keeping
everything else unchanged. Clearly, this choice is an extreme
one, aimed at determining the maximum dilution of *He that
can be expected to arise from mixing with extragalactic pri-
mordial material.

In the resuiting evolution, we found that the abundance of
3He at t = t, is reduced by 42% with respect to the standard
model. Thus, the effect of unenriched infall cannot account for
the reduction of about a factor >5 required to bring the 3He
abundance in agreement with the observed value. In addition,
the dilution due to the unenriched material becomes increas-
ingly less efficient with time, whereas stellar production, being
larger for less massive stars, has the opposite behavior: thus, at
t = t,, the reduction in the *He abundance is only 35% with
respect to the standard model.

5.3. An Initial Starburst?

In this section we explore the possibility that the Galaxy had
a “starburst” phase at very early times, characterized by the
rapid evolution of a large number of massive stars. We test this
hypothesis by considering its consequences on the evolution of
the light elements and on the metallicity distribution. Follow-

GALACTIC EVOLUTION OF D AND 3He 543

ing the approach of Charlot et al. (1993), we simulate the effect
of a starburst with a modified IMF with respect to the one
adopted in the standard model. Leaving everything else
unchanged, we assume that during the starburst phase, lasting
from t = 0 to ¢t = 2 Gyr, no stars less massive than 3 M, were
formed (“ truncated ” IMF); from ¢t = 2 Gyr to t,, the evolution
is followed as in the standard model (a similar scenario has
been considered by Vangioni-Flam & Audouze 1988). Accord-
ing to Charlot et al. (1993), this picture, although very crude,
may be relevant for the interpretation of the red-spectrum
galaxy population recently discovered at low- and
intermediate-redshifts (Aragon-Salamanca et al. 1993, and ref-
erences therein). However, it is questionable whether such an
extreme model could be applied to our Galaxy.

The rationale behind this test is the expected reduction in
the *He abundance that should result in this case (low- and
intermediate-mass stars are the most prominent 3He
producers). In reality, since in the starburst phase the gas is
processed by short-lived massive stars, a “truncated” IMF
leads unavoidably to a larger astration rate, which results in a
high destruction rate of the initial D (reduced by a factor ~17
att = t,). In turn, this excess of destroyed D is recovered in the
form of 3He, and more than compensates for the reduced
stellar production of this element. At ¢ = to, the D and *He
mass fractions are X,(to) = 9.04 x 107¢ and X,(tp) = 4.36
x 1074, respectively, for the standard case n,, = 4. The full
time evolution of D and 3He is shown in Figure 6. As we can
see, not only the discrepancy with the observed value of presol-
ar >He is made even worse, but D is now deficient by a large
amount, a factor of ~4. Also, the resulting age-metallicity rela-
tion and the metallicity distribution of disk G-dwarfs are in
complete disagreement with observations: solar metallicity is
reached already at ¢t ~ 0.5 Gyr, and the peak of the G-dwarf
distribution is shifted toward [Fe/H] ~ 0.5.

We conclude from this crude test that the possibility of a
“truncated ” IMF during the early evolution of the Galaxy is

—
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FiG. 6—Effect of a truncated IMF on the D (bottom) and (D + 3He) (top)
evolution. The evolution in the starburst case is given by the solid curve, while
the dashed curve is for the standard model. In either case, ,, = 4.
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strongly contradicted by observations, and, in any case, its
effect on the evolution of the light elements would not alleviate
the observed discrepancies, but make them worse.

5.4. Effect of Varying Stellar Lifetimes

The MS stellar lifetimes adopted in the standard model are
obtained from the power-law approximations given by Burkert
& Hensler (1987). However, many effects may modify the life-
time of stars in the relevant mass range for production of 3He,
making necessary to test the sensitivity of our results on this
parameter. To evaluate quantitatively this effect, we have run
models based on the main-sequence lifetimes tabulated by
VandenBerg (1985) (Y = 0.25, Z = 0.02), Maeder & Meynet
(1989) (Y = 0.28, Z = 0.02) and Schaller et al. (1992) (Y = 0.30,
Z = 0.02). In all cases the tabulated values have been fitted
with a cubic polynomial in log 7—log m.

VandenBerg stellar evolutionary models are calculated
without overshooting with updated (at 1985) opacities and
nuclear reaction rates. Maeder & Meynet lifetimes are based
on stellar models including overshooting (d/H, = 0.25) which
tends to increase stellar lifetimes. Indeed, the values tabulated
by Maeder & Meynet are higher by a factor from 1.5 to 2.7
than VandenBerg’s. It is important to notice, however, that
isochrones calculated with the new OPAL opacities and little
or no overshooting (see, e.g., Schaller et al. 1992) are in agree-
ment with the results of VandenBerg.

In Table 7 we present the results of our standard model
(110 = 4) for different assumptions on the stellar lifetimes.
From the comparison between the results obtained in our
“standard” case and those obtained with VandenBerg life-
times, we see that the expected variations due to different
fitting approximations, opacities, and assumptions on the
mixing length parameter amount to ~20% at worst. Much
larger is the decrease in the predicted abundances of *He
obtained with Maeder & Meynet (1989) lifetimes, owing to the
increased delay in the restitution rate of metals to the ISM. The
effect can be seen in Figure 7, which shows the time evolution
of *He. The net 3He reduction is a factor 1.3 at t = ¢ and 1.8
at t =t,, but the disagreement with the observed presolar
value is still a factor of 4. Finally, note that the value of the
metallicity at the time of the formation of the Sun is almost
insensitive to the exact choice of t[m], as indicated in column
(6) of Table 7.

5.5. Effect of Varying w,

As shown in Figure 1, the abundance of 3He in stellar ejecta
is not a very well determined quantity from stellar evolution-
ary models. For instance, the flattening and the possible turn-
over found by Vassiliadis & Wood (1993) at low masses
appears to be at variance with the steep behavior obtained by
Rood et al. (1976) for m <1 M. Nevertheless, the rough
agreement of the predictions based on widely differing methods
and assumptions (e.g., opacities) is reassuring on the overall
consistency of independent stellar nucleosynthesis calculations.

10
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FiG. 7—Effect of stellar lifetimes on the 3He evolution. The solid curves are
from the stellar evolution models of VandenBerg (1985, VdB) and Maeder &
Meynet (1989, MM), respectively. The dashed curve is for the standard model
(ny0=4).

To test the sensitivity of our results to the *He yield we have
run two models with the numerical value of w;(m) given by the
expression (17) divided by a constant factor of 3 and 10, respec-
tively. The results for the *He abundance at the time of the
formation of the Sun and at the present time are given in Table
8. Even in the case of the largest reduction, the discrepancy is
still high, more than a factor of 2.

On the basis of the results shown in Table 8, we can also
gauge the effect of metallicity on the 3He yield. Rood et al.
(1976) and Vassiliadis & Wood (1993) have calculated stellar
evolution models of decreasing metallicity and determined the
reduction of the surface 3He abundance, resulting from the
shorter time necessary to reach the base of the RGB. Rood et
al. (1976) found a reduction of only ~30% in a m = 0.8 M
star, when passing from Z = 10”2 to Z = 10~ *. Correspond-
ingly, Vassiliadis & Wood (1993) determined a ~20% decrease
of X5 for a m =1 star when passing from Z = 0.016 to
Z = 107 3. Such a weak dependence on Z has a negligible effect
on the overall galactic evolution of *He. Finally, it is important
to recall that after ~1-2 Gyr the metallicity of the ISM in the
galactic disk has already reached a fraction £ —  of the solar
value (Twarog 1980; FMPP).

5.6. Effect of Nova Outbursts on *He Evolution

In this section we present an estimate of the fate of 3He in
close binary stars that ultimately lead to a nova system. Theo-

TABLE 7
EFFECT OF VARYING 1(m)

Reference X,(to) X,(to) X;(to) X5(to) Z(to)

(1) @ 3) @ 5 (©6)
Standard t(m).................. 3.96(—5) 2.57(-5) 191(—4) 4.34(—4) 0.0156
VandenBerg 1985 ............. 3.70(—-5) 2.05(—5) 1.80(—4) 3.42(—4) 0.0192
Maeder & Maynet 1989...... 3.90(—5) 2.13(-5) 1.42(—4) 2.62(—4) 0.0188
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TABLE 8
EFFECT OF VARYING w,(m)

Model Xs(te) X(to)
Standard wy(m)...... 191(—4)  4.34-9)
Waf3 997(—-5)  2.08(—4)
wy/10 ... 7.86(—5) 1.31(—4)
wy=0..........0. 592(—-5)  7.68(-5)

retical models and observations suggest that in these objects,
matter transformed from the red giant secondary to the white
dwarf primary accumulates in a hydrogen-rich, degenerate
envelope that suffers thermonuclear runaway giving rise to the
nova outburst. According to several studies, any 3He present in
the accreted matter is ultimately transformed into ’Li and
ejected back to the ISM (Arnould & Norgaard 1975; Starrfield
et al. 1978; Shara 1980; Iben & Tutukov 1984; Matteucci &
D’Antona 1991). For example, the calculations by Shara (1980)
show that on a timescale of a few tens of years the accreted *He
is completely destroyed at the base of the envelope. According
to this picture, in the framework of chemical galactic evolution,
novae represent a sink for *He and a source for "Li. It is
necessary, therefore, to consider the reduction of the 3He yield
accounted for by nova systems.

As a simple estimate, let us adopt the conservative assump-
tion that red giants belonging to a nova system do not contrib-
ute at all to 3He enrichment of the ISM. Then, we should
correct the *He yield of a star of mass m by the ratio p(m) of the
number of nova systems (with secondary of mass m) to the
number of single stars of the same mass. For simplicity, let us
define a “nova system” as a binary made by a secondary of
mass m, = m and a primary of mass m, > m, evolving ultima-
tely to a white dwarf, with period of revolution ranging
between P, and P,. The fraction of novae is thus given by

plm) = a(m)f“ﬂ(u)du j Fo(P)P

where a(m) is the fraction of stars of mass m that have a com-
panion, f,(u) is the (normalized) distribution of mass ratios
[u = my/(my + m,)], and fp(P) the (normalized) distribution of
periods. For f,(1) we take the expression given by Greggio &
Renzini (1983),

(18)

Sy = 21770 + )7, (19)

with y = 2. The progenitors of white dwarfs are assumed to be
stars of mass 0.8 < m, < 8. The limiting mass ratios for a nova
system are then pu; = m/(8 + m) and pu, = 1. For the distribu-
tion of periods, we take the expression given by Duquennoy &
Mayor (1991) for MS stars, neglecting any possible subsequent
change during the post-MS evolution,

P = \/El;a exp [_ (log P —log P) :l’

203
where P is in days, log P = 4.8, and ¢ = 2.3. Periods of nova
systems are in the range between P, = 2 hr and P, = 12 hr. As
for a(m), following Abt (1983), we assume o = 0.5 independent-
ly of mass.
With these values, we obtain the final expression

2m \?
p(m) ~ 0.5 x I:l — (m—+8> ] x 0.008

(here m in units of M) for m < 8 M, and p(m) =0 form > 8

(20)

@1
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M . Thus, the resulting correction on the *He yield, equal to
1 — p(m) within our assumptions, is negligible for all masses.

5.7. Hypothetical Resonance in the *He(*He, 2p)*He
Cross Section

Finally, we will explore the possibility that the solution to
the problem of the galactic evolution of *He might come from
nuclear physics. In particular, we consider the effects that a
resonance at low energies (E, < 100 keV) in the 3He(®He,
2p)*He reaction might have on the stellar nucleosynthesis of
3He. The existence of such a resonance was postulated inde-
pendently by Fowler (1972) and Fetysov & Kopysov (1972) as
a desperate solution to the solar neutrino puzzle. In fact, they
argued that the resonance could significantly reduce the pro-
duction of "Be and ®B, and the discrepancy between the pre-
dicted and the observed neutrino fluxes might be accounted
for, or at least reduced. Fetysov & Kopysov (1972, 1975) set
very stringent restrictions on this hypothetical resonance: it
must lie less than 20 keV above the *He + 3He threshold
(~11.6 MeV) and must have a total width less than ~2 keV.
Laboratory measurements of the 3He(*He, 2p)*He cross
section by Dwarakanath (1974) extended down to E, ~ 30 keV
gave negative results. Equally unsuccessful was the search for
an excited level of ®Be near the 3He + 3He threshold
(McDonald et al. 1977). In the most recent experimental study
of this reaction, Krauss et al. (1987) found no evidence for a
resonance down to E, ~ 18 keV.

However, the possibility of a low-energy resonance cannot
be completely dismissed (Rolfs & Rodney 1988). In a recent
reanalysis of the solar neutrino puzzle, Castellani,
Degl'Innocenti, & Fiorentini (1993) find that a sufficient
reduction of "Be neutrinos can result if the resonance lies well
below ~20 keV, an energy region almost unexplored experi-
mentally. Experiments currently in progress in underground
laboratories should be able to extend cross section measure-
ments down to E, ~ 10 keV with the required sensitivity
(Arpesella et al. 1991).

Clearly, the existence of a resonance in the *He(*He, 2p)*He
cross section at energies of a few keV would have a dramatic
consequence on the stellar yield of this isotope. To evaluate
quantitatively this effect, we used the results obtained from a
set of stellar models computed with the FRANEC code (O.
Straniero, private communication), in which the rate for the
3He(*He, 2p)*He reaction was modified to include the effect of
a resonance of strength (wy), = 1.2 x 107!° MeV at energy
E, =10 keV, and (wy), = 50 x 10722 MeV at E, = 3.0 keV.
The stellar models were evolved from the Hayashi track to the
first dredge-up. The resulting 3He abundances in the outer
envelope of stars of different masses after the first dredge-up
are listed in the columns (6) and (7) of Table 3, along with the
corresponding values obtained in the nonresonant case (col.
[5]). The time evolution of the *He abundance obtained with
the stellar yields evaluated in the resonant case is shown in
Figure 8 for 5,, = 4. The results are startling: the *He abun-
dance remains almost constant during galactic evolution and
the presolar value may be easily accounted for by either values
of the resonance parameters. The trend displayed by the curves
of Figure 8 differs, however, in the two cases: for E, = 3 keV,
the efficiency of 3He-burning is so enhanced to give a net
destruction; conversely, a value of E, = 10 keV is already ade-
quate to produce a slight overabundance at the presolar epoch
(for more details, see Galli et al. 1994).

An indirect evidence in favor of *He destruction in stars is
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FiG. 8.—Effect of an hypothetical low-energy resonance on the evolution of
3He (bottom) and (D + 3He) (top). Two values of the resonance energy and
strength are considered: E, = 3 keV, (wy), = 50 x 10722 MeV, and E, = 10
keV, (wy), = 1.2 x 10™*° MeV. The evolution in the nonresonant case is also
shown for comparison.

given by the observed galactic gradients of *He/*He and '*C/
12C, The production schemes for 3He and !3C as well as their
distribution in stars, are similar (Rood et al. 1984); thus, one
would expect that their galactic gradients show the same trend.
The recent observations of Balser et al. (1994) indicate that the
ratio 3He/*He increases in the outer Galaxy, unlike '3C/*2C
that is larger in the inner Galaxy where the star formation rate
is higher than in the solar neighborhood. In conclusion, it
appears that nuclear physics can provide an effective way to
solve the problem of galactic *He. One should notice, however,
that within the range of uncertainties the abundance of this
isotope measured in the planetary nebula NGC 3242 is in
agreement with the predictions of standard stellar models, even
though a sensible reduction of the value given by Bania et al.
(1993) cannot be excluded at the moment (T. Wilson, private
communication).

6. CONCLUSIONS

In this paper, we have studied in detail the evolution of D
and 3He in our Galaxy. Several conclusions can be drawn from
our analysis. In the case of D, since the processes affecting the
abundance of this species are simple and rather well under-
stood, models of chemical galactic evolution can be used to put
stringent constraints on the amount of primordial D, and
hence on the baryon-to-photon ratio 5. The resulting allowed
range for the baryon-to-photon ratio # results 4.2 < ,, < 4.8,
where the lower bound comes from the ISM value of D/H as
determined by McCullough (1991), and the upper bound from
the presolar D/H. This constraint corresponds to a baryon
density parameter Q, h2, = 0.066 + 0.004 (or Q, hio, = 0.016
+ 0.001) for a standard model with three neutrino flavors. Our
lower bound to Q, hZ, is ~50% higher than the corresponding
lower bound determined by Smith et al. (1993) and ~20%
higher than the one derived by Steigman & Tosi (1992) on
similar grounds. This seems to reinforce the need for baryonic
dark matter, since the amount of luminous matter in the uni-
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verse is significantly lower, Q,,, ~ 0.005-0.007 (Persic &
Salucci 1992; see, however, Bristow & Phillips 1994 for a differ-
ent conclusion).

The conclusions above are based on our best model for the
chemical evolution of the Milky Way, which predicts a moder-
ate astration of D. If, indeed, the intergalactic absorption
feature observed by Songaila et al. (1994) and Carswell et al.
(1994) is produced by primordial D and its abundance is a
factor of ~ 15 larger than the present-day value, our model is
not correct and its constitutive elements (SFR and/or IMF,
occurrence of a galactic wind, etc.) must be radically revised.

Conversely, the problem of *He overproduction during
normal galactic evolution, already stressed in several early
works on the subject, is still with us. The results of current
steliar evolutionary models, supported by the recent detection
of 3He in the ejecta of a planetary nebula, are irreconcilable
with the abundance of this isotope inferred for the presolar
material and observed in galactic H 11 regions. In our opinion,
there are only two possible solutions to this dilemma:

1. Stellar models give correct values for the 3He yield, but its
abundance in the protosolar nebula and in H 11 regions has
been reduced by about one order of magnitude by some
unknown process;

or, conversely,

2. Observed abundances of *He are representative of the
(uniform) composition of the ISM at the corresponding epochs,
but the predicted stellar yields of 3He need to be drastically
reduced.

The first possibility cannot be completely dismissed: one
should also keep in mind that the determination of the 3He
abundance in H 1 regions suffers various uncertainties the
most serious being probably the conversion from He*/H* to
3He/H, which is virtually unknown (compare, e.g., the results
of Rood et al. 1984 and Bania et al. 1987). Much more difficult
is to accept that the 3He abundance in the presolar material
might be underestimated by a factor of 5-7, in face of the
overall consistency of the available observational data (see
Appendix A). The possibility that the Sun was born in a region
locally depleted of 3He by the same process that apparently
reduces 3He in H 1 regions appears more plausible (D.
Schramm, private communication).

Possibility 2 is more appealing, but it seems in conflict with
the recent detection of He in the ejecta of a planetary nebula,
where a value in excellent agreement with that predicted by
standard stellar models has been measured. Should this value
be substantially reduced by future observations, the possible
existence of a mechanism able to destroy 3He in stellar
envelopes during the latest stages of stellar evolution would
gain credit.

Of course, in this situation, 3He cannot be used as a con-
straint on the value of n,,: in fact, if stellar production of He
is correctly predicted by standard stellar models, whatever
initial abundance of 3He in the range of a few 103 is rapidly
offset already after the first 1 Gyr of galactic evolution.

We thank Oscar Straniero for enlightening discussions on
the nucleosynthesis of *He and for performing specific stellar
evolutionary calculations; We also thank Monica Tosi,
Stefano Sandrelli, Claudio Ritossa, Tom Wilson, and Steve
Shore for useful discussions. Finally, we are grateful to Gary
Steigman for a careful reading of the manuscript and for his
many useful comments.
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APPENDIX A
ABUNDANCES OF D, 3He, AND “He AT THE TIME OF FORMATION OF THE SUN

Al. ABUNDANCE OF D

The abundance of D has been measured in the atmosphere of Jupiter and Saturn (see, e.g., Gautier 1983; Gautier & Owen 1985)
where D is mainly in the form of CH;D and HD. The more recent (after 1980) values for Jupiter are D/H = (2.15 + 0.95) x 1073
from HD (Encrenaz & Combes 1982), D/H = (3.6 + 1.4) x 10~ % from CH,D (Kunde et al. 1982), D/H = (3.3 + 1.1) x 10~ from
CH;D (Courtin et al. 1984), and D/H = (1.95 + 0.95) x 10~ from HD (Hayden Smith & Schempp 1987). The more recent accurate
values for Saturn is D/H = (1.6 + 1.3) x 1073 from CH,D (Courtin et al. 1984).

According to Gautier & Owen (1985), the abundance of D in the atmospheres of Jupiter and Saturn should reflect the local
interstellar value at the time these two planets formed, since, unlike the case of Uranus and Neptune, no substantial enrichment in D
should have occurred (Hubbard & MacFarlane 1980). However, the D abundance inferred from HD lines measurments seems to be
systematically lower than the value obtained from CH;D measurements, probably owing to systematic errors in the model
assumptions. In addition, there is apparently a depletion of D in Saturn with respect to Jupiter which, although small, may be a real
effect reflecting an enhanced D fractionation in Jupiter (see discussion in Courtin et al. 1984).

In any case, we are confident that a weighted average of the above values should represent a sufficiently precise estimate of the D
abundance in the ISM at the time of formation of the Sun, and we assume in this work (D/H) = (2.52 + 0.49) x 1075,

A2. ABUNDANCE OF 3He

The abundance of *He in the ISM at the time of formation of the Sun (4.6 Gyr ago) is usually inferred from measurements of the
3He/*He isotopic ratio in meteorites. It has long been known that the isotopic concentration of rare gases in meteorites falls in two
significantly different ranges of values (Pepin & Signer 1965). These two kinds of elemental patterns, or components, are commonly
denominated “planetary ” (or “A ™) and “solar” (or “B”). Because of its similarity in composition with the present day solar wind
(SW), the latter component, observed in carbonaceous chondrites (CC) and gas-rich meteorites (GRM) is attributed to ion
implantation by the SW in the meteoritic material (Signer 1964). Component “A,” which is characterized by a lower *He/*He ratio
and is not observed in GRM, is more puzzling. According to one hypothesis (Black 1972b), this component may result from a
mixture of rare gas ions already present in the dust grains of the protosolar cloud and rare gas ions implanted by a very early
protostellar SW on those grains which were not vaporized during the process of star formation. Black (1972a) attributed the
increase in *He content from a SW of composition “ A to a SW of composition “ B” to the intervening episode of D burning in the
proto-Sun. It should be mentioned that this hypothesis raises some difficulties (see, e.g., the discussion following Black 1972c).

In an alternative scenario, the 3He/*He ratio in the SW may have been raised with time because of leakage from the interior of the
Sun of 3He brought to the surface by meridional circulation (Schatzman 1970, private communication to Eberhardt et al. 1970;
Schatzman & Maeder 1981 ; see also Geiss & Bochsler 1981 for a discussion). But even in this case, however, the lower abundance of
3He in CC may well be representative of the protosolar value.

If Black’s (1972a, b) hypotbhesis is correct, then the 3He abundance in the protosolar nebula can be obtained directly from the CC
data; moreover, since a star of 1 M converts all its initial D in *He during the protostellar and PMS phases (Palla & Stahler 1990,
1993), the protosolar D abundance can be determined by subtracting the value obtained in this way from the 3He abundance in
GRM or in the present-day SW if there is no leakage of internal 3He. Let us consider this procedure quantitatively.

The “A” component of 3He/*He in CC has been measured with good accuracy several times, resulting (1.25 + 0.76) x 10™*
(Anders et al. 1970), (1.76 + 0.40) x 10~ (from Fig. 1 of Black 1971), (1.5 + 1.0) x 10™* (Black 1972a), (1.40 + 0.30) x 10~ * (from
Fig. 6 of Black 1972b), (1.43 +0.40) x 10™* (Jeffery & Anders 1970), (1.42 +0.2) x 10™* (Reynolds et al. 1978),
(1.558 + 0.055) x 10™* (Frick & Moniot 1977), (1.460 + 0.073) x 10~ * (Eberhardt 1978). The weighted average of these values is
SHe/*He = (1.514 + 0.042) x 10~ *; with the value of (*He/H),, given above, the presolar abundance of 3He as estimated from the
composition of CC results (*He/H)o = (1.48 + 0.13) x 107>,

On the other hand, measured values for *He/*He in GRM are *He/*He = (3.79 + 0.4) x 10™* (Jeffery & Anders 1970),
(3.9 + 0.3) x 10~ * (Black 1972a). The abundance of 3He in the SW has been recently reviewed by Bochsler, Geiss, & Maeder (1990).
Geiss et al. (1972) have obtained in the SW an average ratio *He/*He = (4.25 + 0.21) x 10™* from the Apollo Foil experiment.
The average ratio obtained from data collected by the ISEE 3 spacecraft is 3He/*He = (4.88 + 0.48) x 10~ % (Coplan et al. 1984).
Solar wind particles trapped in the lunar mineral ilmenite give values in the range 3He/*He = (3.45 + 1.15) x 10~* (Benkert et al.
1988). The weighted average of the SW, lunar soil, and GRM data is (*He/*He) = (4.16 + 0.16) x 10™#, corresponding to
[CHe + D)/H] = (4.08 + 0.36) x 105

A direct determination of the *He abundance in the photosphere of the Sun would provide an independent constraint on
[(He + D)/H]; in practice, such a measurement is difficult and the result uncertain. Hua & Lingenfelter (1987) used the 2.223
MeV y-line to obtain a photospheric value *He/H = (2.3 £+ 1.2) x 1075, It seems that the photospheric abundance is significantly
lower than the SW wind abundances, although the two values overlap within the uncertainties. Fractionation effects, or more likely,
different Coulomb drag factors on “He and >He ions (see, e.g., Bochsler et al. 1990) may enhance the He/*He isotopic ratio in the
SW relative to the solar photosphere. In any case, we rely here on the meteoritic value. It is interesting to notice that gas extracted
from terrestrial diamonds is characterized by values of the isotopic ratio 3He/*He similar to the ones found in GRM and in the SW,
~3 x 10~* (Ozima & Zashu 1983). This may indicate that the dust grains from which Earth and the GRM formed were subjected
to irradiation by a SW of composition very similar to the present one, in contrast with dust incorporated in CC.

Following this discussion, the values of the abundance of the light elements at the time of formation of the Sun, with their 1 ¢
uncertainty, are given in equations (4)—(6). It is important to observe that, in support of Black’s hypothesis, the value of (D/H),
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obtained as a difference of the meteoritic determinations of (*He/H)g and [(D + 3He)/H], (egs. [5] and [6]) is fully consistent with
the value determined independently from planetary atmospheres (eq. [4]).

A3. ABUNDANCE OF “He

The “He content of the presolar nebula can be derived directly from measurements of the He abundance in the photosphere of the
Sun or in prominences, or determined theoretically from recent standard solar models. Anders & Grevesse (1989) in their critical
compilation of solar photospheric abundances prefer the latter method and determine a theoretically allowed range, (*He/H)g =
0.098 + 0.008, which we adopt here. In terms of mass fractions, the solar values adopted in this paper are X, = 0.707 + 0.017,

= 0.274 + 0.016 (Anders & Grevesse 1989).

APPENDIX B
EVOLUTION OF D AND 3He: ANALYTICAL SOLUTIONS

In this Appendix we will derive simple analytical expressions for the evolution of D and *He. Similar results have appeared in
* various forms in the literature. We present them here in a consistent formalism for commodity of the reader to present a check on
the numerical calculations, and to provide a simple, although approximate, way to evaluate the relative importance of the various
physical quantities.

Consider a “closed box ” model of galactic evolution for the solar neighborhood, with constant star formation rate y, total mass
M, and gas mass M (¢) in the form of gas, in the IRA approximation. Since the system is closed, initially M (0) = M,. The evolution
of the gas mass, of the abundance of D and 3He is governed by equations analogous to the equation (11) withf=0and i =2, 3.
Written explicitly,

£ (M)=~(1 - Ry, @)
d
d_t(MgX1)= —(1=R)X, ¥y, (23)
d
E(MgX2)= -X,¥, (24)
d 3
E(MgX3)=—X3l//+P3X1!//+R3<§X2 +X3>|//, (25)
d
E(MgZ)= —Z(1 —RW + Py, (26)
where we have defined the returned fraction,
R= f "L~ dom)]gmydm . @)
and the upper limit is m,,, = 60 M ; the *He returned frac:tion,
Ry = L L1~ qu(mmam ; (28)
the 3He production factor,
Py = ﬂ"“wam)qs(m)dm : 9)
and the metal production factor
P, = j " Lactm) — domtmm (30)

the lower limit of these integrals is the turn-off mass, taken asm; = 1 M.
Expressed as function of the present-day gas mass fraction u = M,/M,, the solutions of equations (24)—(26) read

X1 = Xop M0, (1)
P - - 3 - - - - -
Xs(ﬂ) = le ﬁ [1 — #(R R3)/(1 R)] + z sz[#(R R3)/(1-R) _ ﬂRl(l R)] + X3p'u(R R3)/(1 - R) R (32)
P
Zw = -y Inn, (33
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TABLE 9
COMPARISON WITH THE SIMPLE MODEL AT Z = Z,

X, X3(wy =0) X3(w; #0)

Mo SM Numerical SM Numerical SM Numerical
2...... 1.2(—4) 1.3(-5) 1.5(—4) 7.3(—5) 2.8(—4) 1.4—4)
4...... 3.8(-5) 4.0(—9) 6.1(—5) 3.0(—9) 1.9(—4) 9.5(—5)
6...... 1.9(-5) 2.0(-95) 4.0(—9) 1.9(—5) 1.7(—4) 8.2(-5)

where X ,, and X, are the primordial values and the initial metallicity of the gas is zero. The integrals (27)—(30) can be evaluated
numerically from our prescriptions on the function d(m), g;(m), gc, X5*"(m), and the IMF. The resulting values are

R=0211, R,=0180, P,=730x10"° P,=794x10"2, (34)

where we have adopted Schatzman’s (1987) expression for X5 (case with no mixing) to evaluate P,. With a simpler notation,
defining

f, = 'uR/(l—R) , fy = 'u(R—R:;)/(l—R) , K, = R—P3R_ [ - ﬂ(R—Ra)/(l—R)] , (35)
- 3
equations (31) and (32) become
Xz =f2X2p’ (36)
X3 =0/2X,,(fs ) +/: X5, + K3 X, (37)

already obtained on the basis of qualitative arguments by Black (1971) and derived rigorously by Tinsley (1974). From these two
equations, with K5 = 0, we can easily get

G/2X () + X5 _ [X z(ﬂ)]1 o (38)

G/DX,, + X3, | X,

where g; = R3/R, adopted by Olive et al. (1990) to provide an upper limit on the primordial D + *He abundance and hence a lower
bound on #.

It is convenient to eliminate the poorly constrained variable u from equations (31) and (32), using the 4 — Z relation, equation
(33). Then the results of the analytical calculations above can be compared with the numerical results at any value of Z. This is
shown in Table 9 for Z = Z, in the case of no stellar production of *He (w;[m] = 0) and with stellar production of 3He
(“standard ”). The analytical results approximate very well the abundance of D computed numerically (within 10%); however, the
predicted abundances of *He results generally lower by a factor ~2 than the corresponding numerical values, clearly showing the
inadequacy of the IRA approximation in this case.

REFERENCES

Abt, H. A. 1983, ARA&A, 21, 343

Anders, E., Heymann, D., & Mazor, E. 1970, Geochim. Cosmochim. Acta, 34,
127

Anders, E., & Grevesse, N. 1989, Geochim. Cosmochim. Acta, 53, 197

Ar;ggn-GS:lamanca, A, Ellis, R. S., Couch, W. J., & Carter, D. 1993, MNRAS,

y/

Arnould, M., & Norgaard, H. 1975, A&A, 42, 55

Arpesella, C., et al. 1991, Nuclear Astrophysics at the Gran Sasso Laboratory,
INFN-Laboratori Nazionali del Gran Sasso, Internal Rep.

Audouze, J., & Tinsley, B. M. 1974, ApJ, 192, 487

Bahcall, J. N, & Ulrich, R. K. 1988, Rev. Mod. Phys., 60, 297

Balser, D. S., Bania, T. M., Brockway, C. J., Rood, R. T., & Wilson, T. L. 1994,
ApJ, 430, 667

Bania, T. M., Rood, T. M., & Wilson, T. L. 1987, ApJ, 323, 30

. 1993, in Origin and Evolution of the Light Elements, ed. N. Prantzos,
E. Vangioni-Flam, & M. Cassé (Cambridge: Cambridge Univ. Press), 107

Benkert, J. P., Baur, H., Pedroni, A., Wieler, R., & Signer, P. 1988, Lunar
Planetary Sci., XIX, 59

Black, B. C. 1971, Nature Phys. Sci., 234, 148

. 1972a, Geochim. Cosmochim. Acta, 36, 347

——.1972b, Geochim. Cosmochim. Acta, 36, 377

. 1972¢, in Proc. Symp. on Origin of the Solar System, ed. H. Reeves,
(Paris: CNRS), 237

Bochsler, P., Geiss, J., & Maeder, A. 1990, Sol. Phys., 128, 203

Bodenheimer, P. 1966, ApJ, 144, 103

Boesgaard, A. M., & Steigman, G. 1985, ARA&A, 23, 319

Bristow, P. D., & Phillips, S. 1994, MNRAS, 267, 131

Burckert, A., & Hensler, G. 1987, in Nuclear Astrophysics, ed. W. Hillebrandt,
R. KulhfuB, E. Miiller, & J. W. Truran (Berlin: Springer), 159

Carswell, R. F., Rauch, M., Weymann, R. J. Cooke, A. J., & Webb, J. K. 1994,
MNRAS, 268, L1

Cassé, M., & Vangioni-Flam, E. 1994, in Proc. ESO/EIPC Workshop on the
Light Elements, ed. P. Crane (Berlin: Springer), in press

Castellani, V., Degl’'Innocenti, S., & Fiorentini, G. G. 1993, A&A, 271, 601

Charlot, S., Ferrari, F., Mathews, G. J., & Silk, J. 1993, ApJ, 419, L57

Clayton, D. D. 1985, ApJ, 290, 428

Colgate, S. 1973, ApJ, 181, L53

Coplan, M. A, Ogilvie, K. W., Bochsler, P., & Geiss, J. 1984, Sol. Phys., 93,415

Cox, A. N, Guzik, J. A., & Kidman, R. G. 1989, ApJ, 342, 1187

Courtin, R., Gautier, D., Marten, A., & Bézard, B. 1984, ApJ, 287, 899

D’Antona, F., & Mazzitelli, I. 1994, ApJS, 90, 467

Dearborn, D. S. P., Schramm, D. N., & Steigman, G. 1986, ApJ, 302, 35

Delbourgo-Salvador, P., Audouze, J., & Vidal-Madjar, A. 1987, A&A, 174, 365

Delborgo-Salvador, P., Gry, C., Malinie, G., & Audouze, J. 1985, A&A, 150, 53

Delbourgo-Salvador, P., Malinie, G., & Audouze, J. 1986, in Nucleosynthesis
& its Implications on Nuclear and Particle Physics, ed. J. Audouze & N.
Mathieu (Dordrecht: Reidel), 27

Duquennoy, A., & Mayor, M. 1991, A&A, 248, 465

Dwarakanath, M. R. 1974, Phys. Rev. C9, 805

Ebehardt, P. 1978, Geochim. Cosmochim. Acta Suppl., 9, 1027

Eberhardt, P., Geiss, J., Graf, H., Grogler, N., Krihen-biil, U., Schwaller, H.,
Schwarz-miiller, J., & Stettler, A. 1970, in Proc. Apollo 11 Lunar Science
Conf, ed. A. A. Levinson, Vol. 2 (Oxford: Pergamon), 1037

Encrenaz, T., & Combes, M. 1982, Icarus, 52, 54

Epstein, R. I, Schramm, D. N,, & Arnett, W. D. 1974, ApJ, 190, L13

Ferrini, F., & Galli, D. 1988, A&A, 195, 27

Ferrini, F., Matteucci, F., Pardi, C., & Penco, U. 1992, ApJ, 387, 138 (FMPP)

Fetysov, V. N., & Kopysov, Y. S. 1972, Phys. Lett., B, 40, 602

. 1975, Nucl. Phys. A239, 511

Fowler, W. A. 1972, Nature, 238, 24

Frick, U., & Moniot, R. K. 1977, Geochim. Cosmochim. Acta Suppl., 8, 229

Galli, D., & Ferrini, F. 1989, A&A, 218, 31

© American Astronomical Society ¢ Provided by the NASA Astrophysics Data System


http://adsabs.harvard.edu/abs/1995ApJ...443..536G

Galli, D, Palla, F., Straniero, O., & Ferrini, F. 1994, ApJ, 432, L101

Gautier, D. 1983, in Primordial Helium, ed. P. A. Shaver, D. Kunth, & K. Kjir
(Garching: ESO), 139

Gautier, D., & Owen, T. 1985, in Protostars & Planets II, ed. D. C. Black &

15 M. S. Matthews (Tucson: Univ. of Arizona Press), 832

0, Geiss, J. 1993, in Origin & Evolution of the Light Elements, ed. N. Prantzos,

& E. Vangioni-Flam, & M. Cassé (Cambridge: Cambridge Univ. Press), 89

L1 Geiss, J., & Bochsler, P. 1981, in Solar Wind Four, ed. H. Rosenbauer (Lindau:

Max-Planck Inst.), 403
Geiss, J., Biiler, F., Cerutti, H., Eberhardt, P., & Filleux, C. 1972, Apollo 16
Preliminary Science Report, NASA SP-315, Sect. 14
Geiss, J., & Reeves, H. 1972, A&A, 18,132

. 1981, A&A, 93, 189

Greggio, L., & Renzini, A. 1983, A&A, 118,217

Hayden Smith, W. M., & Schempp, W. V. 1987, ApJ, 336, 967

Hua, X.-M,, & Lingenfelter, R. E. 1987, ApJ, 319, 555

Hubbard, W. B., & MacFarlane, J. J. 1980, Icarus, 44, 676

Iben, I, Jr. 1965, ApJ, 142, 1447

. 1966a, ApJ, 143, 483

——— 1966b, ApJ, 143, 505

. 1967a, ApJ, 147, 624

. 1967b, ApJ, 147, 650

Iben, I, & Tutukov, A. V. 1984, ApJ, 284, 719

Jeffery, P. M., & Anders, E. 1970, Geochim. Cosmochim. Acta, 34, 1175

Krauss, A., Becker, H. V., Trautvetter, H. P., & Rolfs, C. 1987, Nucl. Phys.,
A467,273

Krauss, L. M., & Romanelli, P. 1990, ApJ, 358, 47

Kunde, V. G, et al. 1982, ApJ, 263, 443

Lebreton, Y., & Dappen, W. 1988, in Seismology of the Sun and Sun-like Stars,
ed. E. J. Rolfe (Noordwijk : ESA), 661

Lemoine, M., Vidal-Madjar, A., & Ferlet, R. 1993, A&A, 273, 611

Linsky, J. L., et al. 1993, ApJ, 402, 694

Maeder, A., & Meynet, G. 1989, A&A, 210, 155

Mather, J. C,, et al. 1993, ApJ, 420, 439

Matteucci, F., & D’Antona, F. 1991, A&A, 248, 62

McCullough, P. R. 1991, ApJ, 390, 213

McDonald, A. B, Alexander, T. K., Beene, J. E., & Mak, H. B. 1977, Nucl.
Phys., A, 288, 529

Olive, K. A., Schramm, D. N,, Steigman, G., & Walker, T. P. 1990, Phys. Lett.
B, 236,454

Ozima, M., & Zashu, S. 1983, Science, 219, 1067

Pagel, B. E. J., Simonson, E. A, Terlevich, R. J.,, & Edmunds, M. G. 1992,
MNRAS, 255, 235

Palla, F., Galli, D., & Silk, J. 1995, ApJ, submitted

Palla, F., & Stahler, S. W. 1990, ApJ, 360, L47

. 1991, ApJ, 375, 288

———. 1993, ApJ, 418,414

550 GALLI ET AL.

Pepin, R. O., & Signer, P. 1965, Science, 149, 253

Persic, M., & Salucci, P. 1992, MNRAS, 258, 14p

Reeves, H., Audouze, J., Fowler, W. A, & Schramm, D. N. 1973, ApJ, 179, 909

Reynolds, J. H., Frick, U., Neil, J. M., & Phinney, D. L. 1978, Geochim.
Cosmochim. Acta, 42, 1775

Rolfs, C. E., & Rodney, W. S. 1988, in Cauldrons in the Cosmos (Chicago:
Univ. of Chicago Press), 169

Rood, R. T. 1972, ApJ, 177, 681

Rood, R. T, Bania, T. M., & Wilson, T. L. 1984, in Observational Tests of
gtt;;llar Evolution Theory, ed. A. Maeder & A. Renzini (Dordrecht: Kluwer),

. 1992, Nature, 355, 618

Rood, R. T., Steigman, G., & Tinsley, B. M. 1976, ApJ, 207, LS7

Sackmann, I.-J., Smith, R. L., & Despain, K. H. 1974, ApJ, 187, 555

Sandrelli, S. 1993, Ph.D. thesis, Univ. of Pisa

Scalo, J. M., Despain, K. H., & Ulrich, R. K. 1975, ApJ, 196, 805

Schaller, G., Schaerer, D., Meynet, G., & Maeder, A. 1992, A&AS, 96, 269

Schatzman, E. 1987, A&A, 172, 1

Schatzman, E., & Maeder, A. 1981, Nature, 290, 683

Shara, M. M. 1980, ApJ, 239, 581

Signer, P. 1964, in Origin & Evolution of Atmospheres & Oceans, ed. P. S.
Brancazio & A. G. W. Cameron (New York: Wiley), p. 23

Smith, M. S., Kawano, L. H., & Malaney, R. A. 1993, ApJS, 85,219

Songaila, A, Cowie, L. L., Hogan, C. J., & Rugers, M. 1994, Nature, 368, 599

Starrfield, S., Truran, J. W., Sparks, W. M., & Arnould, M. 1978, ApJ, 222, 600

Steigman, G. 1991, in Primordial Nucleosynthesis & Evolution of the Early
Universe, ed. K. Sato & J. Audouze, (Dordrecht: Kluwer), 3

. 1994, MNRAS, 269, L53

Steigman, G., & Tosi, M. 1992, ApJ, 401, 150 (ST)

Talbot, R. J., & Arnett, W. D. 1973, Ap]J, 186, 51 (TA)

Tinsley, B. M. 1974, ApJ, 192, 629

. 1977, ApJ, 216, 548

Truran, J. W, & Cameron, A. G. W. 1971, Ap&SS, 14,179

Turck-Chiéze, S., Cahen, S., Cassé, M., & Doom, C. 1986, ApJ, 335,415

Twarog, B. A. 1980, ApJ, 242, 242

VandenBerg, D. A. 1985, ApJSS, 58, 711

Vangioni-Flam, E., & Audouze, J. 1988, A&A, 193, 81

Vangioni-Flam, E., & Cassé, M. 1995, ApJ, 441, 471

Vangioni-Flam, E., Olive, K. A., & Prantzos, N. 1994, preprint

Vassiliadis, E., & Wood, P. R. 1993, ApJ, 413, 641

Vidal-Madjar, A., & Gry, C. 1984, A&A, 138, 285

Walker, T. P., Steigman, G., Schramm, D. N,, Olive, K. A, & Kang, H. S. 1991,
ApJ, 376, 51

Wilson, T. L., & Matteucci, F. 1992, Astron. Astrophys. Rev., 4, 1

Wilson, T. L., & Rood, R. T. 1994, ARA&A, 32, 191

Yang, J., Turner, M. S,, Steigman, G., Schramm, D. N., & Olive, K. A. 1984,
ApJ, 281,493

© American Astronomical Society ¢ Provided by the NASA Astrophysics Data System


http://adsabs.harvard.edu/abs/1995ApJ...443..536G

