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ABSTRACT

We present the results of simulations in two spatial dimensions of the very early phases of the explosion of
SN 1987A. Starting our calculations close to the time when the prompt shock emerges from the neutrino-
sphere, we simulate the first few seconds of the explosion using a two-dimensional cylindrical geometry smooth
particle hydrodynamics (SPH) code. The explosion energy is obtained, as in the delayed mechanism, by
tapping a small fraction of the energy carried by the neutrinos produced in the making of the neutron star.
The success of the explosion is determined to be sensitive to the duration of the infall, the timing of the
bounce, and the subsequent neutrino heating. Using a semianalytical model for the initial structure of the
collapsed object, we present two simulations that differ by the mass that has been allowed to collapse into a
neutron star prior to the bounce. In the case of a short initial infall (1.37 M baryon mass proto—neutron
star), the explosion fails due to excessive cooling. For a longer initial infall (1.5 M, baryon mass proto—
neutron star), the cooling is less and the explosion is successful although relatively weak [~0.35 foe (10°!
ergs)]. We show that in this case, a successful explosion is brought about by the presence of an entropy gra-
dient which, combined with the gravitational pull of the neutron star, leads to extremely strong instabilities. In
such models, convective currents carry the deposited energy away from the neutron star and bring in new,
cold material, thus preventing excessive neutrino cooling. The flow is coherent on very large scales and does
not lead to microscopic mixing. The critical importance of the global circulation, for the success of the explo-
sion, is demonstrated by the fact that similar simulations, carried out with a one-dimensional code, fizzle dra-
matically. It also appears that the early mixing during the explosion could account for a number of
observational features of SN 1987A, such as infrared iron line profiles with extended high-velocity wings,

which have so far remained unexplained.

Subject headings: hydrodynamics — stars: individual (SN 1987A) — stars: neutron —

supernovae: individual (SN 1987A)

1. INTRODUCTION

From its beginnings in the 1960s, the theory of Type II
supernova (SN II) explosions has been particularly slow to
converge to a generally accepted solution (see Woosley &
Weaver 1986 and Bethe 1990 for reviews of early work). While
there has been great progress in our understanding of the
remainder of the SN II phenomenon in areas such as radiation
transfer or late-time hydrodynamics, work has been hampered
by the nagging problem of the explosion mechanism. Very
early on, two pictures emerged to power the explosion: one in
which the energy is derived from the bounce of the core after it
reaches supernuclear densities (Colgate & Johnson 1960), and
one in which the energy is derived from the capture of a frac-
tion of the neutrinos generated by the transformation of poten-
tial energy into internal energy during the infall (Colgate &
White 1965). These two pictures are still current, although sub-
stantially modified by improvements in our knowledge of the
relevant physical conditions (nuclear equation of state, weak
interactions, etc.).

The most recent work on the bounce model, also known as
the prompt mechanism, shows that a successful, but weak,
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explosion will be obtained only for a limited range of low iron
core masses (Baron & Cooperstein 1990). The core of the pro-
genitor of SN 1987A was most likely above this mass limit.
Barring major changes in our understanding of the physics
involved, it appears that the prompt mechanism, while being
an important component of the SN II phenomenon, is incapa-
ble of generating explosions of the observed magnitude. The
neutrino heating model has also failed to provide a clear-cut
answer. Following the work of Wilson (1985), it was found that
trapped neutrinos slowly leaking out of the proto—neutron star
can revive the stalled prompt shock and thus produce what has
become known as a delayed explosion. Wilson & Mayle (1989)
and Mayle & Wilson (1991) present such simulations which do
yield adequate explosions; however, they have not so far been
reproduced by other groups.

Due to the complex physics involved and the limited
amount of computational resources available, all these calcu-
lations have been performed in one spatial dimension. We
argue later in this paper that extending the calculations to
higher spatial dimensions is required to capture the essence of
the physical mechanism responsible for the explosion: hydro-
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dynamical instabilities leading to convective motions that
carry the deposited energy away from the vicinity of the
neutron star and bring in new, cold material which has been
overtaken by the shock. This may be the key to avoid excessive
neutrino cooling which has so far been the bane of attempts to
model supernova explosions.

The advent of SN 1987A has given us a unique opportunity
to refine our current understanding of SN IIs by confronting
theory with observations. In particular, three observations can
be directly connected to the explosion process itself (Arnett et
al. 1989, and references therein): the neutrino detections, the
amount of 3°Ni synthesized (~0.075 M), and the explosion
energy (~1.4 x 105! ergs or 1.4 foe). These three parameters
are as many clues and constraints to the explosion mechanism.
Besides these three “direct ” indicators, there are also a number
of late-time observations of SN 1987A (light curve, line profiles,
etc.) which have to be explained by any successful model.

Herant & Benz (1991, 1992; hereafter HB91, HB92,
respectively) have performed various multidimensional sim-
ulations of the postexplosion hydrodynamics of SN 1987A
starting from initial conditions at 300 s provided by a one-
dimensional evolution of the early phase of the explosion. They
have shown that regardless of the dimensionality of the hydro-
dynamical calculations, and within a wide range of progenitors
and explosion energies, the highest velocities attained by >°Ni
and its decay products, ®Co and 3®Fe, are below or barely at
2000 km s~ 1. On the other hand, infrared (Haas et al. 1990);
Spyromilio, Meikle, & Allen 1990) and X-ray (Tueller et al.
1990) observations concur to require a maximum velocity of at
least 3000 km s~ !. We have dubbed this discrepancy the
“nickel discrepancy.” Further, the hydrodynamical simula-
tions of the late-time Rayleigh-Taylor (RT) instabilities (which
are known to have occurred from measurements of the light
curve of SN 1987A as well as the early detection of the high-
energy y-rays) require uncomfortably large seed perturbations
(HB92). If this requirement does not have a numerical cause
(this seems rather unlikely given the agreement between the
various numerical techniques applied to this problem), then a
physical origin must be sought. Finally, it appears from polari-
metry observations (Jeffery 1991), features in the line profiles
(Phillips & Heathcote 1989), and speckle imaging (Papaliolios
et al. 1989), that there was a global asymmetry in the expand-
ing envelope of SN 1987A. This is corroborated by the system-
atic redshifts observed at early times (few hundred days) in
X-ray (Tueller et al. 1990) and in infrared (Haas et al. 1990;
Spyromilio et al. 1990), instead of the expected blueshift due to
the intervening opacity. This large-scale asymmetry cannot
possibly have its origin in the RT instabilities as their relatively
small angular size (10°~15°) corresponds to at least 200 fingers
for the whole ejecta which will average out any major asym-
metry (HB92).

The two- and three-dimensional simulations of HB91 and
HB92 rely on initial conditions provided by evolving in one
spatial dimension a progenitor model (Shigeyama & Nomoto
1990) (minus a neutron star worth of matter) from ¢t = 0 s to
t = 300 s using an initial energy deposition for the explosion in
the form of a thermal bomb or a piston, without regard for
realism of the actual process. Because HB91 and HB92 have
tried to include all the physics which potentially affect the
hydrodynamics after ¢ = 300 s, we conclude that the nickel
discrepancy must have its origin during the first 300 s after
collapse. One might be surprised at first by the idea of trying to
explain line profiles measured at several hundred days after the

collapse by invoking the explosion mechanism. However, while
it is expected that the blast-wave hydrodynamics of a super-
nova depends only weakly on the specifics of the energy depo-
sition, the nucleosynthesis of nickel is so intimately connected
to the explosion process that we propose to actually use the
Ni/Co/Fe line profiles coupled with multidimensional simula-
tions as a diagnostic of what happens in the core during these
crucial first few seconds.

To reproduce the light curve of SN 1987A, one-dimensional
radiation transfer calculation had to assume a significant
degree of chemical mixing in the ejecta. This mixing was later
successfully interpreted as the results of late-time RT insta-
bilities. In a similar manner, HB92 performed numerical simu-
lations in two dimensions of the RT instabilities and
subsequent nickel and cobalt decays assuming an arbitrary
amount of nickel premixing in their initial conditions at
t = 300 s. They found that it is necessary to uniformly premix
the nickel outward to approximately 1.5 M beyond the mass
cut in order to get peak velocities compatible with observa-
tions Such premixing could be possible within the context of
the delayed mechanism because it involves a hot, high-entropy
bubble interior to low-entropy shocked matter. We show in
this paper that this situation is prone to strong convective
motions under the influence of the gravitational pull of the
proto—neutron star. Moreover, residual inhomogeneities due
to the early instabilities might be sufficient to seed the sub-
sequent shell interface RT instabilities. As a word of caution,
we should add that these convective motions are likely to affect
the structure of the flow itself, hence possibly change signifi-
cantly the estimates obtained by HB92. Finally, we found that,
contrary to the late-time instabilities, this early convection
takes the form of a very low order mode pattern that could
easily allow for an asymmetric explosion with an asymmetric
premixing of nickel, thus providing a natural interpretation to
the global asymmetries observed in SN 1987A.

In this paper, we present two-dimensional simulations of the
delayed mechanism for two post-collapse initial conditions and
compare those with one-dimensional models. Our main inten-
sion is to demonstrate the importance of large-scale convection
in the early stages of supernova explosions, both for the explo-
sion process itself, and for the subsequent observational
display as seen in SN 1987A. Some of our physical assump-
tions are crude, others are overly conservative (from the point
of view of generating an explosion), and thus the results of this
paper should be considered primarily as a demonstration of
principle. In § 2, we describe the algorithms which we use to
model the physical conditions of the delayed mechanism. At
the risk of being tedious, we have paid special attention to
spelling out the assumptions we made in our modeling of each
physical process. In § 3, we present the results of our simula-
tions for a range of physical and numerical parameters.
Finally, § 4 is devoted to a discussion of the results and their
implications and outlines potential extensions of this work.

2. NUMERICAL METHODS AND PHYSICAL CONDITIONS

The two-dimensional simulations we present here were run
with a cylindrical geometry smooth particle hydrodynamics
(SPH) code identical in structure to the one used in HB91 and
described in HB92. One-dimensional simulations were per-
formed with a second-order, explicit, grid-based, Lagrangian
code which is described in Benz (1991). For comparison pur-
poses, all physical processes such as neutrino heating and
cooling, equation of state, etc., are implemented in identical
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ways in both the SPH and the one-dimensional codes.
However, the Lagrangian code does not include any type of
algorithm (mixing-length or other) to simulate convective
energy transport. Thus, the primary, and probably only, sig-
nificant difference between the codes is that the two-
dimensional SPH scheme allows for the effect of vortex motion
and hydrodynamic mixing, while the one-dimensional
Lagrangian method does not. The mass resolution in the
Lagrangian one-dimensonal code is of order om =5 x 10™#
M and remains constant throughout the grid. In the SPH
code, the particles are initially laid down in such a way that the
masses increase linearly with the distance from the z-axis (a
natural choice in two-dimensional cylindrical geometry). At
early times, in the neighborhood of the proto—neutron star, the
masses of the particles are of order om = 10"% My, but
become larger at greater radii. We have checked numerical
convergence by doubling and halving the number of particles
compared to our standard runs of ~ 10* particles. There were
no changes in the bulk features of the flow.

Most of our calculations in two dimensions were performed
in a computational space limited to a 120° wedge centered on
the equatorial plane which has a volume equal to 3'/2/2 of the
total volume. In some cases, we have performed experiments in
a 60° wedge containing half of the total volume. We do not run
simulations with the complete, 180°, computational space in
order to avoid numerical artifacts introduced by the funda-
mentally pathological (in SPH) z-axis boundary. The bound-
ary conditions are periodic, particles being able to cross on one
side and reenter on the other. The gravitational force is always
radial, and its magnitude is computed from the total mass
inside the radius of each particle. This treatment should be
adequate if the mass distribution remains close to spherically
symmetric. In addition, at small radii, where the flow is most
asymmetric, gravity is dominated by the presence of the proto—
neutron star; hence, we believe this assumption to be good
enough. At late times (t > 1 s), the expansion decreases the
resolution so much that the code does not resolve the proto—
neutron star anymore. At this point, we introduce a softening
length for the neutron star gravity which allows us to pursue
the simulation to later times since the time step is no longer set
by time scales in the region close to the surface of the neutron
star. Since at this time all the “action” occurs far away from
the neutron star (except possibly for accretion; see § 2.5 for a
discussion of this issue), this softening does not change the
nature of the simulation. Finally, the prescription we use for
the nucleosynthesis of °Ni is that all material which passes
from a temperature above T =5 x 10° K to below that is
assumed to “freeze ” into >SNi.

2.1. Initial Conditions

In order to be able to model the delayed mechanism without
having to simulate the core collapse phase itself and the
ensuing formation of a proto—neutron star, we have resorted to
a simplified procedure. We calculate our initial conditions, cor-
responding approximately to the time when the prompt shock
emerges from the neutrinosphere using the following recipe.
We start with a progenitor model supplied to us by K.
Nomoto. This is the same model which was used to simulate
late-time instabilities of SN 1987A in Hachisu et al. (1990),
HB91, and HB92. We collapse the progenitor with a one-
dimensional model in a semianalytic way; every shell of matter
start to move inward at two-thirds of the free-fall velocity as
soon as the rarefaction wave, originated by the collapse of the
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central parts and propagating outward at sound speed, reaches
the corresponding radius. The factor of two-thirds comes from
Yahil (1983), in which it is found analytically that the terminal
velocity of infalling matter remains below the free-fall speed.
Numerical simulations of the collapse (Arnett 1977; Bruenn
1985) agree with this analysis. In this simple model, it is
straightforward to compute the radius r(¢) of a given shell:

r(t) =To t< Ts(ro) >

rt) =ro + Jt (g)dt

3
M) < Ry (in Neutron Star) 1t (ro) + 5 Tee(ro) < t

s 3
T(ro) <t <tyro) + 5 T41(ro) 5

with for the infall velocity:

dr 2 1 1\]2

—=—=|2GM|-—— ,

dt 3 I: (r ro)]
and the two time scales are given by

.. o dr
Sound crossing time: 7,(ry) = —;
0 cs(r)

r32

T
2 . /2GM

In these expressions, M is the mass interior to a shell and Ry is
the radius of the proto—neutron star whose inner structure we
do not model. Once r(t) has been computed, the mass conser-
vation equation can be used to obtain the corresponding shell
density. Finally, we obtain the shell temperature (or specific
internal energy) by assuming that this process is taking place
adiabatically.

Admittedly, this picture is an oversimplification of the real
collapse. As we show below, the results strongly depend on
exactly when the bounce takes place and the neutrinos start
heating the material surrounding the proto-neutron star. A
consistent collapse model and corresponding spectrum of the
emerging neutrinos is therefore imperative in order to deter-
mine the full solution. This work is currently in progress. The
purpose of this paper being more a demonstration of principles
than an actual realistic calculation, we have chosen two initial
conditions that span the range of typical results: failure and
success.

The two models chosen as initial conditions to our simula-
tions, correspond to the infall solution taken at t = 0.4 s and
t =0.7 s which in turn correspond to a proto-neutron star
baryon mass of 1.37 M and 1.5 M, (Fig. 1), respectively. In
the rest of this paper, these two initial conditions are referred
to as model A and model B. At the start of each simulation, we
assume that the bounce shock is located at the proto—neutron
star surface and has temporarily stopped the accretion flow.
Notice that we neglect the initial kinetic energy of the bounce
shock which is not quite correct, since from the calculations of
Mayle & Wilson (1988) and others, it is known that the bounce
persists out to a few hundred kilometers, beyond the proto-
neutron star surface. Our approximation therefore, if anything,
tends to make the explosion even more difficult.

Finally, these models are mapped into two-dimensional rep-
resentations suitable for the SPH code. No perturbations are
introduced, since numerical noise was found largely sufficient
to seed the instabilities.

Free-fall time: 71.(r,) =
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FiG. 1—Infall solutions at t = 0.0 s (solid line), 0.1 s (dots), 0.2 s (short dashes), 0.4 s (model A, long dashes), and 0.7 s (model B, dash-dot) after the onset of collapse

2.2. Equation of State

The huge range of densities and temperatures encounted
during the explosion requires a fairly sophisticated treatment
of the equation of state. However, since we do not model the
proto-neutron star interior, our equation of state does not in-
volve a nuclear component. For temperatures below 2 x 10°K,
we use an equation of state which simply includes perfect
gas and radiation pressure (P =aT?/3 + pRT/u). For tem-
peratures above that, the equation of state which we use
includes the effects of gas pressure, radiation pressure, electron
degeneracy (including partial degeneracy), Coulomb correc-
tions, and electron position pair creation (Fig. 2). In addition,
the proper chemical composition for material at a given tem-
perature is calculated by assuming that this material is always
a mixture of neutrons, protons, a-particles, and iron in nuclear
statistical equilibrium (NSE, see Fig. 3). We assumed an initial
composition of 100% iron at t = 0. The energy needed to
dissociate this iron is treated as a sink term in the energy
equation:

AU =229 x 10'8x, + 1.81 x 10"°x, ergs g~* ,

where x, and x, are the alpha particles and free protons mass
fractions. The first term in this expression corresponds to the
energy needed to dissociate iron into alpha particles and the
second term to the dissociation of the iron into protons and
neutrons. The assumption of a 100% initial iron composition is
of course incorrect when the material from the oxygen shell
becomes involved in nuclear reactions, but it nevertheless
accounts for most of the energetics adequately because the
difference in binding energy per nucleon between oxygen and
iron is similar to that between oxygen and helium. Further, the

bulk of the dissociation energy is taken up by the transition
from alpha particles to free nucleons. We note again that, if
anything, this assumption will also tend to make the explosion
more difficult. As an ultimate check, we have run one test case
where the NSE condition was used with oxygen replacing iron
as the heavy nucleus. No significant changes were registered.

2.3. Neutrino Heating

The heating of the exterior (to the proto—neutron star
g . .
matter modeled in these calculations takes place through the
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FIG. 2—P vs. T from our equation of state including the effect of change in
composition (see text for details) for densities ranging from 10" to 10° g cm™ 3
(top to bottom).
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absorption of a small fraction of the neutrino energy carrying
outward the enormous gravitational energy released by the
making of a neutron star. In our simulations, we model this as
a central background neutrino point source with a luminosity
and temperature time dependence given by model 54 of
Burrows (1988; see also Bludman & Schinder 1988). This
model corresponds to the post-collapse cooling of a proto—
neutron star of 1.4 M, baryon mass. The luminosity and tem-
perature are assumed equal for all neutrino species.
Furthermore, because at most only 10% of the electron neu-
trinos emerging from the proto—neutron star deposit their
energy in the exterior matter (less for other neutrino species),
we do not take into account the attenuation of the neutrino
flux with radius due to partial absorption. We also neglect the
neutrinos generated by the cooling of this matter, so that there
is no accretion-induced neutrino luminosity in our models.
Note that this flux is below what is required by the neutrino
bursts observations.

There are two types of processes which lead to neutrino
heating: neutrino absorption by free nucleons (1, 2) and neu-
trino electron (or positron) scattering (3, 4) (NES):

n+v,op+e (1)
p+v.,on+et (2
e +v,—e +v, (3)
et +v,—met +v, 4.

Reactions 1 and 2 also occur with nucleons bound in a nucleus.
However, they generally lead to the rapid reemission of a neu-
trino of similar energy to the one which was absorbed (Bethe
1990), thereby preventing a net gain of energy. Neutrinos can
interact with nuclei through elastic scatterings. Despite the
enhanced cross section due to coherent scattering, this does
not add to.the heating directly because the large ratio between
nucleus rest mass and neutrino energy leads to an extremely
low recoil energy. However, these larger cross sections can
contribute to neutrino trapping and thus extend the heating by
processes 1-4. We have also neglected neutral current nuclear
disintegration which would add ~10% to the energy de-
position according to Bruenn & Haxton (1991). We do not
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take into account the neutrino pair annihilation process
(v, +v,>e” +e*; see Goodman, Dar, & Nussinov 1987;
Mayle & Wilson 1991; Janka 1991) because it is dependent on
the structure of the neutrinosphere itself which we do not
model. Since we have opted for a conservative approach in this
paper, we have not included any contribution from this heating
mechanism.
The cross section for neutrino absorption (1, 2) is =9
x 10~**€2 cm?, where €, is the neutrino energy in MeV. We
set €, = 3T, with T, the temperature of the neutrinosphere in
MeV for which we adopt the values given by Burrows’s model
54. This assumption is artificial since the distribution of neu-
trinos emerging from the proto—neutron star is not always
thermal, but this prescription has the advantage of being
simple, while correctly accounting for the main features of the
problem. The heating rate is then

du L,(foes s1) o
n =4 1032 227" 172 . '
<dt>abs. 8> 10 47-"02 V(xp + xn) €rgs s g

The mass fraction of free nucleons (x, + x,) is constantly
updated for each smooth particle as a fraction of its tem-
perature and density by assuming NSE.

The cross section for NES (3, 4) is 6 = 8 x 107 **Te, cm?,
where T is the matter temperature and both T and €, are in
MeV. To compute the electron and positron concentrations,
we use approximations for the Fermi integrals from Taka-
hashi, El Eid, & Hillebrandt (1978) with Y, = 0.5. Note that
even when the materials is fairly degenerate, there will not be
significant end-state blocking for the process, since scattering
by a neutrino should almost always be sufficient to lift an
electron above the Fermi sea. We give the following limiting
expressions; if pairs dominate,

d L, (foes s™* T*
e T R T At al B JU AR RPN
dt ) nes 4nr p

and if charge neutrality electrons dominate,

d
(.’i) =14 x 103%(T, — T)T ergs st g~*.
dt ) ngs

The factor T, — T comes from an ad hoc efficiency factor
(T, — T)/T, for the energy transfer in the scatterings. We have
found in our simulations that, as far as the energy budget of the
explosion is concerned, absorption heating strongly dominates
NES heating (by a factor of about 5-10).

2.4. Neutrino Cooling

Cooling takes place through processes which create neu-
trinos which then escape from the star. Two cooling mecha-
nisms are available: the capture of leptons by nucleons and
photo, pair, and plasma neutrino emission processes. Cooling
works against the success of the explosion in two ways; evi-
dently, it decreases the available energy for expansion, but also,
it determines the amount of accretion onto the proto—neutron
star which has the effect of removing support from the explo-
sion shock. However, it is also possible that the accretion rate
partly determines how much energy is available to power the
explosion (see § 2.5).

The most important cooling process, which is an order of
magnitude more effective than the pair neutrino cooling, is
provided by electron followed by positron capture on protons
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and neutrons:
p+e ->n+v, (5
n+e —->p+v, (6).

The cross section for both processes with the nucleon at rest is
o = 4.5 x 10™*€2 cm? where ¢, is the energy of the neutrino in
MeV. Note that reactions 5 and 6 are just the inverse processes
from reactions 1 and 2. The corresponding cross section is
halved because in 5 and 6, half the states are forbidden since
the neutrino can only have a left-handed helicity. In our calcu-
lations, we use the expressions given by Takahashi et al. (1978)
with the assumption that Y, = 0.5. This latter assumption is
warranted to the extent that, (i) we know that large amounts of
36Ni were produced during the explosion of SN 1987A, and (ii)
since reaction 5 tends to dominate the cooling losses by
absorption, if anything we overestimate the cooling by
assuming Y, larger than it should be. We give here an approx-
imate evaluation of the capture losses assuming that kg T >
m, c?, and the mass difference between protons and neutrons is
negligible (this is taken into account in the actual calculations,
though):

d
<—“) = —20 x 10"*T5(x, + x,)
capture

dt
x 1-+-L ’7—6+§7z2114+z7t4772 ergss gt
240\ 6 6 6 ’

where T is the matter temperature in MeV, (x, + x,) is the free
nucleon mass fraction, and n = p/k, T, with pu the chemical
potential updated for every particle at each time step.

Our treatment of cooling via the photo, pair, and plasma
neutrino emission mechanisms is taken straight out of
Schinder et al. (1987). We use their fitting formulae for
10'° K < T < 10! K with, once again, Y, = 0.5; the reader is
referred to their paper for the details. An estimate of the
cooling losses at high temperatures is given by the following
expression:

9
<@> = —19 x 10%* i ergsslgt,
dt pPPP p
where T is, as before, the matter temperature in MeV. Recent-
ly, Braaten (1991) has shown that these cooling rates have been
underestimated by a factor of about 3 in the ultrarelativistic
regime. As a check, we have run a simulation with the rates
from Schinder et al. (1987) tripled. There were no significant
changes. Nevertheless, this increase in cooling at very high
temperatures may be important for the detailed study of accre-
tion onto the proto-neutron star.

2.5. Proto—Neutron Star and Accretion

In our simulations, the proto—neutron star surface is rep-
resented by a fictitious spherical boundary with a radius which
varies linearly from 55 km to 15 km in a time of 0.5 s. To
determine the pressure gradient across the boundary we
assume hydrostatic equilibrium. The boundary is reflective as
the sign of the radial velocity is reversed across it. Particles
which reach a density greater than 6 x 10!® g cm™3 are
assumed to represent matter which is on its way to neutron
degeneracy and are removed as accreted mass. In order to
check how our results are affected, we have tried a number of
other boundary conditions and accretion schemes. Some simu-
lations were run with a constant pressure accross the bound-
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ary, and with a static boundary instead of a reflective boundary
(e, v}, = 0 instead of v}, = —o},). In the case of the constant
pressure boundary condition, we have used an accretion
scheme in which particles which crossed the boundary were
accreted. We have also tried cases in which accretion was
modeled by a reduction on a cooling time scale of the mass of
the particle in the direct vicinity of the neutron star (similar to
Angzer, Borner, & Monaghan 1987; see also Herant 1992). All
these approaches have yielded similar results. This seems to
indicate that beyond the fact that the proto—neutron star con-
sists of a hard wall in which matter can be incorporated only
by reaching neutron degeneracy, the details of the boundary
conditions do not influence much the way the delayed mecha-
nism operates within the framework of our simulations.

There are some shortcomings in our approach to model the
proto—neutron star surface and the accretion. As mentioned in
§ 2.3, we are not in a position to model the vv annihilation
process which could make a significant contribution to the
explosion energy (Mayle & Wilson 1991). In simulations which
do yield explosions, the density in the “hot bubble” drops
dramatically and as a result the concentration of particles near
the surface decreases. In addition, the radius of the proto—
neutron star is also shrinking with time. Such reduced spatial
resolution at late times prevents us from properly resolving the
stratification of the atmosphere around the neutron star. This
may be important to the explosion process since the base of the
atmosphere corresponds to the region of most intense cooling.
This is due to the fact that neutrino processes are strongly
dependent on energy, so that in both the case of a
degeneracy—or a thermally supported atmosphere—there is
either a peak in Fermi energy or in temperature (and hence in
cooling) at the bottom of atmosphere surrounding the proto—
neutron star. In turn, the peak cooling rate determines the
accretion rate, and thus, poor resolution of this peak translates
into large errors in the mass accretion rate. As explained
above, although our simulations are successful in modeling the
peak correctly early on (t < 100 ms), this is no longer true at
later times.

In line with the conservative approach of this paper, we have
considered only heating by neutrinos diffusing out of the
cooling proto—neutron star (see § 2.3). It is, however, likely that
neutrinos from post-collapse accretion will provide a signifi-
cant (if not determining) contribution to the energy input
which powers a supernova explosion. A detailed analysis and
implementation of accretion physics is beyond the scope of this
paper which is intended mainly as a preliminary study of the
delayed mechanism in two dimensions. However, we briefly
outline here a possible scenario. Accretion occurs when the
pressure gradient is unable to match the gravitational forces.
Thus, the inability to establish a static atmosphere depends on
the energy losses. At it cools, the entropy of the base of the
atmosphere decreases. Consequently, hydrostatic equilibrium
is restored by adiabatic compression which attempts to main-
tain pressure through an increase in temperature (or if degener-
acy has set in, an increase of the Fermi energy), thereby leading
to increased cooling losses. This situation is clearly unstable
and will give rise to an ever higher rate of infall, with emission
of neutrinos of ever higher energy. The factors which limit such
a runaway are the mass input rate, the “ Eddington limit” due
to opacity to high-energy neutrinos, and the maximum, free-
fall velocity of matter. We therefore obtain an additional
source of high-energy (and thus efficient for energy deposition
in the ejecta) neutrinos with which to power the explosion.
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These equations are explored further by Colgate, Herant, &
Benz (1992) and will be addressed more thoroughly in a future

paper.
3. RESULTS

As mentioned in § 2.1, we have chosen two different initial
conditions for our simulations; one corresponds to 0.4 s of
infall with a proto-neutron star baryon mass of 1.37 M
(model A), and the other corresponds to 0.7 s of infall with a
proto-neutron star baryon mass of 1.5 M (model B). The
outcome of the evolution of each model is very different : model
A fizzles while model B leads to a successful explosion. This
underlines the importance of the post-collapse structure (at
bounce) and the timing of the neutrino leakage. For the
purpose of this paper, we will consider model A as a generic
fizzler and model B as a generic exploder. We expect that these
two models will exhibit the main features of each outcome. A
definitive analysis, however, will require a seamless model
going from the onset of collapse to the explosion, which we are
in the process of working out. In this section, we describe the
behavior of the two models; we analyze their features and their
implications in § 4. Note also that for now on in this paper,
t = 0 at bounce.

Our results for model A can be summarized as follows. The
shock moves out to r ~ 100 km at t ~ 15 ms before stalling
and then gradually retreating (Fig. 4). Although there are hints
of cells forming, convection never develops significantly
because cooling losses dominate early, in the entire postshock
region. Neutrino heating does not get a chance to produce an
inward directed entropy gradient, as required for convective
instability. Receiving no energy input, the shock is starved and
dies. The causes of this fizzle lie with the dependency of the
electron capture cooling on high powers of # = u/ky T (if the
Fermi energy is large, neutrino cooling is enhanced, § 2.4)
coupled to a large inward momentum flux. The relatively early

B =

r (km)
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release of neutrinos comes as the infall has not thinned out
very much, resulting in a very high density region between the
proto—neutron star surface and the accretion shock. As this
material which is already degenerate cools, degeneracy in-
creases and the cooling rate follows. It is probable that were we
to evolve Y, in the code, proton depletion would decrease the
cooling losses. However, heating requires neutrino capture by
neutrons and will therefore produce protons. One is left in the
unenviable position that better heating means better cooling.

As seen in Figure 5, model B follows a completely different
evolution than model A since it yields a successful explosion.
At a very early time after the beginning of the simulation
(t ~ 15 ms), when the shock is at a distance from the proto—
neutron star surface which is of the same order as the proto—
neutron star radius, four approximately spherical convection
cells have already formed. By t ~ 35 ms, the shock has moved
out to a radius r ~ 300 km, and the four cells have stretched in
the radial direction, but they do not extend any more to the
very surface of the proto—neutron star. At small radii, the com-
bined effects of degeneracy and high temperature increase the
cooling losses so that they dominate the heating. This region is
therefore not subject to convective instabilities, and slowly
dumps matter onto the proto—neutron star, while the rest of
the volume behind the shock continues to convect. In that
sense, the mass cut is dynamically established during the
delayed mechanism as the location where cooling is equal to
heating. Above that radius low-entropy matter is channeled in
narrow inflows and, once heated by the proto—neutron star
neutrinos, the matter is ejected by buoyancy in wide outflows.
Thus, heated material is continuously removed from the vicin-
ity of the proto—neutron star and replaced by cold matter from
the shocked, infalling envelope (see Fig. 6).

At later times (¢t ~ 100-500 ms, Fig. 7), convective cells
merge so that there remain a single inflow and a single outflow.
The inflow consists of a rarefaction wave moving out behind

100 I

50 —

-100 ——

F1G. 4—Velocity plots for model A at t = 11 ms (left) and t = 20 ms (right). Velocities are scaled independently for each plot.
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F1G. 5—Velocity plots for model B at t = 14 ms (left), and ¢ = 38 ms (right). Velocities are scaled independently for each plot.

the shock which collects the still low entropy matter which has
just been overtaken by the shock and sends it toward the
proto—neutron star. As this infalling stream moves down to
smaller radii, it is choked, and hence weakly shocked again.
When it reaches the immediate vicinity of the proto—neutron
star, it is further heated by neutrino energy deposition. The
previously down-flowing material then becomes buoyant and
feeds the high-entropy bubble of rising matter. The inflow and
outflow remain coherent over long distances and therefore do
not lead to intimate mixing nor do they homogenize the
entropy distribution behind the shock. The accreted mass is
small: a few 10~2 M, but as we point out in § 2.5, this is an
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F1G. 6—Plot of the quantity 4P/(Tp) in kg/nucleon (approximately the
entropy), corresponding to the lines “in” and “out” of Fig. 5 (right). Note that
the shock is nearly undetectable because most of the entropy jump is taken up
by the dissociation of heavy nuclei.

400

aspect of the physics which we do not claim to model very well
for the moment. At still later times (t > 500 ms), the rarefaction
wave as well as the high-entropy bubble are left far behind by
the shock as it runs down the density gradient of the stellar
envelope (Fig. 9).

It is remarkable that in each of our simulations of model B,
the final flow pattern soon developed the largest eddy size
possible within the computational domain. We do not seed the
instabilities with any perturbations and the initial conditions
are perfectly spherically symmetric. Moreover, we have tried to
eliminate all systematic numerical effects which might seed the
instability, so that the instabilities grow from purely numerical
noise. Notice that due to the discreteness of the SPH method,
this numerical noise is larger than the one obtained with finite-
difference methods. We expect that random fluctuations at a
level of 1073 are present in the determination of the hydrody-
namical quantities, well above the usual 10~ 5 due to limited
machine precision. Experiments run with 60°, 90°, and 120°
wedges all give similar convective flows.

Despite the fact that the initial condition is spherically sym-
metric and the fact that the boundaries are periodic, the two-
dimensional geometry and size of the computational space
naturally introduces a scale size to the problem. In order to
investigate the robustness of this tendency to select the lowest
possible mode we have run an experiment with strong seed
perturbations of a higher mode. To this end, the density of the
infalling envelope was altered by a coherent sinusoidal pertur-
bation with polar angle (sin 126) of amplitude + 10%. It can be
seen (Fig. 8) that eight convective cells appear very early on,
but gradually merge together to form a pattern similar to the
one obtained in the unperturbed case. This plainly shows that
the preferred mode is the lowest one afforded by the computa-
tional domain. Clearly, this analysis may not apply to the real,
three-dimensional, situation. However, it strongly suggests the
possibility of a low order (=1 or I =2) mode in three
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F1G. 7—Velocity plots for model B at t = 104 ms (left), and t = 228 ms (right). Velocities are scaled independently for each plot.

dimensions, possibly seeded by rotation. We are currently
investigating three-dimensional behavior, but since it is a com-
putational task at least one order of magnitude beyond the
two-dimensional case, it may remain beyond our capabilities
for the moment.

As a direct result of the large-scale convective flows, the
spatial distribution of **Ni of model B strongly departs from
spherical symmetry. Figure 9 shows that at t = 2.8 s, after the
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post-shock temperature has decreased below 5 x 10° K and
most of the material within the radius of the shock has recom-
bined to *°Ni, the nickel is concentrated in a rising bubble of
high-entropy matter which follows behind the shock while
unprocessed matter (mainly 60) caught up in the rarefaction
wave sinks toward the neutron star. At t = 2.8 s, 3°Ni (0.05
M) has been mixed out to 0.15 M, beyond the mass cut
(model B). In addition to this chemical inhomogeneity of the
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expanding material behind the shock, the shock itself is non-
spherical, assuming the shape of an oblate spheroid. This is
especially evident in our 120° wedge simulations of model B
where the initial major to minor axis radius ratio starts out as
large as 1.4 and is still of order 1.2 at t = 0.4 s. It is not clear if
this asymmetry will persist as the shock propagates through
the rest of the star.

To investigate the effects of convection, we have performed a
number of numerical experiments with a one-dimensional
code. The starting condition was model B of the SPH simula-
tions. Figure 10 (top) shows a plot of the worldlines of a sample
of mass elements for a simulation which includes the exact
same physics (except convection) as the SPH calculations.
After an initial expansion of the inner zones during the first 20
ms, the explosion clearly fizzles, and matter accretes at a high
rate onto the proto-neutron star. Suspecting that the origin of
the failure was to be found in neutrino cooling losses, we ran
the same simulation with all neutrino cooling turned off (Fig.
10, bottom). During the first 0.2 s, an atmosphere is formed
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FiG. 10.—Worldline plots from one-dimensional simulations of model B
with and without neutrino cooling.

around the proto—neutron star which goes through an oscil-
latory bounce. After this initial period, the shock takes off in a
full-fledged explosion. This time delay in getting the explosion
going should not be attributed to a delay in the energy deposi-
tion from neutrinos since most of the deposition takes place
during the first 100 ms. Instead, the delay is due to the down-
ward momentum flux from the infall which stalls the shock
until the infalling matter thins out sufficiently to let it move
out. Although these experiments certainly do not match the
degree of sophistication of one-dimensional investigations by
Wilson and Mayle, Bruenn, etc., we feel they clearly underline
the importance of the large-scale, entropy preserving flows
which we observe in our multidimensional simulations. We
note here that Wilson and Mayle do not get explosions either if
they turn off their convection algorithm in their one-
dimensional code.

4. DISCUSSION

It is interesting that even though model A and B differ only
by the duration of the infall until bounce and neutrino heating
(respectively, 0.4 and 0.7 s), they produce radically different
outcomes. Since model A corresponds to an earlier time in the
collapse, the mass rate of infall is larger. As a result, densities
are higher ahead and behind the shock, and there is a further,
increase of the density in the post-shock region by the com-
pression due to the momentum flux carried by the infall. The
post-shock material becomes degenerate and cooling losses
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(see § 2.4) cripple the explosion. Because model B corresponds
to a later time when the infall has significantly diminished, the
runaway cooling induced by degeneracy is avoided, and con-
vection is able to begin. We have also performed simulations of
intermediate initial conditions between models A and B. We
have found that a time delay of 0.5 s until bounce (proto—
neutron star baryon mass of 1.44 M) fizzles while the 0.6 s
(1.47 M) case explodes successfully. It thus appears that in
order to prime the convective process and allow a successful
explosion to develop, suitable initial conditions which preempt
the onset of degeneracy by maintaining a low enough density
or a high enough entropy are needed. In that respect, it is likely
that our neglect of some of the bounce shock energy has
important consequences for the subsequent evolution; in the
real situation, the bounce shock increases the entropy by a
significant factor out to a radius of order 200 km (S. W.
Bruenn, private communication) and should prevent degener-
acy from setting in. This makes us optimistic that once realistic
initial conditions are used, explosions will be obtained more
consistently.

The comparison between one-dimensional and two-
dimensional simulation shows without ambiguity that convec-
tion plays a crucial role in ensuring an efficient explosion for
model B. Bethe (1990) already pointed out that convection, by
preventing material from reaching too high a temperature, can
limit the neutrino cooling losses which were shown in § 2.4 to
be proportional to TS or T®, in the cases where electron-
position pairs are important. In the absence of convection, the
heating process is quickly balanced by the neutrino cooling;
any increase in heating then results in more cooling. In simula-
tion B, heated material is constantly expelled by buoyancy
from the vicinity of the proto—neutron star and replaced by
colder material. Further, during the early phase of the explo-
sion, two additional factors combine to make the large-scale
convective flow a formidably efficient way to transport energy.
The first is that in effect, the material surrounding the proto-
neutron star forms a binary mixture, one phase consisting of
alpha particles, the other being free nucleons. As matter falls
inward in a downflow, it is cold and mostly in the form of
alpha particles. As the matter is heated, it is dissociated into
free nucleons and finally ends up expelled in an outflow, where
is eventually recombines and therefore restitutes the disso-
ciation energy. This latent heat enables the storage of very
large amount of energy without unduly raising the tem-
perature, thus turning the heart of a supernova explosion into
the ultimate steam engine.

The second point is that, very quickly, the scale height of the
convective flow becomes comparable to the distance to the
center and therefore, the up and down flows become individ-
ually entropy preserving. This allows a large geometrical
expansion factor for a parcel of gas starting from the bottom of
the flow and moving to the top of the cell. Note that this
happens because a near constant entropy atmosphere is scale
invariant and that a given parcel retains its shape independent-
ly of the radius to which it is transported. As a result, the
efficiency of convective transport of energy to the shock is yet
once again enhanced.

Chandrasekhar (1961) has shown that at the onset of con-
vection in a spherical shell, the larger the ratio of the radius of
the outer boundary to the radius of the inner boundary, the
lower the order of the first growing mode. In the limit of a
pointlike heat source, the / = 1 mode dominates. Obviously,
the linear stability analysis of Chandrasekhar (1961) is not
directly applicable here, since the behavior of the convective
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atmosphere around the proto—neutron star clearly corre-
sponds to a highly nonlinear situation. However, numerical
experiments (J. Baumgardner, private communication) have
shown that even in regimes which are very far from the onset of
the thermal instability, the dominant mode is still the one pre-
dicted by a stability analysis. As the shock quickly moves
outward, the radius of the shock becomes much greater than
the radius of the proto—neutron star, and one therefore expects
a low-order mode of convection. While we reiterate that our
two-dimensional simulations need to be complemented with a
calculation in three dimensions in order to determine which is
the preferred mode, the possibility that the / = 1 mode might
be dominant would have interesting consequences. In a com-
prehensive study of neutron star birth and evolution, Dewey &
Cordes (1987) claim that the observed velocity dispersion of
pulsars cannot simply be explained by the disruptive effect of a
supernova explosion in a binary system (see also Frail & Kul-
karni 1991, on the discovery of a pulsar with a kick velocity
possibly as high as 2000 km s~ !). They argue that it is neces-
sary to invoke a kick velocity of order 100 km s ! imparted to
the pulsar at birth, which presumably would be related to the
explosion mechanism itself. The asymmetry of a I = 1 convec-
tive mode leading to preferential accretion on one side of the
proto—neutron star might offer an explanation for such kick
velocities (the idea of a convective overturn imparting a kick
velocity was already mentioned by Arnett 1987). Because
typical velocities of the flows in the bubble are of order ¢/10, an
asymmetry involving a mass of order 1072 M, is all that is
needed to give Av ~ 100 km s~ ! for the neutron star. Finally, if
the / =1 mode did indeed dominate in SN 1987A, it may
provide an answer to the systematic redshifts observed by
Tueller et al. (1990), Haas et al. (1990), and Spyromilio et al.
(1990) in cobalt and iron lines, assuming that the direction of
the main outflow was directed away from us.

For model B, the explosion energy (~0.35 foe) is definitely
on the low side compared to the ~ 1.4 foe inferred from obser-
vations of SN 1987A. However, we would like to point out that
we have been systematically conservative in our assumptions
for the energy input. It is probable that an increased neutrino
flux and/or temperature generated by accretion of matter onto
the proto-neutron star (which would still have to satisfy the
constraints imposed by the neutrino detections on Earth) or
additional neutrino processes which we do not take into
account (such as vv annihilation in electron-positron pairs or
neutrino-nucleus interactions) could raise the explosion energy
toward a more acceptable value. Our neglect of the energy
contribution of the prompt shock may be blamed for our low
explosion energies. On the other hand, the fact that model B
produces an amount *°Ni fairly close to the required amount
(0.05 M vs. 0.075 M ) seems to rule out a large increase in the
energy deposition without a concomitant increase in the accre-
tion. We believe that this points directly toward accretion as an
additional source of energy powering the explosion after the
first 100 ms, while removing the “excess” nickel. Within this
picture, the persistence of downward, low-entropy flows fuels
the accretion and provides an additional source of neutrinos
with which to heat material (see § 2.5). This mechanism is
self-regulating in the sense that the energy input will be turned
off only by the cessation of the downward flows which itself is
conditional to the success of the explosion (Colgate et al. 1992).
As H. Bethe has put it, convection allows accretion, and there-
fore neutrino heating, to continue, even when the shock is
moving outward in radius, thereby maintaining an energy
input to the explosion and guaranteeing its success.
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Our results show that for a successful explosion, the post-
shock structure is strongly spatially inhomogeneous. This will
certainly have a substantial impact on the subsequent RT
instabilities which are thought to occur at the He/H and
CO/He interfaces. So far, all simulations of these RT insta-
bilities (such as in Hachis et al. 1990; Fryxell, Arnett, & Miiller
1991; HB91 and HB92) have relied on an initial conditions
obtained by a one-dimensional evolution of the explosion
which implicitly assumes a high degree of spherical symmetry.
To what extent the new picture will modify these results
remains to be seen. However, one can already point out that
the large-scale inhomogeneity of the nickel distribution will
have a significant effect on the late-time (¢ > few days) optical
display of the supernova as it begins to be powered by the
radioactive decays of Ni and 3°Co. Furthermore, Chevalier
& Soker (1989), and Yamada & Sato (1990) have shown that
an initial explosion asymmetry can persist after the propaga-
tion of the shock through the stellar envelope and lead to an
asymmetric expansion of the ejecta. These two factors may be
the explanation for the multiple indications of asymmetry in
SN 1987A pointed out by Jeffery (1991), Phillips & Heathcote
(1989), and Papaliolios et al. (1989). Finally, HB92 have argued
that the high-velocity tail of the iron distribution observed by
Hass et al. (1990), and Spyromilio et al. (1990) could be
explained by the RT instabilities provided some nickel was
premixed to 1.5 M above the mass cut. The amount of prem-
ixing we obtain is smaller than that, but is still increasing by
the end of our simulations. Considering that the RT insta-
bilities do not show significant growth until at least 15 minutes
after the explosion, it is not unreasonable to think that a suffi-
cient level of premixing may be attained within that time span,
and thus resolve the nickel discrepancy. As the explosion prog-
resses, convection slows and eventually stops as the radius
reached by the high-entropy bubble increases and thus, gravity
which drives buoyancy decreases. Figure 9 is indicative of this,
since it shows that at t = 2.8 s, the bubble is far behind the
shock which moves at an almost constant velocity.

The authors are aware that the results which are presented
in this paper are incomplete and possibly raise as many ques-
tions as they try to answer. First and foremost, the initial
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conditions have to be refined to a more realistic collapse solu-
tion, with self-consistent neutrino emission from the proto—
neutron star. Another important issue to be resolved is the
physical behavior of an accreting atmosphere onto a proto—
neutron star. As mentioned above, this may be the key to a
robust explosion mechanism. This problem is addressed in
Colgate et al. (1992) and will continue to be investigated on our
part with the ultimate objective of developing an accretion
algorithm applicable to multidimensional simulations. The
three-dimensional case needs to be investigated as well as the
late-time behavior of the explosion. The physics of the neutrino
energy deposition should be improved to take into account all
the processes we have so far left out under the assumption that
they are not important. To achieve this, it will be necessary to
dynamically evolve the local Y, during the simulation. Finally,
the implications of the multidimensional character of the
explosion for nucleosynthesis need to be explored in detail. In
that respect, chemical abundances constraints, including those
related to the r-process element, should provide useful diag-
nostics with which to rule out or support alternative models.
Despite all these caveats, there are now strong indications that
multidimensional hydrodynamics play a fundamental role in
SN II explosions. If this is the case, it will clearly affect our
entire understanding of the behavior of SN IIs.
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