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ABSTRACT 
Pulsars are expected to be born inside Type II supernovae, and the nebulae generated by their spin-down 

power thus initially interact with the expanding supernova gas. The hydrodynamic interaction can be 
described analytically while the pulsar is in a constant power output phase if the surrounding density profile is 
a power law in radius. The power generated by the shock front driven into the supernova gas is about 1.5% 
of the pulsar power, and, for typical parameters, the shock wave remains in a radiative phase for at least 
hundreds of years. The stability of the accelerating shell can be analyzed on the thin shell approximation, and 
we find that linear spherical harmonic perturbations with / > 4 are unstable to Rayleigh-Taylor instability 
growth. The growth is exponential in time for large wavenumbers. If the pulsar bubble produces ionizing radi- 
ation, the radiation is trapped close to the shocked shell throughout the initial evolution and may be able to 
break out of the supernova gas only after tens of years. By allowing for the evolution of the pulsar power on 
the assumption of constant braking index, the model is applied to the young pulsars PSR 0531+21 (Crab), 
PSR 0540 — 69, and PSR 1509 — 58, and their associated nebulae. There is general agreement between the pre- 
dicted and observed properties of the shell nebulae, and the models make predictions for future observations. 
If pulsars “turn-on” rapidly after the supernova explosion, our model has implications for observations of 
supernovae at an age of years. We present detailed results for the possible photoionization in a supernova at 
ages of 4 and 10 yr. The upper limit on the total power of a pulsar in SN 1987A is ~5 x 1038 ergs s-1, or 
lower if the pulsar nebula has a high radiative efficiency. A general prediction of the pulsar model is broaden- 
ing of the lines with time because of the acceleration by the pulsar bubble. 
Subject headings: pulsars: general — shock waves — supernova remnants 

1. INTRODUCTION 

The early evolution of pulsars and their interaction with 
supernova gas remains obscure. The youngest known pulsars 
are the 33 ms Crab pulsar, the 50 ms pulsar in the Large 
Magellanic Cloud supernova remnant 0540 — 69, and the 150 
ms pulsar PSR 1509 — 58, all of which have estimated ages of 
~103 yr. There is considerable uncertainty regarding the 
initial properties of pulsars: it has been proposed that their 
magnetic fields are built up on a time scale of perhaps 
hundreds of years (Blandford, Applegate, & Hernquist 1983), 
and the initial spin rates of typical pulsars remains a controver- 
sial topic (Emmering & Chevalier 1989; Narayan & Ostriker 
1990). There is general agreement that the place to look for 
young pulsars is in Type II supernovae, but the effects of large 
distance and obscuration by the expanding supernova gas 
make it difficult to directly observe a pulsed source. Upper 
limits have been set on pulsed optical emission from Type II 
supernovae (Middleditch & Kristian 1984), but they do not 
rule out the presence of moderately powerful pulsars. 

The Crab Nebula is much more easily visible than the 
central pulsar, which suggests that a search for young pulsar 
nebulae could be fruitful. Bandiera, Pacini, & Salvati (1984) 
suggested that the radio emission observed from some Type II 
supernovae is pulsar-related, but the current evidence favors 
the circumstellar interaction model for this emission (Weiler et 
al. 1986). While radio nebulae are expected around pulsars, 
they are likely to be obscured by surrounding ionized gas 
during the early phases of evolution (Reynolds & Chevalier 
1984). Optical emission is less likely to be obscured by the 

expanding gas, and it is that emission that is emphasized in the 
present work. 

Our model for the expanding pulsar nebula in the supernova 
builds on previous work in this area. Ostriker & Gunn (1971) 
proposed a model in which the pulsar bubble is the primary 
mechanism for the supernova explosion. More recent super- 
nova modeling has made clear that there is an initial explosion 
that shock accelerates the stellar material and the pulsar is 
embedded within the expanding gas. This has led to a model in 
which the pulsar bubble expands into uniformly expanding gas 
(Chevalier 1977; Gaffet 1977). Chevalier (1977) concentrated 
on the Crab Nebula and suggested a supernova model in 
which there is separate expansion of core region and an 
envelope shell. More recent work suggests that there is not a 
well-defined separation between the core and envelope matter 
and the more uniform model is taken here. 

While some radiation is expected from shock waves driven 
by the pulsar bubble, the Crab Nebula shows that photoion- 
ization can be the dominant source of optical line emission 
(Davidson & Fesen 1985). Photoionization must be especially 
important at early times when the expanding supernova gas 
absorbs most of the ionizing radiation. We therefore calculate 
the photoionization properties of supernovae in the 4 to 10 yr 
old range in detail. 

In this paper, we develop the theory for pulsar nebulae in 
supernovae in § 2. In § 3, we apply the theory both to young 
nebulae known to contain pulsars and to supernovae in which 
pulsars might be observed. The results are discussed and sum- 
marized in § 4. 
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2. PULSAR NEBULAE 

2.1. Pulsar Surroundings 
When a neutron star first forms in a supernova, continued 

fallback of matter that is marginally bound to the neutron star 
may occur (Colgate 1971). Chevalier (1989, 1991) found that 
during the first 6 months to year after a supernova explosion, 
the matter accretion is so large that no pulsar effects are pos- 
sible. After this time, there is a small mass, radiation pressure 
supported envelope around the neutron star. This envelope 
may be subject to dynamical instability and after it has dissi- 
pated, the newly formed pulsar nebula can begin to interact 
with the expanding supernova gas (Chevalier 1991). 

The density structure of the supernova gas is determined by 
the initial stellar structure, as modified by the explosion. The 
density structure has been well determined for models of SN 
1987A; it shows an inner flat profile outside of which is a steep 
power-law decrease with radius (Arnett 1988; Shigeyama & 
Nomoto 1990). Chevalier & Soker (1989) approximated the 
velocity profile by an inner section Pi = Ar~mtm~3 and an 
outer section p0 = Br~ntn~3

9 where m = 1 and n = 9 for SN 
1987A. Chevalier & Soker argue that a steep power law can be 
expected under rather general conditions for the outer section 
provided that radiative losses are not important. The two parts 
of the density profile are assumed to be continuous and they 
intersect at a velocity vt. For an explosion with a total energy E 
and mass Mt, we have 

bubble interior can be treated as a uniform isotropic relativistic 
fluid with y = 4/3. However, a substantial part of the energy is 
expected to go into the magnetic field, which can form a toroi- 
dal structure surrounding the pulsar (Rees & Gunn 1974; 
Kennel & Coroniti 1984a). The pressure is then not isotropic 
and the effective y in the radial direction is greater than 4/3. In 
the model of Kennel & Coroniti (1984a) for the Crab Nebula, 
the tangential component of the magnetic field drops as 1/r at 
large radii r and the magnetic field pressure is dominant. 
Emmering & Chevalier (1987) considered self-similar models 
for the Crab Nebula in which the outer boundary moves at 
constant velocity. They calculated models with the same total 
energy input, L, but different percentages of relativistic particle 
and magnetic field components, and showed that the pressure 
at the outer boundary is always the same, equivalent to the 
uniform relativistic fluid case. In cases with a high magnetic 
field, the average pressure is higher for a given total internal 
energy, but this is balanced by the gradient in the magnetic 
field. In what follows, we assume that the bubble interior can 
be treated as a uniform fluid with y = 4/3. 

With the further assumption that the supernova gas is swept 
into a thin shell of mass M, radius R, and velocity F, the 
evolution of the shell is described by (Ostriker & Gunn 1971; 
Chevalier 1977) 

dV 
M — = 4nR\Pi - pe{V - O2] , (2.3) 

vt = 
2(5 - rri)(n - 5) _E T/2 

(3 — m){n — 3) mJ 

/ n — 3 \r (3 — m)(n — 3) Mt~\{3 m)/2 (3 — m)Mt 

\n — m/1_2(5 — m)(n — 5) £ J 4n 

(2.1) 

(2.2) 

SN 1987A was an unusual Type II supernova because of its 
small initial radius. More typical Type II supernovae are 
expected to have red supergiant progenitors and their final 
density distributions are not well determined. Chevalier (1977) 
took a core-envelope structure, based on simple hydrodynamic 
models, and Weaver & Woosley (1980) did find the formation 
of dense core matter in a shell in more detailed models. 
However, it is likely that hydrodynamic instabilities, similar to 
those believed to occur in SN 1987A (Fryxell, Müller, & Arnett 
1991), lead to mixing and smooth out any sharp features in the 
density profile. Chevalier (1977) suggested that the mixture of 
H and He observed in the Crab Nebula is the result of such 
instabilities during the explosion of SN 1054. Thus, a reason- 
ably smooth, flat inner density profile may be a good approx- 
imation. In the outer part of the density profile, radiative 
transfer effects are more important for the explosion of an 
extended star and can lead to the formation of a dense shell in 
the outer layers. However, the shell is expected out in the steep 
power-law region of the density profile, where the pulsar 
bubble is not likely to reach. The two power-law approx- 
imation described above may give an adequate representation 
of the density law. In what follows, we typically take m = 0 or 1 
and n = 9, although more general cases are also discussed. 

2.2. Hydrodynamic Evolution 
We assume that the spin-down energy of the pulsar goes into 

a bubble of relativistic particles and magnetic field surrounding 
the pulsar. The bubble shocks and sweeps up the surrounding 
supernova gas. In previous models of this type (Ostriker & 
Gunn 1971; Chevalier 1977), it has been assumed that the 

dt dt 
(2.4) 

where is the pressure at the outer edge of the bubble and pe 
and ve are the supernova density and velocity just external to 
the shell. 

The pulsar power output is L = IQÙ, where / is the neutron 
star moment of inertia and Q is its spin rate. A commonly 
assumed form for the evolution of Q is Ó = —/Qb, where h = 3 
for a vacuum dipole rotator and can be less than 3 if there is a 
substantial particle wind. The function/is constant with time if 
the magnetic moment is constant, in which case b = QQ/Í22 is 
the braking index. Assuming constant b and / over the evolu- 
tion leads to 

L = L0 

(1 + i/Tf + U/(*-l) ’ 
(2.5) 

where L0 is the initial power output and t is a time scale. 
If í < T, the power output is approximately constant at L0 

and it is straightforward to solve equations (2.3) and (2.4) 
taking pe to be the inner density profile and ve = r/t, as 
expected in free expansion. The solution of the dynamical 
equations is then 

R = 
(5 - m)3(3 - m) L0 ~| 

(11 — 2m)(9 — 2m) 4nA\ 

1/(5-m) 
£.(6 — m)/(5 — m) • (2.6) 

It can be seen that the solutions are applicable only for m < 3, 
which is equivalent to the requirement of finite mass in the 
shell. The energetics of the expansion are as follows. The thin 
shell approximation is equivalent to the assumption that the 
shock front is radiative, so the radiated energy is 

=i; 
AnR2 - pe(V — vef dt = 

■ m 
2(11 - 2m)(9 - 2m) L01 ■ 

(2.7) 
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The internal energy in the bubble is 

£int = 4^Pi = ïH^Lof, 
(2.8) 

and the kinetic energy of the shell is 

(5 — m)(6 — m)2 

2(ll-2mX9-2m) 0 ' 
(2.9) 

The energies for various values of m are given in Table 1, which 
also includes z, the exponent of t in equation (2.6), and £sw, the 
kinetic energy that is added to the shell by the preshock expan- 
sion of the gas. We note that L0t = Frad + Eint + Ekin — Esw 
by energy conservation. In the limit m-»3, the expansion 
exponent and the energetics approach the case of the acceler- 
ation of a constant mass shell (Ostriker & Gunn 1971). These 
results are exact for the case that all of the shock energy is 
radiated, but they are also quite accurate for the case in which 
energy is conserved in the postshock region because the 
shocked shell is thin in the nonradiative case. Chevalier (1984) 
gives exact results for the nonradiative m = 0 case and finds 
that the shock radius is 3% larger than in the radiative case. 
The thermal energy in the shocked gas is only 0.006Lo t. 

We now consider the solutions for supernova models with 
n = 9 and two values of m, 0 and 1. For m = 0, the shell veloc- 
ity is 

V = 4.87 x km s"1 , (2.10) 

where L39 is L0 in units of 1039 ergs s \E51 is E in units of 
1051 ergs, Mtl is the mass Mt in units of 10 M0, and tyr is the 
age in years. The shock velocity into the supernova gas is V/6. 
The time that it takes V to reach the density transition velocity 
vt is 3.7 x 104£51/L39 yr, so it is likely that the shell remains 
within the inner part of the density profile during the con- 
stant power output phase. Radiative cooling of the shocked 
gas is expected to be important at early times when the 
external density is high, and to become no longer impor- 
tant at a time, £c, when the cooling time is equal to the age. 
From the results in McKee & Hollenbach (1980) for shock 
velocities in the range 60-1000 km s-1, we find tc = 
320L39

0-24£^1
0*93Mi

1{55a0-38 yr, where a is a factor to account 
for the increased cooling rates that might be expected because 
of enhanced heavy-element abundances above the cosmic 
abundances assumed in the shock models. For the m = 1 case 
we find 

V = 2.89 X 102Lfg
25Eo

51
25Mn

o-5t°r
2S km s"1 , (2.11) 

and the shock velocity is V/5. The time that it takes V to reach 
vt is again long, 6.3 x 104£51/L39 yr. The end of the cooling 
phase occurs at tc = 430L39

0-35£^1
0-67Mi

1
1;
34a0-33 yr. 

When the variation of L with t is taken into account, 
numerical integration of the dynamical equations must typi- 
cally be performed (see § 3). However, some insight can be 
obtained by considering the case of Lcct~ß. The resulting 

TABLE 1 
Energetics 

m z EtJLt Eint/Lt E
kJLt EJLt 

0   1.2 0.01515 0.4545 0.9091 0.3788 
1   1.25 0.01587 0.4444 0.7937 0.2540 
2   1.33 0.01429 0.4286 0.6857 0.1286 
3   1.5 0.0 0.4000 0.6000 0.0 

expansion law is R oc £(6-m'/o/(5-m) Constant velocity expan- 
sion is obtained for /? = 1 and is expected for all /? > 1 because 
the shell must expand at least at this rate. The reason is that all 
the energy is injected at an early time. If /? < 1 initially, the 
shell will continue to accelerate in the /? > 1 regime, but should 
gradually tend toward free expansion. 

Finally, we consider the case where the pulsar suddenly 
turns on with power L0 at time t0. This time might be deter- 
mined by the end of a phase of dense neutron star accretion or 
by the sudden increase of the neutron star magnetic field. Pro- 
vided that (t — t0) i, the supernova gas is effectively time 
independent, with ve = 0. The solution of the dynamical equa- 
tions is then given by 

R = 
(3 — m)(5 — m)3 L0 T

/(5"m) 

3(7 - 2m)(8 - m) 4nA] { . (2.12) 

This solution is similar to that for a stellar wind driven bubble 
(Weaver et al. 1977) except that y = 4/3 for the present case 
and is 5/3 for the stellar case. A difference with the uniform 
expansion case is that the radiated luminosity is 

£  TÏ £ n 13) 
Lrad " 2(7 - 2m)(8 - m) 

and is a substantial fraction of L0. We have LraJL0 = 0.241, 
0.247,0.250 for m = 0,1,2, respectively. 

2.3. Shell Stability 
The expansion of a thin shell subject to interior pressure 

forces can be examined for stability. Vishniac (1983) has 
already studied the case of expansion into a stationary, 
uniform medium; the major difference here is that the external 
medium has a changing density and a velocity field. Vishniac 
did find that the stability could be simply analyzed for an 
infinitely thin, planar shock if all terms that enter only on time 
scales comparable to the age of the shock are dropped. Then a 
linear perturbation to the surface density cr, of the form 
S oc exp (Ft1 + ik • x) leads to 

r = (pik
2V/<T)11* 9 (2.14) 

where tx is measured from the beginning of the instability 
growth and is <^i. For an accelerating shell (V >0), there is 
growth of the Rayleigh-Taylor instability. The differences of 
the present case with that studied by Vishniac involve terms 
that evolve on time scales comparable to the age of the shock, 
so that equation (2.14) can be applied here for the case of large 
k. The solution described by equation (2.14) leads to 

r = [(6-mX9-2m)]1/4Ä^. (2.15) 

The coefficient of (kR)1,2/t is 0.542, 0.608, 0.705, and 0.866 for 
m = 0, 1, 2, and 3, respectively. Exponential growth of the 
instability occurs at large kR at a rate that does not strongly 
depend on m. 

While rapid growth can occur at small scales in the linear 
regime, these scales are also the ones where the instability 
saturates first and it is likely that the dominant structure 
appears on the largest scales that are able to grow. These scales 
can be found from a full analysis of the shell stability along the 
lines of the analysis by Vishniac (1983). We have considered 
two cases with constant power input: expansion into uniformly 
expanding gas with a uniform density (m = 0) and expansion of 
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a constant mass shell. The analysis is carried out for a general 
power-law expansion, R0 oc £w, where R0 is the unperturbed 
radius, although the two cases are characterized by w = 1.2 
and 1.5, respectively. The perturbed variables are <5 = a/a0 — 1, 
where <70 is the unperturbed surface density, AR = R — R0, 
and Ft, which is the tangential velocity mass averaged over the 
shell thickness. For the first case (uniform external expansion), 
the solution takes the form 

-5 = 00(t/t0yYlm , (2.16) 

AR = w(l - w)[(s + wXs + 7w - 7)] “ lR0 ô0(t/t0YYlm, (2.17) 

VT = (4w — 3)w(w — l)2[(s + w)(s + 7w — 7) 

x (s + 6w - 4)] - 1(RoA)^o(£/£0)sVt Ylm , (2.18) 

where 
(s + 6w — 4)[(s + w)(s + 3w — 3)(s + 7w — 7) 

— (s + 3w)w(l — w)] = w(w — l)2(4w — 3)1(1 + 1), (2.19) 

and the Ylm are the usual spherical harmonics. With w = 1.2, 
the critical / for instability (s = 0) is lc = 4.97. This is the 
limiting minimum value of / for which instability growth can 
occur. For the second case (constant shell mass), the solution 
takes the form 

<5 = ô0(t/t0YYlm , (2.20) 

AR = w(l - w)[(s + wXs + w - 1)] " 1R0 ô0(t/t0)sYlm, (2.21) 

VT = w2(w — l)2[(s + wX« + w — l)(s + 3w — 1)] “1 

x(R2
0/t)ô0(t/t0)°\TYlm, (2.22) 

where 

(s + 3w — l)[s(s + w)(s + w — 1) — (s + 3w)w(l — w)] 

= w2(w - l)2(4w - 3)1(1 + 1) . (2.23) 

With w = 1.5, the critical / for instability is lc = 4.11. We note 
that the spherical harmonics are defined such that the value of / 
gives the number of minima in R in a great circle taken around 
the shell. 

2.4. Photoionization 
It is plausible that emission from the pulsar bubble provides 

a larger luminosity source than the radiative shock front. 
Kennel & Coroniti (1984b) have discussed a magnetohydro- 
dynamic model for the high-energy emission from the Crab 
Nebula, but the model depends on the magnetization param- 
eter and velocity of the pulsar wind and the spectra index of 
shocked electrons and positrons. These parameters are deter- 
mined from observations of the Crab Nebula and are not 
known for cases of younger pulsars. Seward & Wang (1988) 
summarize the data on X-ray emission from pulsar nebulae 
and note that the efficiency of X-ray production for the three 
pulsar nebulae mentioned in § 1 is high, greater than 0.01L for 
all the cases. If this is a general property of the nebulae around 
more energetic pulsars, the bubble emission can be expected to 
dominate the shock emission for the cases of interest here. This 
is particularly important for the young supernovae, because 
the ionizing radiation is absorbed within the supernova gas. 
Here we assume that a fraction of the total power L is 
emitted in the form of ionizing radiation with a mean free path 
that is small compared to the supernova size. Some other frac- 
tion of L may be emitted in hard radiation that is able to 

partially ionize the supernova. The softer radiation is able to 
ionize a region of radius R* determined by 

JT = \ nRfne nA «r , (2-24) 

where JH is the ionization potential for hydrogen, ne is the 
electron density, nA is the density of heavy particles, ar is the 
recombination coefficient, and 

rj f"o J*dv 

H J" (Jvdv/hv) 
(2.25) 

is the effective energy needed per ionization, which depends on 
the shape of the ionizing spectrum, Jv, and the threshold 
energy, hv0. Taking ar = 3 x 10-13Ar cm3 s-1 and the density 
distribution appropriate to the m = 0, n = 9 model described 
above, we have 

Ri = 2.82 x 1014(y; H2/iBe Ar)1/3L^3Mti 5/3R51 ¿yr cm , (2.26) 

where n is the atomic weight in amu, Be is the number of 
electrons per atom, and it is assumed that Rt occurs in the flat 
part of the density profile. This expression does not take into 
account the fact that the pulsar nebula sweeps up the sur- 
rounding supernova gas. Although the density of the shell is 
high and is potentially capable of strong absorption of the 
photoionizing radiation, the shell is subject to the Rayleigh- 
Taylor instability, so we assume that most of the shell mass 
ends up in filaments with a small covering factor (as in the 
Crab Nebula) and the ionizing radiation penetrates directly 
into the supernova. If the bubble radius R is greater than Rh 
then the radiation is able to photoionize only a small region 
out ahead of R. If Rf > R, then the estimate of R* is applicable. 
The time scale for the transition to occur is 

tyl = 6.6(ÇBe ^4r// jU2)0'42L39
0 17Mí

1
1-46R¿'1

0-88 . (2.27) 

Eventually the ionization front reaches the edge of the constant 
density region and the steep power-law part of the density 
profile is rapidly ionized. This occurs at a time 

tyT = 4S(CBeAr/fi^
3L^M]¡6E;1

lí2 . (2.28) 

The constant t0 = 4S(CBeAr/fifi2)113 depends on the composi- 
tion of the core and the efficiency /•. For a hydrogen- 
dominated core t0 = 79/f1,3, for a helium-dominated core 
t0 = 32/f1/3, and for an oxygen-dominated core t0 = 
13.2/r1/3. 

In Figure 1 we show the velocity of the ionization front and 
the outer boundary of the pulsar bubble for these three com- 
positions, and a core with mass 4 M0 and velocity 2000 km 
s"1. We have assumed an ionizing spectrum of the same form 
as the Crab (Davidson & Fesen 1985), with a luminosity/fL = 
1 x 1039 ergs s-1 above 13.6 eV, and an efficiency/- = 0.3. This 
may correspond to the Crab during the first decades after the 
explosion. In this simple model the line emission is expected to 
be confined to the region between the pulsar bubble and the 
ionization front. The line profile should therefore be flat for 
velocities less than the bubble velocity, and the maximum 
velocity of the line should increase with time. In a realistic 
situation, the inhomogeneous structure of the ejecta will prob- 
ably change this picture substantially. Monitoring the changes 
in line profiles should be of great interest as a discriminator 
between the pulsar photoionization scenario, circumstellar 
excitation, and shock emission from the bubble interaction. In 
the circumstellar case the lines are expected to have a velocity 
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log t (years) 
Fig. 1.—Velocities of the outer boundary of the pulsar bubble and the 

ionization fronts for hydrogen, helium, and oxygen-dominated cores. The 
parameters of the model are given in the text. 

of ~5000 km s“1, decreasing with time, while the emission 
from the bubble shock is expected to have a slow increase in 
velocity with time. 

2.5. Spectral Characteristics 
To examine the spectral signatures of the pulsar excitation 

we have calculated a number of detailed photoionization 
models for the structure of the pulsar nebula. Calculations for 
y-ray excited remnants have already been carried out for up to 
~3 yr after the explosion (Fransson & Chevalier 1987, 1989). 
Because of the large penetrating power of the y-rays, the ion- 
izing secondary electrons are in this case fairly uniformly dis- 
tributed, and it was found that the conditions do not vary 
dramatically throughout the remnant, except as a result of 
abundance changes. Consequently, the resulting ionization is 
low, and the strongest lines come from neutral and singly 
ionized species, like H i, C i, O i, Mg i, Ca n. In the case of 
pulsar excitation most of the energy is emitted at compara- 
tively low energies, where photoelectric absorption is high. 
Therefore, the radiation will ionize gas only in a shell close to 
the ionizing source, unless the density is low. The result is a 
thin zone of comparatively high ionization, and an extended 
low-ionization zone excited by keV photons. This structure is 
similar to the broad line regions of active galactic nuclei. 

The calculations use an updated version of a code earlier 
employed for y-ray excited supernova ejecta and galactic halo 
calculations (Fransson & Chevalier 1985, 1989). This includes 
a detailed multilevel treatment of hydrogen with five bound 
levels, He i with 16 levels, O i with nine levels, and Ca n with 
four levels. In the oxygen-rich models, recombination emission 
from O i-iv has to be included. For ordinary recombination 
we use the approximate emissivities in Borkowski & Shull 
(1990), and for dielectronic recombination the rates in Nuss- 
baumer & Storey (1984). Charge transfer processes involving H 
and He with the metals are included, as well as a few reactions 
among the metals themselves. These can be important for the 
highly enriched gas in the core. An example is the reaction 
O ii + Ca i -> O i + Ca n, which keeps calcium ionized in the 
oxygen-rich regions in the core. Unfortunately, many rates 
among the metals are lacking. Photons of high energy create 
fast, nonthermal electrons in the photoionization process, 
which are thermalized in the gas. This is calculated using the 
deposition calculations in Kozma & Fransson (1992). The ele- 

ments included are H, He, C, N, O, Ne, Na, Mg, Al, Si, S, Ar, 
Ca, and Fe, with all ionization stages. The recombination time 
scale for hydrogen is 5.$(ne/l x 107 cm-3)-1 days, and shorter 
for other ions. Because ne « 4.3 x 109i“3 cm-3, the assump- 
tion of ionization and thermal equilibrium is satisfied for at 
least the first 50 yr, except in regions of very low ionization. 
These are of less interest here. 

The ionizing radiation from the pulsar is assumed to have 
the same spectral form as the Crab (Davidson & Fesen 1985), 
and total luminosity of 1039 ergs-1 between 13.6 eV and 10 
keV. The effect of varying the luminosity is discussed below. 
Instabilities during the explosion, as well as the bubble inter- 
action, makes mixing between different composition zones 
important. Therefore, the composition and density structure of 
the core, in particular the region close to the bubble, is highly 
uncertain. Two-dimensional calculations of the / explosion 
show that even hydrogen can penetrate deep into the core (e.g., 
Herant & Benz 1992). Mixing is likely to be mainly macro- 
scopic with distinct “ fingers and blobs ” from the different com- 
position zones. This is also the case for the instabilities 
connected with the pulsar bubble. To examine the effects of a 
varying composition we discuss three different cases. In model 
MS the composition is assumed to be solar. In models MHe, 
and MO we take the composition to be typical for the helium 
and oxygen core, respectively. A realistic case may be a 
weighted mean of the spectra from these models. Abundances 
for these cases are calculated from the 10 H model by Woosley 
(1988) and are given in Table 2. The density in the core is 
assumed to be constant (m = 0), with the inner boundary set by 
the bubble radius from equation (2.6). The mass of the expand- 
ing core is taken to be 4 M0, excluding the neutron star, and 
the core velocity 2000 km s-1. Outside of the core we assume 
an n = 0 envelope with solar composition. This region is not 
important at the epochs studied here, because the ionizing 
radiation does not penetrate into the envelope (see eq. [2.26]). 
The structure has been calculated for an age of 1500 days (4 yr). 
Later epochs are discussed in § 2.6. The number density in the 
core is at 1500 days 5.5 x 107 cm-3, 1.6 x 107 cm-3, and 
3.9 x 106 cm-3, for models MS, MHe, and MO, respectively. 
The outer boundary of the bubble is at 427 km s -1 (5.5 x 1015 

cm). As argued in § 2.4, we neglect absorption of the ionizing 
radiation by gas swept up by the bubble. 

In Figures 2-4 we show the resulting temperature, ioniza- 
tion structure, and line emissivities as functions of the distance 
from the pulsar bubble for the three models. To clearly show 
the contribution of the various lines to the total luminosity, the 
emissivity is given as dL/d log (Ar). Table 3 gives the lumi- 
nosities of the strongest lines in the models at 1500 days. Below 

TABLE 2 
Abundances by Number 

Element MS MHe MO 

H .. 
He . 
C .. 
N .. 
O .. 
Ne . 
Mg 
Si .. 
S ... 
Ar . 
Ca . 
Fe . 

0.92 
7.7 x 10~2 

4.1 x 10-4 

1.1 x 10“4 

8.0 x 10~4 

1.0 x 10“4 

3.3 x KT5 

4.1 x 10"5 

2.0 x HT5 

8.6 x 10~6 

2.4 x 10"6 

4.9 x 10"5 

0 
0.975 
1.8 x 10"2 

2.9 x 10“6 

2.0 x 10"3 

4.0 x 10"3 

1.2 x KT4 

1.4 x 10“4 

6.8 x 10“5 

3.0 x lO-5 

8.4 x 10"6 

1.7 x 10“4 

0 
0 
8.2 x 10~3 

0 
0.85 
4.4 x 10"3 

8.9 x KT5 

7.8 x 10"2 

4.4 x KT2 

6.3 x 10"3 

1.3 x 10"3 

4.9 x KT5 
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Fig. 2.—^Temperature, electron fraction, ionic abundances, and line emissivities as a function of radius for the solar composition core. The emissivity is given as 
the line luminosity per logarithmic unit radius, dL/d log Ar. Ar is the distance from the outer boundary of the pulsar bubble. 

Fig. 3.—Same as Fig. 2 for the helium-dominated core 
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Fig. 4.—Same as Fig. 2 for the oxygen-dominated core 

we discuss some of the characteristics of these models and the 
emission from them. 

For a core of solar composition, model MS in Figure 2, the 
remnant shows a structure typical of emission line regions in 
active galactic nuclei. The total extent of the ionized region is 
only ~6 x 1013 cm at 1500 days. Near the inner boundary 
there is a thin, highly ionized region with H n, He m, C v, 
O iv-vi, with a temperature -19,000 K, decreasing to 
—14,000 K at the He n boundary. Most of the emission is due 
to Lya, C iv 11550 and C m] 11909. Outside the H n region, 
the electron fraction decreases slowly from —0.3 to —10 2, 
and the temperature from — 7000 K to — 3000 K. The strong- 
est lines from this region are [O i] 116300-6364, Ha, Lya, and 
emission from Fe n. Finally, at 1.45 x 1016 cm the temperature 

drops rapidly to only -300 K as fine structure cooling by 
far-infrared [Fe n] lines cause a thermal instability. This also 
causes a rapid drop in the electron fraction. 

The total emission from this model is dominated by ultra- 
violet lines of Lya, C iv 11550 and C m] 11909. In the optical, 
the strongest lines are Ha, [O m] 114363,4959-5007, and [O i] 
116300-6364. Collision excitation results in a steep Balmer 
decrement, and the optical depth in the Balmer continuum is 
2.8 x 10-3. Because of the high density, the [O m] 114363/ 
4959-5007 ratio is — 1. 

The helium core model, MHe in Figure 3, has, as all the 
other models, a thin, highly ionized He m shell with a tem- 
perature of —16,000 K. Most of the cooling here is by C iv 
11550, C in] 11909, and [Ne m] 113869-3968. The tem- 

TABLE 3 
Luminosities3 of the Strongest lines at 1500 Days for Cores of 

Different Compositions 

MS MHe MO 

Lya 1.84 
C iv 1550 0.97 
C in] 1909 0.54 

C iv 1550 1.08 

11U. 
[O I] 6300-6364 0.15 
Mg ii 2800 0.14 
O in] 1664 0.12 
O v] 1216 0.070 
C in 977 0.057 
O iv] 1400 0.056 
[O in] 4363 0.051 
N iv] 1486 0.049 

C ii] 2326 0.48 
C in] 1909 0.47 
[Ne ii] 12.81 um 0.27 
[Ne hi] 3869-3968 0.18 
[S in] 9069-9532 0.096 
He ii 1640 0.086 
He i 10830 0.082 
[Ne v] 3346-3426 0.082 
[Ne iv] 2423-2425 0.041 
[O in] 4959-5007 0.024 
[O ii] 7320-7330 0.016 

[S in] 9069-9532 1.07 
[O in] 4959-5007 0.46 
O i] 1356 0.36 
O v] 1216 0.33 
O vi 1034 0.30 
[Si ii] 34.81 fxm 0.28 
O iv] 1400 0.28 
O i 1302 0.17 
O i 7774 0.061 
Mg i] 4571 0.053 
[Ne il] 12.81 /im 0.046 
O i 990 0.045 

3 All luminosities in 1038 ergs s 1. 
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perature then decreases in the He n shell to ~9000 K, with 
cooling dominated by C m] 21909, [Ne m] 223869-3968, and 
He i 210830. At ~8 x 1013 cm the ionization drops as helium 
becomes neutral. Because of the high ionization potential of 
He I, the metals are still ionized, with C n as the most abun- 
dant ion; the residual ionization is ~4 x 10-2. Cooling is 
mainly by C n] 22326, [Ne ii] 212.81 /mi, and [S m] 229069- 
9532. At ~4 x 1015 cm there is a rapid drop in temperature as 
fine structure cooling by especially [Ne n] 212.81 /mi becomes 
dominant. The total emission from the helium shell gas reflects 
the abundances fairly well, except for helium itself, with ultra- 
violet emission from C iv, C m], and C n] dominating. The 
great strength of the neon lines is a consequence of the fairly 
high neon abundance in the helium zone, ~5 x 10-3. In the 
optical range [S m] 229069-9532 and [Ne m] 223860-3968 
are especially strong. The strongest helium line is the 210830 
line, which is enhanced by collisional excitation. The spectrum 
is similar to the solar case, except for the absence of hydrogen 
lines. Mixtures of hydrogen-rich and helium-rich gas give 
similar results, except for the recombination lines. The main 
diagnostic of a helium enrichment is a large He i to H i recom- 
bination line ratio. The metal abundances in the helium zone 
are uncertain, because they depend on convective mixing in the 
progenitor, so the exact results are model dependent, especially 
for elements beyond oxygen. 

At the inner boundary of the oxygen core model (Fig. 4), the 
dominant ions are O iv-O vi, all with strong ultraviolet lines. 
The temperature here is 15,000-19,000 K. Next comes a thin 
O in zone, with Te = 6500-9000 K, where nearly all cooling is 
by [O m] 224959-5007. The O n region extends from 6 x 1013 

cm to ~2 x 1015 cm, where the major fraction of the ionizing 
energy is deposited. Because of the high metallicity, the tem- 
perature is only ~3500 K. The low temperature and high 
density explains the low luminosity of the [O n] lines. Instead, 
because of the high sulfur abundance, 0.044 by number, the 
[S m] 229069-9532 lines are strong in the inner region. 
Between ~1 x 1015 cm and the O i Strömgren radius at 
~2 x 1015 cm, there is a zone characterized by strong O i 
recombination lines. Outside, silicon and sulfur remain ionized 
because of their low ionization potentials. The total abundance 
of these ions is ~0.12, and the electron fraction stays constant 
at this level. This partially ionized zone extends throughout the 
whole oxygen core. The temperature is very low, ~ 3000 K at 
the inner boundary, decreasing to less than ~1000 K, and 
most of the emission from this region is from the [Si n] 234.81 
jim fine structure line. Recombination emission from Mg i] 
24571 is also important. 

With regard to the total emitted spectrum, the most charac- 
teristic features of an oxygen-rich gas are the strong O i recom- 
bination lines in the ultraviolet, 221302-1356, and in the 
optical, 27774 and 28446. The 28446 line can also be strong in 
unprocessed gas because of fluorescence with Lyß. The 27774 
line is not affected by this and can serve as an indicator of 
oxygen-rich gas. Both [S m] 229069-9532 and [O m] 224959- 
5007 aré also expected to be strong. The latter line is a 
common feature of nearly all compositions containing even a 
small amount of oxygen. Because of the unusually low tem- 
perature in the O m region, the 224363/4959-5007 ratio is 
expected to be considerably smaller than in unprocessed gas. If 
the density is higher than ~ 108 cm-3, e.g., due to clumpimg, 
the [O in] lines can get optically thick and the ratio of the 
24959 and 25007 lines can approach unity (Chevalier & 
Fransson 1992, in preparation). A high ratio is a strong indica- 
tion that the gas is processed. A characteristic feature in the 

ultraviolet is strong oxygen lines with a wide range of ioniza- 
tion: O i 221300-1356, O iv] 21400, O v] 21217, and O vi 
21030. 

An interesting result is that the [O i] 226300-6364 lumi- 
nosity is very low in model MO, only ~1.8 x 1033 ergs s-1, 
despite the presence of an extended O i zone. The reason is that 
fine structure cooling of especially [Si n] 234.81 /¿m is domi- 
nant, with the result that a thermal instability occurs behind 
the ionization front, and the temperature in the O i zone is only 
750-1300 K, which is too low for excitation of [O i] 226300- 
6364. The high silicon abundance is not the main reason for 
this dominance of fine structure cooling, because it also occurs 
in other oxygen-dominated zones. The two main parameters 
determining whether the far-infrared lines dominate are the 
density and the form of the spectrum at high energies. If the 
density is considerably higher than in our models, e.g., because 
of clumping, fine structure cooling tends to become less impor- 
tant. In a model with a filling factor 0.1, i.e., a density enhance- 
ment by a factor 10, the ratio of the [O i] 226300-6364 to the 
O i 27774 line increased from 0.43 in the “ standard ” model to 
3.4 in the clumped model. Lines from the ionized line regions 
are much less affected by the density increase. An increase in 
the heating of the partially ionized zone can also prevent the 
thermal instability. A spectrum flatter than our Crab spectrum 
has exactly this effect. A calculation with a v-1 spectrum, but 
otherwise the same parameters, gave a fairly similar result for 
the highly ionized lines, with [S m] 229069-9532 and [O m] 
224959-5007 as the strongest, while the O i recombination 
lines decreased substantially. The main difference was that the 
temperature of the O i region increased to ~ 3400 K behind the 
ionization front. This resulted in a large increase of the [O i] 
226300-6364 lines, with an [O i] 226300-6364 to O i 27774 
ratio of 1.6. 

When we compare the different models, the most apparent 
difference, except for the emitted spectrum, is the extent of the 
ionized zone, as already anticipated from the discussion in the 
last section (Fig. 1). While hydrogen has a large shielding effi- 
ciency, helium allows radiation below 24.5 eV to escape. The 
shielding efficiencies of carbon and oxygen are also low 
because of their high atomic weight. Radiation below 24.5 eV 
can therefore ionize the hydrogen-rich gas in the core or, if the 
hydrogen abundance in this region is low, the envelope. A 
realistic case with strong mixing may display a highly inhomo- 
geneous structure with hydrogen-rich blobs having high ion- 
ization in their surface layers, and a relatively low ionization in 
their core regions, resembling the situation in the Crab Nebula 
(e.g., Davidson & Fesen 1985). Metal-rich blobs will in general 
be of higher ionization, unless their mass density is consider- 
ably higher than that of unprocessed gas. 

The luminosity of the ionizing radiation is highly uncertain. 
We have calculated several additional models with different 
luminosities for the oxygen-dominated case. Varying the lumi- 
nosity from 3 x 1037 ergs s_1 to 1 x 1040 ergs s-1 has a rela- 
tively minor effect on the emitted spectrum. In all cases the 
[S in] 229069-9532, [O m] 224959-5007, and O i 221300- 
1356 lines were the strongest lines, each emitting ~5%-10% of 
the ionizing luminosity. The main difference was the increasing 
importance of the highly ionized ultraviolet lines of O iv-vi 
with increasing luminosity. This conclusion also applies to a 
variation of the filling factor. This is expected because an 
increase in the density has the same effect on the ionization 
parameter as a decrease in the luminosity. Our results for the 
optical spectrum should therefore be relatively insensitive to 
these parameters and mainly depend on the composition. 
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TABLE 4 
Luminosities3 of the Strongest Lines at 10 yr 

MS 

Lya 1.83 
C iv 1550 0.80 
[O in] 4959-5007 0.43 
C in] 1909 0.29 
Ha 0.15 
[Ne in] 3869-3968 0.10 
O vi 1034 0.10 
O v] 1216 0.094 
[Ne v] 3346-3426 0.085 
O in] 1664 0.077 
[O in] 4363 0.074 
[O I] 6300-6364 0.071 

MHe 

C iv 1550 0.92 
[Ne ii] 12.81 iim 0.49 
[Ne in] 3869-39680.26 
C in] 1909 0.21 
[Ne v] 3346-3426 0.19 
C ii] 2326 0.17 
[O in] 4959-5007 0.16 
He i 10830 0.11 
[S in] 9069-9532 0.063 
[Ne in] 15.55 ¿mi 0.048 
[Ne iv] 2423-24250.038 
O vi 1034 0.013 

MO 

[S in] 9069-9532 0.86 
[O in] 4959-5007 0.49 
O I] 1356 0.35 
O vi 1034 0.32 
O v] 1216 0.31 
[Ne ii] 12.81 ¿an 0.27 
O iv] 1400 0.18 
O i 1302 0.15 
O i 7774 0.059 
O i 990 0.047 
[Si ii] 34.81 ¿mi 0.036 
O i 8446 0.021 

3 All luminosities in 1038 ergs s 1. 

2.6. Time Dependence 
The discovery of an increasing number of old supernovae 

with ages more than 10 yr makes it interesting to examine the 
expected time evolution of the emission. For this reason we 
have calculated the same set of models as in § 2.5 for an age of 
10 yr. The strongest lines are listed in Table 4. 

While most of the strong lines at 10 yr are the same as at 
1500 days, there are some important differences. As the density 
in the remnant decreases, forbidden lines increase in impor- 
tance. This effect is mainly seen in the solar composition 
model, where the electron density is factor ~4 and ~ 10 higher 
than in the helium- and oxygen-dominated models, respec- 
tively. Collision de-excitation is important for the solar com- 
position model at 4 yr, while the other models are already close 
to or below the critical density at this time. If clumping is 
important, quenching of the forbidden lines will also be impor- 
tant for the other models early, and an evolution toward a 
spectrum dominated by forbidden lines is also expected for 
these. An illustration of this can be seen in model MS where 
the [O in] /Ü4959-5007 and [Ne m] 223869-3968 lines 
increase by a factor of ~ 10 from 4 to 10 yr, while the Lya and 
C iv 21550 lines remain nearly constant. The evolution of the 
line widths with time (Fig. 1) has already been discussed in 
§2.4. 

3. APPLICATIONS 

3.1. Observed Pulsar Nebulae 
The model described in the previous section can be best 

tested by comparing it to observed nebulae known to contain 
young pulsars. The most favorable such cases are the nebulae 
associated with PSR 0531+21 (Crab Nebula), PSR 0540—69, 
and PSR 1509 — 58 (MSH 15 — 52); Table 5 summarizes the 
information that is available on these pulsars. The observed 
parameters are the period, P, the period derivative, P, and the 
braking index, b, and are from Lyne, Pritchard, & Smith (1988) 
for PSR 0531+21, Manchester & Peterson (1989) for PSR 
0540 — 69, and Manchester, Durdin, & Newton (1985) for PSR 
1509 — 58. The derived parameters i + r, L0, and initial period 
P0 assume evolution with constant magnetic moment and 
braking index (see eq. [2.5]). The neutron star moment of 
inertia is / = /45 1045 g cm2 and we assume /45 = 1 here. A set 
of neutron star models by Arnett & Bowers (1977) with pre- 
collapse masses of 1.41 M© have values of / within a factor of 2 
of this value. We have Lee I, so that varying / can be accom- 
plished with the scaling relations given below. The age of 
0531 +21 is determined by the time of SN 1054, and the age of 

0540 — 69 is determined by the expansion velocity and size of 
the optical remnant. The value of t for PSR 1509 — 58 is deter- 
mined from the model described below. The pulsar properties 
give the quantities for L(i) (eq. [2.5]), which is then substituted 
into equation (2.4). 

The model described here is similar to that proposed by 
Chevalier (1977). As in that work, we presume that the mixture 
of H and He observed in the Crab is the result of hydrody- 
namic instabilities between the He mantle and the H envelope 
during the explosion. The main difference between the models 
is in the assumed density profile for the freely expanding super- 
nova gas. Here we assume a continuous density structure so 
that the nebula is still running into supernova material at the 
present time. Because the age is > t, it is necessary to integrate 
equations (2.3) and (2.4) numerically. The constant L0 solu- 
tions provide the initial conditions. We assume that radiative 
losses in the pulsar bubble can be neglected, although in the 
case of the Crab Nebula, the current luminosity is ~ 1.6 x 1038 

ergs s“1 (Davidson & Fesen 1985), or ~ j of the total pulsar 
output with /45 = 1. The evolution of the radiative losses is 
unknown, so it is not possible to realistically include these 
losses in the calculations. If the losses are proportional to L, 
then their effect is the same as a change in I ; neglect of losses in 
the Crab is equivalent to taking /45 = 1.35. 

Although completely analytic solutions are not possible for 
the types of models described in this section, scaling laws apply 
once values of m, n, and t have been specified. They are 

R oc F oc M~1I2E(3 - m)/2(5 “ m)L1/(5 “ m), (3.1) 

pe oc Mf/2E~5{3~m)/2(5~m)Lrm,i5~m), (3.2) 

Ekin cc Einl cc Mt°E°I} . (3.3) 

TABLE 5 
Observed Pulsars in Nebulae 

Parameter PSR 0531 + 21 PSR 0540-69 PSR 1509-58 

Nebulae   Crab 0540-69 MSH 15-52 
P(s)  0.0333 0.0503 0.150 
P  4.21 x 10“13 4.77 x 10"13 1.54 x 10"12 

b.  2.509 2.01 2.83 
L (ergs s-1)   4.5 x 1038 1.5 x 1038 1.8 x 1037 

i + t (yr)  1660 3310 1690 
t (yr)   930 830 1660 
t (yr) 730 2480 30 
L0 (ergs s_1)   3.0 x 1039 3.5 x 1038 8.3 x 1040 

P0(s)  0.019 0.038 0.017 
ß  1.3 0.75 2.1 
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Results of Crab Nebula models with several density distribu- 
tions are given in Table 6. All the models use n = 9, Mt = 10 
M0, and E = 1 x 1051 ergs to describe the supernova density 
distribution; only the power-law index, m, for the inner density 
profile is varied. The observed quantities are from the review 
by Davidson & Fesen (1985) unless otherwise mentioned, and 
the distance to the Crab Nebula is taken to be 2 kpc. The 
quantity vsh is the relative velocity of the shock front moving 
into the supernova gas and icool is the cooling time for the 
shocked gas. The comparisons of the models and observations 
of R and V are complicated by the fact that the nebula is not 
spherical and that many of the dense filaments are well inside 
the outer boundary, presumably because of the Rayleigh- 
Taylor instability. If the instability were allowed to occur in the 
models, the outer boundary would be larger than that given. 
The observed value of t — R/V has been measured to be 86 yr 
(Trimble 1968) and 66 ± 7 yr (Wyckoff & Murray 1977) from 
optical studies, and 179 yr (whole nebula) and 203 yr (outer 
edge) from radio studies (Bietenholz et al. 1991). These obser- 
vations give direct evidence for acceleration by the pulsar 
nebula. The observed minimum pressure in relativistic par- 
ticles and magnetic fields is determined by Wilson, Samar- 
asinha, & Hogg (1985) for the base of the Crab Nebula jet. 

The models show general agreement with the basic observed 
features of the Crab Nebula. One difference with models in 
which there is a stationary external medium is that in the 
present case there is a small acceleration at the outer boundary 
and certainly no deceleration. Radio observations of the outer 
nebula (Bietenholz et al. 1991) and optical observations of the 
outer jet (Shull et al. 1984; Marcelin et al. 1990) show no 
evidence for deceleration. While this is consistent with the 
present model, it may also be consistent with a low external 
density, <0.05 cm-3, in a stationary external medium 
(Bietenholz et al. 1991 ). 

The accelerating shell drives a shock front into the freely 
expanding supernova gas, with the shock velocity and pre- 
shock density given in Table 6. These parameters can be used 
to calculate the cooling time for the postshock gas, which is 
also given in the table. These estimates assume normal cosmic 
abundances. Helium is overabundant in the Crab Nebula, but 
it does not contribute significantly to the radiative cooling; the 
heavier elements, which are important, appear to have fairly 
normal mass fractions. It can be seen that the cooling time is 
somewhat longer than the age at present so that the gas cur- 
rently remains hot, at a temperature of about 7 x 105 K. The 
gas is too cool to emit significant X-ray emission, which is 
consistent with observed upper limits on such emission 
(Schattenburg et al. 1980). A possible problem is that the lack 
of cooling implies that gas is not currently being added to the 

cool filaments and thus does not contribute to the observed 
filament mass. The model mass may then be less than the 
observed mass. 

In the present model, the filamentary structure of the Crab 
Nebula is due to the action of the Rayleigh-Taylor instability 
discussed in § 2.4, where it was found that the instability is 
expected to grow for / > 4. In the nonlinear limit, the largest 
scales that can grow are expected to be the dominant ones. The 
observed filamentary network in the Crab Nebula (Clark et al. 
1983) is consistent with this hypothesis. 

A consequence of the present model, as of that discussed by 
Chevalier (1977), is that the observed Crab Nebula is sur- 
rounded by freely expanding supernova ejecta, beyond which 
is a fast shock wave moving into the ambient medium. Murdin 
& Clark (1981) have found evidence for a faint Ha halo that 
may be from such ejecta, but the result remains unconfirmed. 
The large extent of the emission (6' x 14' in radius) and its high 
degree of ellipticity are surprising properties in the context of 
the present model. Evidence for a fast shock wave around the 
Crab Nebula is lacking. Although the most stringent limits are 
probably at radio wavelengths, they can still accommodate a 
fast shock if the shock front is moving into a low-density gas, 
as expected in a stellar wind bubble created by the massive 
progenitor star (Chevalier 1985). Romani et al. (1990) have in 
fact found evidence for a large shell around the Crab Nebula at 
infrared and 21 cm wavelengths; the shell radius, 90 pc at the 
distance of the Crab Nebula, is surprisingly large. 

For the nebula with many features in common with the Crab 
Nebula, 0540—69, there is evidence for the fast shock front. 
Mathewson et al. (1980) found that [O m] imaging showed an 
arc 30" west of a small nebula 4" in radius. A radio image of the 
region with the Australia Telescope by Kesteven, Manchester, 
& Staveley-Smith (1991) shows emission both from the central 
nebula and from the arc, which strongly suggests that the arc is 
a shock front. At a distance of 50 kpc, the radius of the arc is 
7.3 pc and the average velocity to that distance is 8600 km s-1 

for an age of 830 yr. The arc is part of the shell that is observed 
in the radio image. 

Unlike the Crab Nebula, the age of the 0540 — 69 nebula is 
not known, but the observed ratio R/V gives a time scale of 690 
yr for distance of 50 kpc (Mathewson et al. 1980; Kirshner et 
al. 1989). Table 7 shows the results of a model with an age of 
830 yr that has the appropriate time scale R/V. The supernova 
model used for this case has m = 1, n = 9, Mt = 10 M0, and 
£ = 1 x 1051 ergs. The large apparent abundance of oxygen in 
0540—69 suggests that the initial stellar mass was greater than 
10 Mq, but a Type lb progenitor is also a possibility, which 
would indicate a smaller mass. Model results for a different 
value of Mt can be found from the above scaling laws. The 

TABLE 6 
Crab Nebula Models at í = 930 yr 

Parameter m = 0 m=l m = 2 Observed 

R (pc)   1.7 1.4 0.99 1.6 x 2.1 
V (km s-1)  2000 1700 1300 
t - R/V (yr)  110 130 160 66-200 
M (Mq)  1.1 1.3 2.0 2-3 
Eint (ergs)   1.1 x 1049 1.1 x 1049 1.0 x 1049 

Ekin (ergs)  4.5 x 1049 3.8 x 1049 3.1 x 1049 4 x 1049 

p,-(dynes cm-2)  5.8 x 10-9 1.0 x 10-8 2.9 x 10-8 >9 x 10-9 

rsh(kms-1)   230 240 220 
pe (g cm-3)  3.4 x 10-24 4.7 x 10“24 1.1 x 10-23 

icooi (yr)   5600 4500 1500 
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TABLE 7 
0540 — 69 Model at i = 830 yr 

Parameter Model Observed 

R (pc)   0.77 0.97 
V (km s-1)   1100 1370 
R/V (yr)  690 690 
M (Mq)  0.46 
Eint (ergs)   2.3 x 1048 

Ekin (ergs)  5.6 x 1048 

^ (dynes cm-2)   1.3 x 10-8 

t;sh(kms-1)   190 
pe (g cm-3)  1.1 x 10~23 

Lrad (ergs s_1)   2.6 x 1036 >2 x 1035 

observed values of R and V are taken from Mathewson et al. 
(1980) and Kirshner et al. (1989). It is clear that slight variation 
of the various parameters (including /45) could bring even 
better agreement with the observations, but that the basic 
properties of the remnant are reproduced. Our model for 
0540 — 69 is close to the models considered by Reynolds (1985). 

Table 7 also gives the conditions at the shock front that is 
driven into the supernova gas. An important difference with 
the Crab Nebula is that the gas is apparently O-rich, so that 
the cooling of the gas is significantly enhanced. Detailed 
models are necessary for the shock emission because it is 
strongly out of ionization equilibrium. Itoh (1981) has calcu- 
lated models for shock waves moving into a pure O gas and 
finds that for a shock velocity of 141.4 km s-1 and an ambient 
heavy-element density of 1cm-3, the cooling time for the post- 
shock gas is about 10 yr. The ambient density for the case 
shown in Table 7 is 0.4 cm-3, so that the expected cooling time 
is less than the age of the remnant provided that the slightly 
higher shock velocity does not cause a large change in cooling 
properties. If the shock is cooling, the quantity Lrad is available 
to be radiated and it is larger than the observed luminosity in 
optical emission lines. Itoh (1981) finds that for a shock veloc- 
ity of 141.4 km s -1 much of the radiative luminosity is emitted 
in optical lines. Kirshner et al. (1989) have already proposed 
that the optical line emission from 0540 — 69 is from a shock 
front based on the high [O m] temperature and on the fact that 
the ionization parameter appears to be low in this remnant. If 
the present shock model is correct, the morphology of the 
remnant may be different from that of the Crab Nebula. 
Although some irregularities are likely to be present, the 
nebula should appear less filamentary than the Crab. Although 
the [O in] image by Mathewson et al. (1980) gives some evi- 
dence in this direction, high-resolution imaging is needed. 

While the Crab Nebula and 0540 — 69 have age estimates 
independent of their central pulsars, that is not the case for 
MSH 15 —52. A small value of t is taken here (Tables 5 and 8) 
so that the nebula can grow to a large size, despite the present 
rather small power output from the pulsar. The size has been 
derived for the X-ray synchrotron nebula by Seward et al. 
(1984) and is given in Table 8. The model listed in Table 8 has 
the same supernova model as that for 0540 — 69 and the m = 1 
model for the Crab Nebula. The large size results in a small 
internal pressure, which is also inferred from the X-ray obser- 
vations. Another property of the early injection of energy is 
that the acceleration occurs early in the evolution and the shell 
is now close to free expansion. For cosmic abundances and the 
shock parameters given in Table 8, the shock front is close to 
the transition to nonradiative evolution. Even if the shock 
front is still radiative, the radiative luminosity is small. No 
optical nebula has yet been observed around the synchrotron 

TABLE 8 
MSH 15-52 Model at t = 1660 yr 

Parameter Model Observed 

R (pc)   3.7 3.7 x 6.1 
V (km s_1)   2200 
R/V (yr)  1600 
M (Mq)  2.6 
Eint (ergs)   3.1 x 1048 

Ekia (ergs)  1.3 x 1050 

Pi (dynes cm 2)   1.7 x 10 10 

vsh (km s-1)   59 
pe (g cm-3)  5.8 x 10"25 

Lrad (ergs s"1)  9.5 x 1034 

nebula. For the conditions predicted here, the [O i] 26300 line 
may be most appropriate for a shell search. 

Another advantage of a small value for t is that the age of 
the remnant is maximized so that there is sufficient time to 
produce the large nebula with a radius of 18 pc observed at 
X-ray, optical, and radio wavelengths (Seward et al. 1983). For 
an age of 1660 yr, an average velocity of 10,600 km s-1 is 
involved in creating the nebula. Such rapid expansion is plaus- 
ible if the remnant has been expanding in a low-density stellar 
wind bubble and is now beginning to interact with a wind- 
created shell (Chevalier & Liang 1989). Low velocities are 
observed in the optical emission because the emission is due to 
slow radiative shocks being driven into dense shell gas. 

Two other nebulae with associated pulsars are the Vela 
remnant and CTB 80. Both of these objects are fairly old and 
appear to involve interaction with the interstellar medium. 
Another class of objects show synchrotron nebulae like the 
Crab Nebula (e.g., 3C 58), but do not have directly observed 
pulsars. Although the present theory may apply to some of 
these objects, there are generally not enough observational 
constraints for informative comparisons. 

3.2. Supernovae 
The other aim here is to examine whether younger objects 

show evidence for pulsar excitation even though a pulsar is not 
directly observed. We assume that the ages are i t so that the 
theory developed in § 2 for constant L applies. An obvious 
candidate is SN 1987A, which provides a strong test for the 
presence of a pulsar because of its proximity. Fransson & Che- 
valier (1987) and Colgan & Hollenbach (1988) have already 
discussed the fact that highly ionized atoms would be expected 
from photoionization by a pulsar nebula. Sato & Yamada 
(1991) considered pulsar bubble models of the type described 
here and noted that the radiative efficiency could be small. 
They also considered the radiative output for the density 
profile from a specific one-dimensional model for the super- 
nova. Here we assume that instabilities will be able to smooth 
the density profile so that the density profile is as described 
above; the observed line profiles for SN 1987A do not indicate 
the presence of a shell. 

Suntzeff et al. (1992) find that a central pulsar can be contrib- 
uting no more than ~8 x 1036 ergs s-1 to the ultraviolet 
through infrared luminosity of SN 1987A on day 1500. Any 
pulsar bubble must still be in the radiative phase; for a radi- 
ative luminosity of 0.015L (Table 1), the maximum pulsar 
power output is 5 x 1038 ergs s-1. From equations (2.10) and 
(2.11), the maximum shell velocities are hundreds of km s-1. 
The best way to search for pulsar effects may be to search for 
line emission with this characteristic Doppler width; it should 
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be present even if the radiative efficiency of the pulsar bubble 
itself is small. 

If a pulsar bubble with a high radiative efficiency is present 
in SN 1987A, our discussion in § 2.5 shows that the emission 
depends sensitively on the chemical composition close to the 
bubble. If the gas is oxygen-rich, the [O m] 224959-5007 is 
expected to have a luminosity ~5%-10% of the total ionizing 
luminosity. If there is also a high sulfur abundance in this zone, 
as indicated by models, the [S m] 229069-9532 lines are 
expected to have a similar luminosity. Except for the narrow 
circumstellar emission, no [O m] emission is seen in the 
spectra of SN 1987A. As a rough upper limit we take 50% of 
the [O i] 226300-6364 luminosity on day 806 from the spectra 
in Phillips & Williams (1991). This gives an upper limit of an 
~5 x 1035 ergs s"1 to the [O m] emission. Assuming an effi- 
ciency of ~ 5%, this results in an upper limit of ~ 1 x 1037 ergs 
s_1 for the ionizing continuum from a central pulsar nebula. A 
similar limit is obtained from the [S m] 229069-9532 line. The 
presence of dust, as well as a composition dominated by iron 
group elements, in the inner regions could make this limit less 
stringent. However, the limit is comparable to that from the 
bolometric luminosity (Suntzeff et al. 1992). Our analysis 
emphasizes ultraviolet through infrared line radiation; 
Woosley, Pinto, & Hartmann (1989) have discussed the hard 
X-ray radiation that might be expected from a pulsar nebula. 

The models can be applied to late observations of other 
supernovae. The problem is that circumstellar interaction is 
another possible source of optical emission and could be con- 
fused with pulsar emission. Supernovae that have been opti- 
cally observed at late times (e.g., Leibundgut et al. 1991) also 
show radio emission, which indicates that circumstellar inter- 
action is taking place. Chevalier (1987) suggested that pulsar 
emission could be occurring in SN 1986J because of the 
narrow line profiles. The suggestion was initially based on the 
narrow H and He lines, but observations of other supernovae, 
like SN 1988Z (Stathakis & Sadler 1991), show that narrow H 
lines can occur early when the inner regions are still optically 
thick. Some type of circumstellar excitation is indicated for 
these lines, which implies that narrow line emission is not nec- 
essarily from slow, central gas that is excited by a pulsar 
nebula. If there is ambiguity about the excitation source, a 
strong prediction of the pulsar nebula model is that the velo- 
cities of the emitting gas should be found to increase with time. 

4. DISCUSSION AND SUMMARY 

The aim of this paper is to present a unified picture for the 
appearance of a pulsar nebula that is interacting with sur- 
rounding supernova gas. A minimum amount of luminosity is 
produced by the shock front that is driven into the supernova 
gas; this is generally about 1.5% of the total supernova power. 
Additional luminosity can be produced by emission from 
within the pulsar bubble and we consider the emission from 
supernova gas that is excited by a central pulsar nebula. 
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The dynamical model can be tested by observations of 
nebulae known to contain young pulsars. The Crab Nebula is 
a well-observed case, but is one in which the external super- 
nova gas has not been detected so that the basic model remains 
to be confirmed. The expectation is for cool, photoionized gas 
surrounding the Crab Nebula (possibly observed by Murdin & 
Clark 1981) and for a fast shock front at larger radii. The fast 
shock would be best observed by nonthermal radio emission. 
The presence of an outer fast shock front and an inner pulsar 
nebula is clearly seen in the radio observations of 0540—69 
(Kesteven, Manchester, & Staveley-Smith 1991). We suggest 
that the central optical emission in this case is produced by a 
shock front driven into the freely expanding ejecta by the 
pulsar bubble. A prediction of the model is that the optical 
morphology should be less filamentary than that of the Crab 
Nebula, which is composed of swept-up photoionized gas that 
has undergone a Rayleigh-Taylor instability. The third nebula, 
MSH 15 — 52, has relatively little data available on the pulsar 
nebula, except at X-ray wavelengths (Seward et al. 1984). A 
small value was chosen for the pulsar t in this case so that the 
early energy deposition is able to create a fast shell nebula, as is 
indicated by the size of the X-ray emitting region. This also has 
the effect of giving a relatively weak inner shock front at the 
present time (no such shock emission has been observed) and 
of maximizing the age of the remnant, which may be needed to 
produce the large-scale supernova remnant. This model 
requires a powerful initial pulsar, with a power output close to 
1 x 1041 ergs s”1. The reason for the large L0, and the small t, 
is a strong pulsar magnetic field; the estimated initial period is 
close to that for the Crab pulsar. A prediction of our model is 
the presence of a shell around the X-ray pulsar nebula; it may 
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The modeling of pulsar nebulae gives some information of 
the history of the central pulsar power output. For the Crab 
Nebula and 0540—69, the pulsar cannot have become active 
very recently, but must have an age comparable to the age of 
the supernova. However, it is possible that the pulsars became 
active years or tens of years after the supernova explosion. 
Observations of supernovae in this age range are needed to 
determine whether active pulsars are present. When the 
minimum shock luminosity argument is applied to SN 1987A, 
the upper limit on the current pulsar power is 5 x 1038 ergs 
s“1. Our spectral models make specific predictions for the sig- 
nature of a pulsar nebula at an age of up to tens of years. A 
general prediction is the acceleration of the emitting gas by the 
pulsar nebula. Observational studies of Type II supernovae at 
late times should certainly be carried out, but a substantial 
investment of telescope time is required because the nebulae 
are likely to be faint. The payoff may be a better understanding 
of early pulsar evolution. 
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